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Observational and theoretical study of the point sources of very high energy γ-ray
emission
Iurii Babyk
Abstract
The study of the sky using the most energetic photons plays a crucial role in de-
tecting and exploring high-energy phenomena in the Universe. Observations conducted
over recent years with new ground-based and space-borne gamma-ray instruments re-
veal that the universe is full of extreme accelerators, i.e., objects with surprisingly high
efficiency for acceleration of electrons. In particular such an efficient acceleration is ob-
served in gamma-ray-loud binary (GRLB) systems.
GRLBs are a newly identified class of X-ray binaries in which interaction of an
outflow from the compact object with the wind and radiation emitted by a companion
star leads to the production of very-high-energy gamma-ray emission. Only five such
systems have been firmly detected as persistent or regularly variable TeV gamma-ray
emitters. All GRLBs detected in the TeV energy range contain a hot, young star and
exhibit variable or periodic emission at multiple wavelengths across the electromagnetic
spectrum. Details of the physical mechanism of the high-energy activity of GRLBs are
not clear yet. Broad multi-wavelength observations are crucial to reveal the character-
istic energies of the relativistic wind and better understanding of the nature of these
sources. It looks quite possible that all these systems can be understood within the
“hidden pulsar” model, and the observed differences are due to the different sizes of the
system.
In my work, I concentrate on the X-ray and gamma-ray emission observed from
gamma-ray binaries PSR B1259−63 and LS I +61◦ 303 with Suzaku, XMM-Newton,
Swift, Chandra and Fermi observatories. In PSR B1259−63, the compact source is a
vii
young 48 ms radio pulsar orbiting Be-type star with period of 3.4 years. During my stud-
ies, I have been intensively involved in the analysis of the results of two multi-wavelength
campaigns organized in 2010 and 2014 during the periastron passages in this system.
These observations reveal complex spectral variability of the source as it passes through
the disk of the companion star. In my work, I have tested different theoretical models
trying to reproduce the observed behaviour. For LS I +61◦ 303, I have analyzed histor-
ical data of Suzaku, Chandra, XMM-Newton, Swift and for the first time demonstrated
the variability of the source column density along the orbit.
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Chapter 1
From X-ray binaries to
gamma-ray binaries
In this chapter, I describe the current knowledge about X-ray binary systems and
their parts, namely about neutron stars, pulsars, companion stars, etc. I also overview
the multi-wavelength picture of X-ray binary systems. I show how X-ray binaries came
to be observed at gamma-ray wavelengths. I give a current review of five gamma-ray
binary systems, their observational and theoretical characteristics, and try to answer why
these objects are significant astrophysical laboratories giving access to many different
physical conditions on a regular timescale. I also discuss the basic ingredients that
models of gamma-ray binary systems use including OB-type stars and Be-pulsars. In
addition, I show the challenges that these models currently face. For PSR B1259−63, I
discuss the main properties of a companion Be-type star and compact object (a neutron
star) that orbit with a period of 3.4 yr around the massive Be-type star. I describe the
physical processes during interaction between pulsar and star winds, i.e., I review the
radiation processes performed in a pulsar-wind-nebula complex, as well as non-thermal
emission processes inside binary systems. For the other four objects, since these sources
are less well known than PSR B1259−63, I give some general observational results, i.e.,
a review of X-ray and Gamma-ray observations on different timescales. In Summary, I
discuss why these sources are significant for the present understanding of the production
of high-energy and very-high-energy emissions, and why I decide to study gamma-ray
binary systems.
1
1.1 X-ray binaries
In the late 1960’s - early 1970’s, it was hypothesized that the sources visible in
the hard X-ray (> 10 keV), may be associated with neutron stars in binary systems
(see Fig. 1.1). At the same time, in 1964, [1] pointed to the possibility of experimental
observation of black holes, due to the large energy of accretion onto a black hole in
a binary system. With a significant accretion rate, which is supported by filling the
Roche lobe of the optical star (the Roche lobe is the region surrounding a star in a
binary system, in which matter is bound to the star by gravity), an accretion disk
around the compact object is formed. Determining the type of compact component
in the binary systems remains one of the most pressing problems facing observational
galactic X-ray astronomy. Reliable identification of the X-ray object around the optical
star is only possible by collecting more information about the coincidence of temporary
manifestations of the object in the hard X-ray and optical radiations. Such information
can be obtained using simultaneous monitoring of flares, correlation with the X-ray and
optical brightness, as well as simultaneous observation of a batch process with the same
period value as in X-ray and optical studies.
It should be noted that most X-ray binary stars are strongly variable in the
hard spectral range, and temporal variations of flux are very diverse. Observed sources
that are characterized by regular periodic changes in flux, possibly including eclipses,
identify such objects as binary systems [2]. The periodic processes observed in hard X-
ray radiation of binaries, can be caused by the following reasons. The orbital motion of
the components may result in periodic changes in the X-ray flux associated with eclipses
of ordinary star field radiation. Typical periods lie in the range of ∼1 day for massive
binary systems (for example, the system 4U1700-37, for which P = 3.412 d [3, 4]), and
∼2 d for sources as Cen X-3 [5]. The low-mass systems are characterized by lower values
of the orbital periods (for example, according to the measurements in the optical range
of the orbital period of Sco X-1 is ∼0.787 d [6]). Pulsars are also known with rotational
periods in the 1-10 ms range [7–15]. The phases, that characterize the nature of periodic
eclipsing, have the form of more or less deep dips with rectangular shape in the case of
total eclipses or flattened shape in the case of incomplete eclipses. The width of the dip
essentially depends on the inclination of the orbit of a compact component, as well as
the distance between the components and the instead of a star. There is the possibility
of hard radiation modulation with a period that is equal to the orbit, and not associated
with eclipses. Thus, changing the distance between the components can lead to periodic
changes in the rate of accretion.
Radio (see Subsec. 1.1.3) and X-ray (see Subsec. 1.1.2) pulsars have different
mechanisms of pulse production. The radio pulsars have pulsations with periods of
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Figure 1.1: The binary system PSR J1023+0038. The image is taken from ICRAR
(http://www.icrar.org/).
milliseconds to seconds [16–18]. All radio pulsars lose angular momentum and slow
down. On the contrary, the X-ray pulsars demonstrate spin-down and spin-up behavior.
99% of radio pulsars are isolated objects. They emit their rotational energy in the form
of high-energy particles. The X-ray pulsars are members of binary systems. The X-ray
pulsars accrete matter consisting relativistic particles from the wind of stars or accretion
disks. However, the nature of spin behavior of X-ray pulsars is unclear [19]. One of the
possible factors leading to the emergence of periodicities in the hard radiation of binary
systems is the precession of the accretion disk. It is believed that the precession results
from long-period processes, and periods may exceed the value of the actual orbital
periods. Periodic changes of flux can also be caused by the precession of the rotation
axis of the components of the binary system. Studying the periodicities of averaged
phase profiles in hard X-ray radiation allows us to determine the dynamic parameters of
the system, and also allows us to study the exchange of energy and momentum between
the system components. The observations in X-rays provide information directly related
to the spatial regions in the source, where processes with a large release of energy occur.
The majority of low-mass X-ray binaries do not present as pulsars, i.e., apparently,
they contain slowly rotating neutron stars with a relatively weak magnetic field. Here,
the “weak” refers to magnetic fields, characterized by the value of B ∼ 109-1010 G, that
are weak in comparison with the magnetic fields of X-ray and gamma-ray pulsars (B
∼ 1011 - 1014 G) [20]. It can be assumed that these objects must be quite old, since
according to the standard scenario, the magnetic moments of the newly born neutron
stars must be higher, because the law of conservation of angular momentum in the
process of gravitational contraction should cause the rotation of the star to speed up.
In the process of evolution, the magnetic field of a neutron star gradually deteriorates,
and its rotation is slowed down due to radiation and due to the action of tidal forces if
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the neutron star is part of a binary system [20, 21]. Confirmation of such a scenario is
the fact that the optical low-mass companions of the binaries that are not pulsars are,
as a rule, old stars typically corresponding to spherical populations such as the galactic
bulge or globular clusters. At the same time, the optical companions of the majority of
X-ray pulsars in binary systems are the hot, young giants located in the galactic arms
(disk population) [22, 23].
The temporal X-ray properties of non-pulsar low-mass binaries are very diverse.
There are several main groups:
• Bursters, i.e., sources that are characterized by short, sporadic increases in the
flux of X-rays such as flares.
• Sources that are characterized by irregular noise variation of X-rays.
• Transients or temporary sources, for which there is some intense increases in X-ray
flux, the duration of which is usually from a few hours to days or even months.
In addition to the marked time features, the low-mass binaries with old neutron stars
have a number of additional common properties. In particular, their optical companions
are dim stars, whose spectra have no features associated with absorption. Such objects
have relatively high X-ray luminosity compared with the optical: LX/Lopt ∼ 102 - 104
(for massive binaries LX/Lopt ∼ 10−4 - 101). It is mainly due to a lower X-ray luminosity
(LX ∼ 1034 erg/s) of low-mass binaries in comparison with the massive objects, where
the X-ray luminosity can reach 1037 - 1038 erg/s. The X-ray spectra of the low-mass
binaries are softer than the spectra of X-ray pulsars. Furthermore, periodic X-ray type
eclipses are typically not observed in such systems [22]. In our Galaxy, about one
hundred low-mass binary systems that do not manifest themselves as X-ray pulsars
have been discovered. More than ten of them are in globular clusters, which due to the
distribution of stars in the Galaxy suggests a fairly high relative concentration of such
systems in globular clusters [24]. Most other systems of this type exist in the galactic
bulges, i.e., the spherical population of galactic objects concentrated to the center of the
Galaxy [22]. As a result, some researchers consider the galactic bulge as a kind of giant
globular supercluster. Many attempts have been made to detect pulsations of low-mass
X-ray binaries in the galactic bulge. However, all of them were negative, characterized
by the following upper limits: for the ∼3% (the range of fluctuations was ∼2·10−3-2 s,
[22]), for 1-10% (∼1.6-103 s, [25]), ∼ 30% (∼102-2·105 s, [26]).
X-ray sources found in globular clusters have apparently the same nature as the
sources of the galactic bulge. They are compact low-mass binary systems containing a
neutron star with a weak magnetic field. Such clusters are “enriched” by X-ray sources
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[22]. Since the density of objects in a globular cluster is maximum at the center, it has
been suggested that X-ray sources are also located near the centers of globular clusters.
This assumption was firstly confirmed by the observations of the satellite SAS3, which
allowed the coordinates of these sources to be determined with high accuracy. The
relatively high concentration of X-ray sources in globular clusters is a result of the high
concentration of compact objects, especially in the central regions of clusters.
As noted above, many of the low-mass binaries manifest themselves as X-ray
bursters, i.e., sources with rather short (from a fraction of a second to several hundred
seconds) bursts. There are type 1 and type 2 bursters. Most of the known bursters
are sources of type 1, which are characterized by relatively long intervals between bursts
(from hours to a day or more), and “softening” of the spectrum [22]. Type 2 bursters are
similar to the source MXB 1730-335, and received the name of “Rapid Bursters”. These
sources are located in globular clusters and generate bursts with the intervals between
them from seconds to minutes. The duration of the bursts can vary by two orders of
magnitude (from a fraction of a second to tens of seconds). The fluence of bursters is
approximately proportional to the waiting time between bursts.
The physical mechanisms leading to the generation of bursters of type 1 and 2
are significantly different. It has been observed that the spectral evolution of some
bursters of type 1 are in good agreement with the model that considers the cooling-ray
bursters. Today it is a generally accepted theory that type 1 bursters are caused by
thermonuclear explosions of accreting matter on the surface of the neutron star [27]. As
a result, the released energy is converted to a quasi-stationary X-ray radiation, which
is also observed for the majority of sources of type 1 bursters. As for type 2 bursters,
they can not be generated due to thermonuclear explosions, because the high frequency
of repetition requires a very high rate of accretion during which the significant flux of
quasi-stationary X-ray radiation should be observed. However, this flux is not observed
from the type 2 bursters. Therefore, the hypothesis has been suggested that the type 2
bursters are associated with various accretion instabilities, i.e., the gravitational energy
of the accreting material from collapsed object is a source of energy [28]. The estimated
size of the emitting object in this model gives an effective radius of the “black body”
of 7-10 km. The estimated luminosity within a typical distance from the source in the
region of the galactic center, ∼10 kpc, and assuming a mass of the emitting object
of ∼1.4M⊙ gives a value close to the Eddington limit1. Thus, the estimated size and
mass provide evidence that the radiating object in sources such as X-ray bursters is a
neutron star. In addition to the X-ray bursters, the low-mass binary includes objects
1The maximum luminosity for which the gravitational force on a fluid element exceeds the radiation
pressure force, i.e., the maximum luminosity at which matter can be accreted [10].
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Figure 1.2: The schematic view of a neutron star. The image is taken from [31].
that are characterized by extremely irregular variations of flux. One of these objects is
the well-known Sco X-1.
It should be noted that the periodic processes in hard X-ray radiation could be
observed for a relatively small number of low-mass binary systems with neutron stars.
This is because the compact binary systems must have relatively short orbital periods,
and in such systems it is difficult to ensure favorable conditions for the full eclipse of
the optical component emitting region due to the relatively small size of the relative
accretion disk sizes.
1.1.1 Neutron stars
Neutron stars are extremely compact objects (with a radius of about 10 km) with
a powerful magnetic field. Due to the fact that they consist almost entirely of neutron
matter it is possible to “pack” a mass comparable to the mass of the Sun into such a
small, in astronomical terms, region. The existence of neutron stars was predicted in the
1930’s by L.Landau immediately after the discovery of the neutron in 1932. Note that
all neutron stars whose masses are known with sufficient accuracy (they are members of
binary pulsars) have masses in the range of 1.4 to 3.2 solar masses [20, 29, 30].
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Neutron stars are one of the most interesting astronomical objects from the phys-
ical point of view (see Fig. 1.2). The physics of neutron stars is connected with su-
perfluidity. These sources are important for plasma physics, especially for studying the
interaction of plasma with a strong magnetic field and the processes of superstrong mag-
netic fields. In addition, neutron stars are one of the most important laboratories for
tests of general relativity.
In the 1960’s radio pulsars were discovered and identified with neutron stars. To
date, astronomers have found more than 2,500 of these compact objects2. Most of them
are radio pulsars, i.e., sources with strictly periodic radio pulses, and the rest are X-
ray or gamma-ray sources. What is the actual number of neutron stars in the Galaxy?
Astronomers believe that our Galaxy includes millions of such objects. It is quite simple
to detect such objects, if the neutron star is a component of a binary system. Such
systems are characterized by the accretion onto the surface of a neutron star from the
second component of the binary. As a result, there is powerful X-ray radiation that we
can detect with spacecraft instruments.
However, neutron stars do not only exist in binary systems. Firstly, isolated neu-
tron stars can be formed as a result of the collapse of the binary system. Isolated neutron
stars can also be formed as a result of “natural death”, i.e., a supernova explosion, i.e.,
in the case of an initially single massive star.
The detection of an isolated neutron star is a rather complicated task. It is
difficult to detect an object with a diameter of only 10 km, with the thermal radiation
of the object, even if it has a higher temperature, and with a distance that is more than
one kpc. To see an isolated neutron star at such a large distance can be exclusively
achieved only during two stages of its evolution. The most famous is the so-called
ejection stage when the radiation of a rapidly rotating neutron star (electromagnetic
radiation or wind of relativistic particles) does not allow the substance to fall on its
surface, and then we can see the neutron star as a radio pulsar. But, unfortunately,
this stage is relatively brief. In addition, the pulsar emits asymmetrically, and the beam
can slide past the Earth. For this reason, we do not see more than half of pulsars that
are available for us. If a young star has an extremely strong magnetic field, 1015 G,
then such an object is called a “magnetar” (see Fig. 1.3), and it can be found during
detection of soft gamma-ray bursts, and probably also as an X-ray source.
It is much more interesting to see a single neutron star during the accretion stage,
which can take up a significant portion of its evolution if the star is not moving with
very high speed [32, 33]. During this stage, matter is falling onto its surface without
anything opposing it. The various processes that accompany this fall give the possibility
2According to the ATNF Pulsar Catalogue, http://www.atnf.csiro.au/research/pulsar/psrcat/
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Figure 1.3: An image of the magnetar in the yang star cluster Westerlund. The image
is taken from wikimedia.org.
of detecting the neutron star. But, where does the matter come from if we are dealing
with an isolated neutron star? The answer to this question is not very complicated. We
should not forget that space is not a void. All space between the stars is filled with gas
and dust. Thus, the interstellar medium could well become a source of matter which
accretes onto a neutron star. The idea of the accretion of the interstellar medium into
the neutron stars, as well as into the black holes, has been debated by scientists for a
long time. Since the nineties, the modern X-ray satellites such as ROSAT began to be
able to detect such objects [34], the mechanism of energy has begun to attract more
and more attention of astrophysicists. Now the new generation of X-ray satellites has
detected about one hundred candidates of isolated accreting neutron stars, and these
detections require detailed study and analysis, as well as new observations with modern
instruments.
Recent calculations show that the brightest sources must be observed during
the flight of the neutron star through molecular clouds, since they are characterized
by the high density of interstellar matter. Thus, depending on the speed of the star
relative to the cloud, as well as its density, the accretion can assume very interesting
shapes. For example, if the velocity of the neutron star with respect to its surrounding
matter is sufficiently small, e.g. several kilometers per second, and the cloud has a high
concentration (102 − 104 cm−3), then we may see the so-called regime of supercritical
accretion which forms jet emissions [33].
Another case of accretion onto the neutron star during its contact with the molec-
ular cloud is associated with the fact that the magnetic field (with the rapid rotation)
may be able to keep matter from falling for some time [35]. In such circumstances, a
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shell can be formed around a neutron star. When the mass of the shell becomes too
large, the magnetic field and the rotation will not be able to keep the plasma supported,
and it will fall to the surface of the neutron star. Then this process repeats. Thus, such
a neutron star becomes a periodic X-ray source. In this case, astronomers are able to
see such objects, because the emitted energy is released in a relatively high-power pulse,
which is easier to register. Flares can also occur on the surface of the neutron stars. It
is another type that associated with thermonuclear reactions. During these flares the
matter accumulates on the surface of star. Their power is about 10 times lower than in
flares that happen due to a fall of the matter onto the surface (such objects are observed
in binaries and are called “bursters”, see above for details).
By the way, when the neutron star passes through the dense molecular cloud, an
interesting effect can occur (it is somewhat similar to the hysteresis effect), that was
described in the 1970s by the Russian astronomer V. Shvartsman [36–38]. During the
pulsar stage the neutron star enters into the molecular cloud (ejection), after that this
step is replaced by a stage of accretion since the falling matter on the surface of the star
“crushes” the pulsar. Then, after the departure of the neutron star from the clouds,
the pulsar may not re-appear, since the matter is now so close to the surface that it is
not so easy to “scatter”, using, for example, a magnetic field. If we could a look at our
Galaxy from the side, we would see that the neutron stars that are accreting matter
from molecular clouds are mainly distributed in the region at a distance of 5-7 kpc from
the center. This is due to the fact that here the density of the interstellar medium has a
maximum, as well as the distribution of neutron stars, which has a toroidal shape with
a maximum at about the same region of the Galaxy.
How many isolated neutron stars are located around the vicinity of our Sun?
According to various estimates, their number amounts to several thousand. But why do
we not see them? This is due to the fact that the luminosity of such X-ray sources is
low, about 1031 erg/s, if the accretion comes from the inter-cloud environment. In the
dense molecular cloud the luminosity of an isolated star can reach 1036 erg/s. In this
case, we must assume that luminosity will depend not only on internal parameters of
the interstellar medium and the neutron star, but also on their relative velocity, since
luminosity is proportional to υ−3 (if speed is decreasing, the luminosity will increase).
However, the probability of small velocities, 20-40 km/s and below, is very small. Due
to the asymmetry of supernova explosions, the neutron stars must have a very large
average speed, 200-300 km/s [36, 37]. It is important to note that such systems have
not been discovered yet.
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1.1.2 X-ray pulsars in binaries
As noted above, a neutron star with a strong magnetic field (∼1011-1013 G),
and a member of a compact relativistic component of the binary system, determines
the existence of an astrophysical object like the X-ray pulsar. The model of a rotating
neutron star in a binary system located in the accretion phase, provides an explanation
of short- and long- period X-ray pulsars [39]. The properties of pulsars are determined
by the magnitude of the magnetic field on the surface of a neutron star, by the type
of the companion star, the degree of filling of its Roche lobe and the distance between
the components of the binary system. Because of conservation of the magnetic flux we
expect that neutron stars have magnetic fields which are (Rstar/Rns)
2 higher than those
of normal stars.
A neutron star can accrete matter either by capture of stellar wind of the optical
companion, or as a result of the expiration of the donor star through the Roche lobe.
At the neutron star, the accretion flows are characterized by a strong magnetic field,
which causes the ionized matter to fall along the field lines in the magnetic poles of the
neutron star. The discrepancy between the axis of rotation of the neutron star and the
axis of the magnetic dipole, as well as the possible asymmetry of radiation areas near
the polar caps leads to a pulsed radiation with a period equal to the period of rotation
of the neutron star with an intensity proportional to [39–43]
L ∼ GMXM
′
RX
≃ (1.2× 1036erg/s) ·
(
M˙
10−10M⊙yr−1
)
·
(
MX
1.4M⊙
)
·
(
10km
RX
)
, (1.1)
where RX is the radius of the neutron star, MX is the mass of the neutron star, M˙ is
the time rate of mass loss of the neutron star by accretion, and G is the gravitational
constant. The presence of angular momentum from falling matter, as well as the inter-
action between the incident flux and magnetic field, lead to the change of the moment
of a neutron star, which leads to the observed changes in the pulsation period of a few
days [44].
The luminosity of an accreting neutron star allows us to obtain an assessment of
“black-body” effective temperature Teff of the emitting region using the basis of the law
of Stefan-Boltzmann’s, L = S ·T 4eff . In the case of the typical size of the emitting regions
near the polar caps, S ≈ 1 km2, Eq. 1.1 gives the value of the effective temperature
kTeff ∼ 3 keV. The peak of the X-ray spectrum of an accreting pulsar is observed at
these energies (in the spectral representation νJν , where Jν is the spectral flux density,
while ν is the frequency of the detected radiation). However, as noted above, the overall
emission spectra of the hard X-ray pulsars are non-thermal in nature and in the energy
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range from a few to hundreds of keV, significantly harder than predicted by blackbody
spectrum with the effective temperature. Thus, the spectrum of the hard X-ray radiation
of the typical X-ray pulsar in a binary system can be represented as a combination of
the blackbody spectrum with an effective temperature of a few keV and a non-thermal
“tail” that can be approximated by a power law with a slope of ∼ 1.5. Usually, there is
an exponential cut-off or break in the non-thermal spectrum at energies in the range of
5 to 25 keV [19].
The first X-ray pulsar discovered in a binary system, Cen X-3, was detected by the
first cosmic X-ray Observatory Uhuru [45]. A comprehensive study of this object gave an
understanding of the processes of accretion in a binary system, as well as the mechanisms
of pulsations in the framework of the concepts discussed above [46–48]. Since then, X-
ray pulsars have been intensively studied in a number of space experiments, including
orbiting observatories Ariel5, SAS3, OSO8, Einstein, Ginga, EXOSAT , ROSAT ,
RXTE, Swift, XMM-Newton, Chandra, etc. Great contributions to the study of X-
ray pulsars were made using the Space Observatory Compton (CGRO), in experiments
using BATSE apparatus [49]. Thanks to the detectors, which provide observations
in the monitor mode of the entire sky, data were obtained on the evolution of many
pulsars over a long (almost 10 years) timescale. The so-called transient pulsars, which
are characterized by an extremely unstable intensity, were also investigated. Several new
sources of this type were discovered including the famous flaring pulsar GRO J1744-28
[50]. For many pulsars, the optical component was identified. This component is the star,
which supplies the matter. In addition, the parameters of the orbits of the components of
the binary system were derived. The small moment of inertia of the neutron star makes
it possible to measure directly the speed variation of the pulsar (with characteristic times
of the day). This allows us to define the nature of the accretion flow in a binary system.
In particular, a constant trend in the change of the speed indicates the presence of an
accretion disk (accretion fed), while the short-term changes without constant trend are
usually associated with accretion of stellar wind (wind fed).
After the new X-ray observatories RXTE, ASCA, BeppoSAX, Chandra and
XMM-Newton were launched in the late 1990s, the list of the detected X-ray pulsars
expanded significantly. There are now a few thousand accreting pulsars known, including
tens that are called abnormal, the nature of which is not reliably established. Most of
the new pulsars in binary systems were discovered in the the Large and Small Magellanic
Clouds. Thus, from the total number of the currently known X-ray pulsars only a few
are in galaxies, i.e., M31 [51, 52] andM33 [53], 28 are in the Large and Small Magellanic
clouds, and the rest are considered to belong our Galaxy. The range of rotation periods
of the magnetic neutron stars in binary systems varies from 2.5 milliseconds to about 3
hours.
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Figure 1.4: The Corbet diagram of Galactic pulsars discovered by X-ray missions.
Picture taken from [58].
The accreting pulsars in binary systems can be divided into groups depending
on the mass of the donor star. There are the so-called low-massive system (Mcomp
∼ 2.5M⊙) and an optical system with a large mass companion (Mcomp ∼ 6M⊙) [54].
Massive binary systems can be divided into those containing a main sequence Be-type
star companion, and to systems with a super giant OB at a later stage of evolution.
The systems which include the super giant star may be further divided into objects in
which the companion star fills its Roche lobe (accretion disc), and systems in which the
accretion is a result of stellar wind effect. In some systems, there may be both these
types of mass transfer [55]. Fig. 1.4 shows a diagram of Pspin - Porb for those systems
in which both pulsation period and orbital period are known. Each of these classes
occupies a certain area in the diagram [56, 57].
Systems with OB-type stars. If the star is the supplier of the matter and fills
the Roche lobe, then the matter will flow with high angular momentum through the 1-st
Lagrangian point and form an accretion disk around the neutron star. Such systems
are characterized by short pulsation periods (Pspin ∼ 10 s) and relatively small values
of the orbital period (Porb ∼ 4 d). Following Fig. 1.4, an anti-correlation between the
rotation period of the neutron star and the orbital period can be seen for pulsars with
accretion disks. Since the accretion through the Lagrange point is highly efficient, they
emit constantly and have a fairly high luminosity ∼1037 erg/s. Typical examples of such
systems are the known sources Cen X-3, SMC X-1, LMC X-4 [5]. The peculiarity of
these objects is a high, relatively constant value of accretion rate indicating the existence
of accretion disks in these objects. This is also indicated by optical photometry showing
the presence of ellipsoidal variations associated with the distortion of the donor star
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by tidal forces and the excess emission arising precisely because of the presence of an
accretion disk [59].
The systems in which the accretion comes from the stellar wind are characterized
by large values of the orbital period and the pulsation period. They also emit constant
radiation but with less intensity (L ∼ 1035-1037 erg/s). Additionally they are charac-
terized by fast (compared with the orbital period) fluctuations in the rotational speed
of the neutron star when its acceleration is replaced by deceleration and vice versa [60].
It should be noted that the capture of matter from the high-speed stellar wind by the
neutron star is not very effective, so an acceptable accretion rate M˙ , ∼10−10M⊙ yr−1,
is achieved mainly due to the large mass loss rate of the star, i.e. optical companion
(∼10−6M⊙ yr−1). The most famous object in this class is the X-ray pulsar Vela X-1 [49].
Most pulsars with OB-type stars are located in the galactic plane, which corresponds
to the fact that massive optical components of the system are short-lived stars and also
they typically populate in the disk of the Galaxy.
Be-pulsars. The pulsars with Be-components occupy the third area in the
Corbet diagram showing a correlation between the orbital period and the pulsation
period. They form the most numerous population (tens of sources) among all types of
accreting pulsars in binary systems (it is interesting that almost half of them have been
discovered in recent years in the Large and Small Magellanic clouds [61]). The optical
companions in such systems are O− or B−type stars which remain on the main sequence
and, therefore, do not fill their Roche lobe. The high-energy radiation of binaries with
Be−type stars is usually observed during the transient (temporary) intense flares of
activity (outbursts) [62]. Moreover, outbursts typically correspond to the passage of
periastron during motion on an eccentric orbit [49]. It is assumed that the X-ray flares
are caused by the absorption of the matter onto the neutron star, as a result, the small
flares can be explained by the direct accretion of stellar wind [63], while the brightest
flares can be explained by assuming the formation of an accretion disk [49]. As can be
seen from Fig. 1.4, the Be-pulsars are characterized by a correlation between the orbital
period and the rotation period of the neutron star. This correlation may be due to the
fact that in the case of, for example, systems with components about the same mass,
the system with large orbital period of the neutron star is disposed at a greater distance
from the optical component and, as a result, the average accretion rate in such a system
will be less [63].
13
Figure 1.5: The diagram characterizes the derivative changes of the rotation period
with the rotation period. Red crosses mark pulsars from which gamma-rays are not
recorded, blue and green points correspond gamma-ray pulsars, and magenta squares
are binary systems. Figure credit [67].
1.1.3 Gamma-ray pulsars
Isolated neutron stars in supernova remnants emit mainly at radio wavelengths
[64]. Only some of them are characterized by a hard spectrum extending up to the
gamma-ray range (i.e. gamma-ray pulsars) [65]. The first object of this type was dis-
covered in our Galaxy and is known as the pulsar in the Crab Nebula (Crab) [66]. It
is assumed that the gamma-ray pulsars are magnetic neutron stars, and the magnetic
field has values of ∼ 1012 - 1013 G. At the present time, a couple of hundred gamma-ray
pulsars are known3. The light curves for the same objects are quite different in different
energy bands, which is testified to by the fact that the mechanisms of hard radiation
at different energies may not be the same. In particular, in the soft X-ray band, the
radiation probably has a thermal nature and is generated near the surface of the neutron
star, which is clearly not the case for the gamma range.
Fig. 1.5 shows the pulsar distribution depending on the time period of the neutron
stars and the derivative of this period [67]. Until 2008 only 7 pulsars were observed at
very high energies (> 1012 eV), including the pulsar in the Crab Nebula (see left image of
Fig. 1.6). However, all seven gamma-ray pulsars observed at energies > 100 MeV can also
be seen at energies above 5 GeV. The results of EGRET observations indicate that the
light curves of at least four, most statistically robust objects (Crab, Vela, Geminga, PSR
B1706-44) have significant changes in their lightcurves at energies above 5 GeV [68]. The
double-peaked character of the light curve is transformed into an almost single peaked
3https://confluence.slac.stanford.edu/display/GLAMCOG/Public+List+of+LAT-
Detected+Gamma-Ray+Pulsars
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Figure 1.6: The distribution of pulsars on gamma-ray sky before (left figure) Fermi
with the newly discovered pulsars (right figure). The images are taken from the official
Fermi web-page.
curve. As a result, the amplitude of the first peak in the lightcurve does not completely
disappear, but becomes substantially less than the next peak’s amplitude. In addition,
the lack of gamma-ray data obtained by very-high-energy ground-based instruments
from gamma-ray pulsars (except Crab) indicated that their spectra at energies of 10-100
GeV must be steeper [69–73].
Up to now it is not clear where and how the high-energy non-thermal radiation in
the pulsar’s magnetosphere forms. Since the pulsations in the radiation of gamma-ray
pulsars are observed up to energies of ∼10 GeV, there is no doubt that the radiation
is generated by charged particles accelerated to ultra-relativistic energies in its magne-
tosphere. In this case, the Lorentz factor of these particles should be in the range of
105-107. It is believed that these particles can be accelerated to such high energies in the
large-scale electric fields. Such fields arise in the vicinity of the magnetic neutron star,
which is, in fact, a natural unipolar inductor [74]. It should be noted, however, that a
large electric field is capable of pulling out charges from the surface of the neutron star
against the force of gravity [75]. As a result, accumulation of high charge density in the
magnetosphere of a neutron star creates a compensating field, which effectively “cuts”
the component of the electric field parallel to the magnetic field everywhere, except for
a few local areas. It is assumed that the acceleration of charged particles occurs in areas
where E·B ∼ 0. These regions are apparently located above the surface of the neutron
stars near the polar caps and along the so-called zero charge surface corresponding to
the condition when ω · B = 0 (ω is the angular velocity of the pulsar). Accordingly two
classes (models) of high-energy generation in the magnetosphere of the pulsar are dis-
cussed; a model of “polar cap” (polar cap) [76, 77] and the model of “outer gaps” (outer
gap) [78–80], which give different predictions with respect to the spectral characteristics
of hard radiation, as well as on the relation between the number of gamma-ray pulsars,
quiet and active in the radio.
There are various versions of the “polar caps” model with differing assessments
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of the possibility of free emission of charged particles from the surface of the neutron
star [81–83]. This question is sufficiently uncertain, due to the incompleteness of our
knowledge about the composition of the surface of the neutron star and the physical
processes taking place there. In those models, where there is free emission of particles of
any sign from the surface of a neutron star, it is assumed that the surface temperature
(∼105 - 106 K) is greater than the value at which thermal emission becomes possible.
Although the longitudinal (i.e., parallel to the direction of the magnetic field) component
of the electric field is zero on the surface of the neutron star, the charge along the opened
field lines due to their curvature or relativistic increasing in the inertial system falls over
the surface of the neutron star to smaller values compared to corotation charge [74].
As a result of such charge deficiency, the uncompensated longitudinal component of the
electric field accelerates particles to the energies corresponding to the Lorentz factor
of γ ∼ 102 - 106. As a result of inverse-Compton scattering of thermal X-ray photons
which are emitted from the surface of the neutron star and the bending mechanism, the
accelerated particles are able to generate high-energy photons, which form the strong
magnetic field of the electron-positron pairs, which gives the rise to the development
of electromagnetic cascades. During the formation of the spectrum, the predominant
role is played by synchrotron radiation pairs, which are characterized by a very sharp
energy cut-off at energies above a few GeV due to the weakness of the process of pair’s
formation at these energies [76].
The “outer gap” model of the gamma-ray pulsars is based on the existence of a
vacuum field in the outer magnetosphere, which can be formed between the last open field
of power line and a surface with zero charge (B= 0) in a charge-separated magnetosphere
[80, 84, 85]. Such a gap is formed, since the ejection of the charges through the light
cylinder along the open field lines of the zero-charge surface can not be replenished from
below. It is assumed that the emission of these gaps is connected with the two magnetic
poles of neutron stars [78]. A similar pattern can successfully explain the observed
spectrum of the pulsar like Vela, but does not reproduce the light curves which are more
reliably obtained if the radiation is associated with only one magnetic pole [72, 86].
As a source of accelerated particles consider the electron-positron pairs which
form as a result of photon-photon processes. In the young type of pulsars, e.g. such as
the Crab, the pair is formed by curvature photons from the primary particles interacting
with non-thermal synchrotron X-rays generated by the same pairs. It is assumed that
older pulsars such as Vela, in which non-thermal X-ray emission is much weaker, the pair
are the result of the interaction of photons that have been affected by inverse-Compton
scattering of primary particles with infrared photons. However, this model predicts
large fluxes in the TeV range, that are several orders of magnitude greater than current
observational limits [84]. Therefore, improved models have been proposed. According to
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these models the thermal X-ray radiation generated at the surface of the neutron stars is
considered instead of infrared radiation. Thus, the required level of thermal radiation is
provided by the fact that a part of the accelerated pairs slow down and heat the surface
of the neutron stars [72, 79, 87].
The “outer gap” models predict a cut-off of the spectrum of high-energy radia-
tion at energies about 10 GeV due to cut-off of radiation losses of the spectrum of the
primary particles. However, this cut-off is much less dramatic than in the “polar cap”
models, since if the high-energy photons emitted in the outer magnetosphere, where the
local magnetic field is an order of magnitude weaker than on the surface of a neutron
star, the single-photon pair production will not play any role in any forming pairs or in
the spectral attenuation. Calculations show that in such cases the spectrum is charac-
terized by a relatively gradual exponential (rather than double-exponential) blockage at
high energies. Moreover, the “outer gap” models predict the existence of the radiation
component at energies of 1 TeV, making it possible to observe gamma-ray pulsars using
ground-based instruments [72, 74].
The “polar cap” and “outer gap” models give significantly different predictions
about which pulsars may emit gamma-rays and what is the ratio between the gamma-ray
pulsars, “active” and “loud” in the radio band. Thus, the “polar cap” model predicts
that all pulsars emit high-energy photons, and the problem of detecting gamma-ray
pulsars, thus, is only subject to the sensitivity of the observational instruments. At the
same time, the “outer gap” models predict that relatively old pulsars are not capable
of supporting the formation of pairs in the outer gap at a level which is sufficient to
keep activity in the gamma-ray range. The oldest known gamma-ray pulsar by far is
Geminga, which according to [68] is located just at the “border” that separates the
pulsars which are visible in the gamma-ray range from those that are not. Conversely,
the lack of evidence for the existence of older gamma-ray pulsars than Geminga can
serve as a basis for the confirmation or refutation of the models described above [83].
Numerical calculations of the morphology of the radio emission of many pulsars
favor the fact that radio emission is formed in the polar regions in the range of tens of
stellar radii from the surface of the neutron star [88, 89]. Consequently, in the “polar
cap” model a strong correlation is expected between gamma-ray and radio radiation.
On the other hand, in the “outer gap” model, the high-energy radiation is directed in
the opposite direction relative to the radio, so, in general, according to these models,
the pulses in gamma and radio bands should be observed at different times. The various
numerical estimations of the ratio between the expected number of gamma-ray pulsars,
active and loud in the radio bands, performed in these models show that in the case of
the “polar cap” model, the proportion of the gamma-ray pulsars which are loud in the
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radio range should be 10-25% of the the total number of the registered sources. At the
same time the “outer gap” models give a different ratio, i.e., the number of gamma-ray
pulsars which are loud in the radio band should be about 15 times higher than the
number of gamma-ray pulsars which are active in the radio range [74].
Thus, there is no reason to give preference to one or another model to explain the
mechanisms of generation of high-energy radiation of isolated magnetic neutron stars.
Apparently, the critical observations, in terms of the choice of an adequate model, are
observations in the gamma-rays range of very high-energy, because exactly for this energy
interval the different models predict significantly different behavior of the spectrum and,
thus, different estimates of the luminosity. Observations at energies of 1010-1011 eV are
extremely important to understand the generation mechanisms of high-energy gamma-
rays. Such observations became possible after the launch of Fermi which has helped
to close the gap of our knowledge about the nature of the spectrum of the gamma-ray
pulsars in this region of the electromagnetic spectrum.
In contrast to isolated gamma-ray pulsars, in the past few years several high-mass
X-ray binaries have been detected as gamma-ray binary systems, causing an intensifica-
tion of observational and theoretical interest.
1.2 Gamma-ray binaries
The γ-ray binaries are another type of binary system which display gamma-ray
emission. Gamma-ray binary systems show a non-thermal spectral energy distribution
clearly dominated by the gamma-ray emission and display an emission from radio to
very-high-energy gamma-rays. Since the spectral energy distribution is dominated by
gamma-ray emission, instead of by the X-ray emission, scientists refer to these sources
as γ-ray binaries. This definition is also physically consistent with the fact that the
nature of gamma-ray binaries are distinct from X-ray binaries emitting gamma rays.
For example, contrary to the X-ray binaries, whose states evolve with time, the X-ray
emission from gamma-ray binaries does not show signatures of an accretion disk and
their emission is always modulated by the orbital period of the binary system and does
not show changes between different states [90].
Typically, binary systems are considered to be thermal sources, in which the
gravitational energy of the compact object (neutron star or a black hole) is effectively
transferred to X-ray radiation emitted by the accreting hot plasma. However, effective
acceleration of particles is possible in gamma-ray binary systems, if a compact source
is a radio pulsar (in this case, the system is a compact analogue nebula formed by the
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pulsar wind, being in the field of photons emitted by the massive star), or, as a result
of acceleration of internal shock waves in the jet, formed near the black hole. Currently
only five gamma-ray binaries are known, namely LS I +61◦ 303, PSR B1259−63, LS
5039, HESS J0632+057, and 1FGL J1018.6-5856. The observational parameters of these
binaries (orbit, distance, companion star etc.) are known from optical spectroscopy and
radio observations, and are presented in Tab. 1.1. The schematic view of orbits of four
binaries is shown in Fig. 1.7.
The nature of the compact source is known only in the case of PSR B1259−63.
In this system, the 48 ms pulsar rotates in a highly elliptical orbit around the massive
Be-type star SS 283 with an orbital period of 3.4 years (see Fig. 1.8). The OB-type
star is characterized by a strong outflow of material from the surface. In the case of
Be-type stars, the strong outflow of material comes from the slow equatorial disk. Inter-
action of the pulsar wind with the wind of the Be-type star leads to the production of a
shock wave. The particles that pass the shock wave lose energy due to the synchrotron,
bremsstrahlung, and/or inverse-Compton (on photons of Be-type stars) radiation, lead-
ing to the formation of the observed broadband spectrum, from radio to TeV range.
Contribution to TeV radiation can also provide interaction accelerated by the shock
wave from the non-relativistic gas of protons in the disk of the Be-type star. The radio
observations show that the disk of SS 283 is inclined with respect to the orbital plane of
the system. Thus, the pulsar crosses the equatorial disk of the Be-type star two times
per orbit, before and after periastron (see. Fig. 1.8). In 2004, H.E.S.S. first detected
TeV emission from the system.
The nature of the compact object in the other four systems is unknown. Similarly
to PSR B1259−63, they may be radio pulsars in which pulsations are absorbed by
the outflowing wind from the surface of the companion star (the distance between the
companions in these four systems is ten times less than in the case of PSR B1259−63).
In another model, the observed broadband radiation is the result of the interaction of
particles accelerated in the jet with the wind of the companion.
LS I +61◦ 303 is another gamma-ray binary from which very-high-energy emission
has been observed. To date, the emission of LS I +61◦ 303 from radio to very-high-energy
is observed. LS I +61◦ 303 is characterized by variability of flux on the orbital period
of 26.490±0.003 days. In addition to the orbital period, this system is variable on the
superorbital period at 1667 days [92]. Other parameters of LS I +61◦ 303 are less well
known than for PSR B1259−63 and summarized in Tab. 1.1 [30, 93, 94]. The flux versus
orbital and superorbital periods is shown in Fig. 1.9. The radio observations of LS I
+61◦ 303 do not show the trace of the outflow inside the binary orbit due to the free-free
absorption of the stellar wind [95]. However, the high-energy outflow has been observed
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Table 1.1: Observational parameters of gamma-ray binary systems (see [90] for more details).
System PSR B1259−63 LS 5039 LS I +61◦ 303 HESS J0632+057 1FGL J1018.6-5856
Companion Be O Be B O
T∗ (10
3 K) 33.5 39 22.5 30 38.9
R∗ (R⊙) 10 9.3 10 8 10.1
M∗ (M⊙) 31 23 12 16 31
Distance (kpc) 2.3 2.9 2 1.6 5.4
Compact object NS NS or BH NS or BH NS or BH NS or BH
Orbital period (days) 1237 3.9 26.5 321 16.58
Eccentricity 0.87 0.337 0.537 0.83 -
Inclination (◦) 19-35 13-64 10-60 47-80 -
Periastron angle (◦) 139 236 40.5 129 -
− the orbital parameters of 1FGL J1018.6-5856 are still unknown.
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Figure 1.7: The view of orbits of the γ-ray binaries. The size of stars is to scale.
Crosses mark the phases of apastron/periastron and conjunctions. Dots mark intervals
of 0.1 in orbital phase, starting from the periastron. The figures are taken from [90].
Figure 1.8: A schematic view of orbit of PSR B1259−63 (the image is taken from
[91]).
21
Figure 1.9: 3.0 – 20.0 keV flux from LS I +61◦ 303 versus the orbital and superorbital
phases (the flux is given in erg/cm2/s, and the image is taken from [97]).
at radio wavelengths [96]. These observations showed the variability of the high-energy
morphology on the orbital timescale, as well as showing that the outflow of LS I +61◦
303 can not be a jet [90, 95]. For a better understanding of the nature of high-energy
emission in LS I +61◦ 303, complementary data in the X-ray and gamma-ray energy
ranges are needed.
LS I +61◦ 303 has been recently observed at X-ray energies by numerous tele-
scopes. All results have indicated the presence of variability on the orbital and su-
perorbital timescales [18, 97–99]. The X-ray spectrum of LS I +61◦ 303 is well fitted
by an absorbed power law model with the hardening of photon index as a function
of flux from 1.9 to 1.5. The value of the flux varies, starting from (0.5-3.0) × 10−11
erg/cm2/s at 1.0 – 10.0 keV energies. Simultaneous observations of LS I +61◦ 303 at
X-ray and gamma-ray energies became possible with the launch of Fermi Gamma-ray
Mission [100]. To date, we are able to use 8 years of collected data. In the case of X-ray
data, the monitoring of X-ray flux was performed using the Chandra, XMM-Newton,
Suzaku, Swift and RXTE satellites [101–103]. Thus, the periodic modulation of both
X-ray and gamma-ray emissions were studied. According to the X-ray data, one flare
per orbit has been identified. This X-ray flare coincides with the radio one. Moreover,
the first year of Fermi monitoring has also indicated one flare per orbit [100]. The na-
ture of these flares in different energy bands is unclear. During X-ray monitoring of LS
I +61◦ 303, the drift of the orbital phase of the X-ray flares was found [92]. This drift
occurs on the half orbit from φr ≃ 0.5 to φr ≃ 1 and continues during ∼4.6 years. [92]
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concluded that such a drift can not be explained by a precession, since in the case of
precession we would be able to observe a flare drift on the full orbit but not just on the
half. [104] suggested an alternative theory in which the massive star of LS I +61◦ 303
has an equatorial disk which is built up and then decays during the superorbital period,
i.e. 4.6 years. Although we have the gamma-ray data of LS I +61◦ 303 performed during
last 8 years, the X-ray data have gaps in monitoring of the LS I +61◦ 303 binary system.
It is necessary to study the X-ray and gamma-ray emissions on superorbital timescales
using simultaneous monitoring of the system with no gaps in observations. In my thesis,
I use the Swift data which cover four years to study possible changes in the behavior of
the high-energy emissions in LS I +61◦ 303 binary system (see Chapter 7).
As was mentioned, the nature of X-ray activity is not understood. Two models
have been proposed to explain such radio-to-X-ray flare activity. According to the first
one, the activity of the source is a result of accretion onto the compact object. According
to the second one, the activity is a result of interactions between the pulsar and star
winds. A new insight about the nature of the compact object of LS I +61◦ 303 could be
obtained from the study of the system in the hard X-ray energy range. One expects to
find a cut-off in the power law spectrum of the binary. A source spectrum with a cut-off
at 10.0 – 60.0 keV indicates that the compact source is a neutron star, while a spectrum
with a cut-off at about 100 keV corresponds to a black hole [95, 97]. This idea can be
checked with Suzaku observations (see Chapter 6). The very-high-energy emission in LS I
+61◦ 303 has been recently detected by theMAGIC and V ERITAS instruments. Both
spectra are consistent with each other within systematic uncertainties. The spectra are
well fitted with an absorbed power law model with a photon index of 2.4-2.7 [105–107].
The X-ray source RX J1826.2-1450 was identified with an optical object LS 5039
and was previously identified as a massive X-ray binary system [34]. The object is also
characterized as a radio source with a non-thermal spectrum [108]. The radio observa-
tions, performed by V LBI, found relativistic jets on milliarcsecond angular scales, which
allowed LS 5039 to be classified as a microquasar [109]. Recent EV N and MERLIN
radio observations confirmed a jet in this system. This jet was classified as an asymmet-
ric two-sided jet extending to ∼ 1000 a.u. on the longest jet arm [110]. The object is
also a source of gamma-ray radiation at energies above 100 MeV [110–112], and is also
associated with a hard gamma-ray source HESS J1826-148, detected at energies above
250 GeV [113].
In the optical bands of the spectrum, the LS 5039 is classified as a star with
spectral class of O6.5V((f)) [114, 115], as well as an object with a spectroscopic or-
bital variability with a period Porb = 4.4267 day, and with an orbital eccentricity e =
0.48±0.06. Additionally, LS 5039 has also been identified as an object with detected
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Figure 1.10: Observations of LS I +61◦ 303 at V ERITAS andMAGIC wavelengths.
The TeV modulation adapted from [107]. Periastron passage is at φ = 0.23.
self linear polarization at the optical radiation of the order of 3%, which is due to the
Thomson scattering at the stellar surface [116].
The paper [93] produced new spectroscopic observations. The obtained param-
eters specified are the spectroscopic orbit with P = 3.90603±0.00017, e = 0.35±0.04,
and the half-amplitude of the radial velocity curve of the optical star Kυ = 19.4±0.9
km/s, and the radial velocity the center of mass of the system γ = 17.2±0.7 km/s.
The corresponding mass function fυ(m) = 0.0053±0.0009 M⊙. The value of υrot sin i is
estimated from the rotational broadening of the absorption lines as υrot sin i = 113±8
km/s. The selected atmospheric models to the observed spectrum of the optical star
O6.5V((f)) as well as with a new estimated distance to the system d = 2.5±0.1 kpc give
the following parameters for the optical star: Rυ = 9.3
+0.7
−0.6R⊙, logLυ/L⊙ = 5.26±0.06,
mυ = 22.9
+3.4
−2.9M⊙. Combining these data with the results of analysis of the radial ve-
locity curve of the optical star and assuming the pseudo-synchronization of the axial
and orbital rotations of the optical star, the authors of [93] found the orbital inclination
of LS 5039 as i = (24.9±2.8) degrees and the mass of the compact object as mx =
3.7+1.3−1.0M⊙. This gives reason to believe that the compact object in the system LS 5039
is a black hole. The most recent orbital ephemeris of the LS 5039 system was obtained
by [93]. But, due to the big uncertainties in the estimation of the orbital inclination
24
angle (13◦ < i < 64◦) obtained in other works, the nature of the compact object is
unclear. Such high uncertainties do not allow an accurate estimate of its mass. If the
compact object of LS 5039 is a black hole, then we have to deal with the microquasar
scenario. According to this scenario, the non-thermal processes inside LS 5039 happen
in a jet as a result of accretion on the compact object.
Recently, LS 5039 has been observed at X-ray energies using the XMM-Newton,
Chandra, Suzaku and RXTE telescopes. The X-ray spectrum of LS 5039 at 0.5 – 10.0
keV energy range is well fitted with an absorbed power law model with a slope of 1.4-1.6.
The flux varies around to 1.0 × 10−11 erg/cm2/s. Softer spectra and larger fluxes had
been also inferred from RXTE observations, although background contamination was
probably behind these differences. Also, Chandra data taken in 2002 and 2005 showed
spectra significantly harder than 1.5 [117, 118]. The hard X-ray observations of LS 5039
performed by INTEGRAL over the 25.0 – 60.0 keV energy band have measured the flux
of the binary as (3.54 ± 0.44) × 10−11 erg/cm2/s [119]. Additionally, the flux at the
superior conjunction position (the moment when the compact object passes behind the
star) was derived as 1.4 × 10−12 erg/cm2/s. LS 5039 has been also observed by H.E.S.S.
at TeV wavelengths [113]. These observations confirmed that LS 5039 is a source of very-
high-energy gamma-rays as well as that LS 5039 can accelerate high-energy photons
above TeV energies. The H.E.S.S. observations confirmed a stable modulation of the
flux on its orbital period. The maximum modulation occurs around inferior conjunction
(the moment when the compact object is located between the star and the observer). It
is significant to note that observed orbital modulation in the Galactic binary system was
seen at first [120]. The stable orbital modulation indicates that observed high-energy
processes in LS 5039 happen nearby the optical star.
In paper [121], a model of LS 5039 as a close binary system containing a young
pulsar is considered (it is assumed that the big uncertainty in the mass of the relativistic
object allows this possibility). In this model, the gamma-ray emission of LS 5039 is
formed as a result of acceleration of particles to relativistic energies in the region where
the stellar wind of the massive optical star interacts with the relativistic wind of the
young pulsar. According to this model, LS 5039 would behave in a similar manner as
the PSR B1259−63 binary system, where the production of gamma-ray emission is a
result of interaction between pulsar and stellar winds at the termination shock. This
model, as the authors note, needs to be confirmed by further observations.
Currently LS 5039, which contains a very bright optical star (∼ 1039 erg/s),
is the only system in which the orbital modulation of TeV signal has been detected.
The properties of the LS 5039 binary system are summarized in Tab. 1.1. Fig. 1.7
shows the binary orbit of LS 5039. The period of 3.9078±0.0015 d is in agreement with
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observations at optical wavelengths. The source spectrum was measured up to 20 TeV,
which indicates a high efficiency particle acceleration in the LS 5039 system. The LS
5039 system has also been identified as a gamma-ray source in the EGRET survey.
The gamma-ray emission from HESS J0632+057 was discovered in 2004-2005
during H.E.S.S. survey of the Galactic plane. [122] concluded that the very-high-
energy source in HESS J0632+057 is associated with a massive Be-type star MWC 148,
HD259440 = LS VI +05 11. The spectral type is B0pe. The star in HESS J0632+057
is characterized by the equatorial disk. The physical parameters of the equatorial disk
in HESS J0632+057 were studied by [123, 124]. First of all, the disk shows an optically-
thick nature. Secondly, an inclination of the disk is derived with huge uncertainties and
ranges from 47 to between 71 and 90 degrees. Such big uncertainties also give huge
uncertainties in mass determination of the compact source. This mass ranges from 1.3
to 7.1 M⊙. Therefore, the nature of the compact source is unclear. The effective tem-
perature of MWC 148 is equal to 30000 K. The radius of the star is equal to 6-10 R⊙
with a mass of 13-19 M⊙. The orbital period of HESS J0632+057 was derived using
X-ray data; first results indicated about 315 days [122], while [106] found 321±5 days.
The eccentricity of the system is equal to 0.83±0.08, phase of the periastron is equal to
0.967±0.008 (at T = MJD 54857). The distance to this system was derived as 1.1-1.7 kpc
[124]. It is interesting to note that HESS J0632+057 is the only binary system observed
using ground-based observatories in the two hemispheres: northern and southern.
[122] argued that high-energy emission is variable. These authors searched the
pulsed emission from HESS J0632+057 using Chandra and XMM-Newton instruments.
During this monitoring, GeV gamma-ray source 3EG J0632+0521 was identified, and
[122] suggested potential association of this source with HESS J0632+057. Later, this
source was found in the third EGRET catalogue. In the following years, the very-
high-energy emission of HESS J0632+057 was observed using H.E.S.S., MAGIC and
V ERITAS [125]. Variability of the very-high-energy emission was confirmed. In ad-
dition, the high-energy emission is correlated with variability at X-ray energies. The
lightcurves of HESS J0632+057 reach a maximum at phase of 0.3 (approximately 100
days after periastron). Until 2010, the TeV emission was not detected with V ERITAS
[106], confirming its variability at very-high-energy. However, in 2010 the gamma-ray
signal was observed by H.E.S.S., confirming the TeV variability also [126]. Further anal-
ysis of TeV data showed a statistically significant signal (∼ 6.5σ) of TeV at 0.6-0.9 phase.
Fermi/LAT do not detect the gamma-ray emission of HESS J0632+057 at MeV-GeV
energies [127]. In addition, [123] confirmed the periodic modulation of HESS J0632+057
at optical wavelengths using photometric measurements.
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HESS J0632+057 was also monitored at radio wavelengths. The radio instruments
GMRT and V LA detected a weak radio signal at the position of HESS J0632+057 [128].
Later, [118, 129] argued about the variability of the radio source in the HESS J0632+057
binary. The observations of HESS J0632+057 performed by V LBI indicate the presence
of an extended radio source with a diameter ∼ 75 a.u.
Based on the point-like very-high-energy gamma-ray appearance and spectral
properties of the source, [122] identified HESS J0632+057 as a new TeV binary system.
Moreover, the X-ray observations, i.e. X-ray variability, firmly established the binary
nature of HESS J0632+057.
In 2011, the gamma-ray binary system 1FGL J1018.6-5856 was discovered using
Fermi/LAT observations. Later, the modulation in both radio and gamma-ray ranges
was found by [130]. The period of this modulation is 16.58±0.02 days. [130] identified
the source as a gamma-ray binary system with the companion star to be an O6V(f)
star. Broadband observations of 1FGL J1018.6-5856 were provided by [131, 132] soon
after the discovery. These observations were performed for better understanding of the
nature of source features. Unfortunately, these observations were not able to say much
about the nature of the compact object of 1FGL J1018.6-5856.
Intensive observations of 1FGL J1018.6-5856 were performed with the Swift X-
ray Observatory. Using these observations, [132] found that the peak of the X-ray flux
corresponds to the gamma-ray maximum at phase 0. In addition, it was found that
X-ray flux correlates with spectral hardness. Later, it was concluded that this peak
either demonstrates orbit-to-orbit variation, and does not show a persistent property
(see e.g., [130]). Using the long baseline of the gamma-ray observations of Fermi/LAT,
[131] found the period of gamma-ray modulation as 16.531 ± 0.006 days, that is slightly
bigger than the value obtained by [132] using X-ray observations. Thus, X-ray results
should be refined. At the present, the baseline of X-ray data is 5 years, as a result,
phases of future data can vary significantly.
1.3 Summary
The physical mechanism of the high-energy emission of binaries are not clear. It
is possible that binaries detected in the very-high-energy γ-ray band are fundamentally
different from the accretion-powered X-ray binary systems. In fact, one of the five
gamma-ray binaries known so far, PSR B1259−63, is known to be powered by the
rotation energy of a young pulsar rather than by accretion. The nature of the companion
(black hole or neutron star, accretion or rotation powered) in other systems are not
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known yet. Pulsed radio emission from the neutron star in these systems would be
absorbed in the wind from the companion star because of the compactness of the binary
orbits. It is, therefore, possible that the mechanism of activity of these source is similar
to the one at work in the PSR B1259−63 system, where collision of the pulsar wind with
the stellar wind produce the accelerated particles and γ-ray emission. Alternatively, it
is possible that the observed emission is produced in interaction of the jet from the
compact source with the wind of the companion star.
For studying high-energy processes occurring in the gamma-ray binaries compre-
hensive approaches are required; stellar physics, accretion, magnetohydrodynamics, par-
ticle acceleration, radiative and absorption processes, relativity as all these topics play
a main role in gamma-ray binaries. In these systems, the shock wave is produced by the
interaction of the pulsar wind and enhanced mass outflow from the stellar companion.
Although the current population of the gamma-ray binaries is still very limited, these
systems have common features in harboring massive OB stellar companions.
In a massive OB-type star environment, the intense photon field provided by
the companion star not only plays an important role in the cooling of relativistic elec-
trons but also serves as a perfect target for the production of high-energy gamma-rays.
Furthermore the high-energy processes that take place in gamma-ray binaries, such as
photon-photon absorption, and the occurrence of electromagnetic cascades, are of great
importance to understand the spectral and time properties of the observed emission from
these sources. Therefore gamma-ray binaries provide us with an excellent laboratory for
the study of the gamma-ray production/emission mechanisms by providing detailed in-
formation about the time evolution of the particle spectrum over the orbital period. In
addition, gamma-ray binaries provide opportunities for the study of relativistic outflows
and particle acceleration. Emergence of such a new class of objects, γ-ray binary sys-
tems, brings up new questions on the emission mechanisms, how to accelerate particles
up to multi-TeV energies in such a compact object and so on. Gamma-ray binaries have
now grown in prominence in high-energy astrophysics. This thesis is focused on a few
of these systems.
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Chapter 2
Observations and data analysis
This thesis is largely based on the analysis of X-ray and Gamma-ray observations of
gamma-ray binaries. This chapter includes an historical review of X-ray observations. I
give a general review of the X-ray and Gamma-ray Observatories used in my thesis, the
data format, and the analysis tools. I also introduce some technicalities related to the
instrumental response files, that will be useful in following chapters. Here, I give the
main steps of data analysis that were performed during work with X-ray and Gamma-ray
observations. I also discuss how to get the main products (images, lightcurves, spectra,
etc) from data. Since the spectral fitting was performed in the Xspec environment, I also
review the main aspects working with Xspec, namely: fitting, models used in the thesis,
and estimation of errors (χ2 and C-statistics, etc). In addition, I review the Monte Carlo
simulations that I used in the thesis to improve the errors of measurements. Such error
estimations were used in the case of statistically poor spectra, usually for Swift data,
but sometimes for other data also.
2.1 Atmospheric windows
Our first knowledge about the stars, galaxies, and the Universe as a whole was
obtained through a rather narrow “optical window”. The nature of astronomical sources
can be obtained only through detecting different kinds of radiation coming from them.
The Earth’s atmosphere is quite opaque; as a result, we are able to “see” only a tiny
proportion of all the radiation present in space. Fig. 2.1 illustrates the opacity of Earth’s
atmosphere for electromagnetic wavelengths. The first transparent window is the optical
one. This window lies mainly in the field of visible light, from ultraviolet to infrared.
The Earth’s atmosphere is completely opaque to radiation whose wavelength is less
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Figure 2.1: The opacity of Earth’s atmosphere to different types of electromagnetic
radiation. Image credit: NASA (public domain).
than 2.9×10−5 cm. In the far ultraviolet region of the spectrum, spectral lines of many
chemical elements are found.
Another transparent window lies in the radio range of the electromagnetic spec-
trum. The main advantage of radio observations is that the long radio emission wave-
lengths dramatically reduce requirements for precision manufacturing and maintaining
the surface of the reflective telescope mirror. Surface irregularities should be small com-
pared with the wavelength. Therefore, radio telescopes can be made using metal instead
of glass. Radio telescopes collect electromagnetic radiation from an area hundreds of
times larger than the largest optical telescopes. Another advantage is the transparency
of radio observations for all types of clouds in Earth’s atmosphere. As a result, moni-
toring of the sky at radio wavelengths can be carried out in any weather. In addition,
interstellar dust is also transparent to radio wavelengths. The disadvantage of radio
observations is their low resolution (i.e., the minimum angular distance between two
objects that the telescope can detect separately), which causes difficulty in the study
of the fine structure of celestial objects. However, astronomers are able to resolve this
issue by using very long baseline interferometry (VLBI) [133, 134]. According to this
technique, it is possible to observe many radio sources with an angular resolution higher
than can be achieved even with the best optical instruments. To date, the European
Very Long Baseline Interferometry Network (EV N) is the most sensitive VLBI array
on Earth [135].
From the depths of the Universe we receive three other types of electromagnetic
radiation: ultraviolet, X-rays, and gamma-rays. Such radiation has become observable
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with rocket and space technology [136]. In the following subsection I give a historical
review of X-ray astronomy, since in my thesis I use mainly X-ray observations.
2.1.1 Historical review of X-ray astronomy
Observation of cosmic objects at X-ray wavelengths has became possible thanks
to the development of rockets and the appearance of satellites. Such satellites are able
to launch telescopes beyond the Earth’s atmosphere where X-ray photons are absorbed.
X-ray photons with energies above a few hundred eV can penetrate through interstellar
gas, passing distances comparable to the size of our Milky Way Galaxy with greater or
lesser absorption depending on the direction of the source. Photons with energies of a
few keV can freely pass through the thickness of the galactic gas. In fact, we can observe
X-ray sources located at distances comparable to the size of the Universe [137]. The
X-ray and gamma-ray energy ranges generate the greatest flow of X-ray photons.
Since 1962, from the beginning of X-ray astronomy [138, 139], the sensitivity of
X-ray telescopes has increased by more than 10 orders of magnitude. X-ray photons are
observed from all categories of space objects from planets to normal stars, from ordinary
galaxies to quasars, from small groups to the largest clusters of galaxies. As a result of
these observations, it became evident that high-energy phenomena play a fundamental
role in structure formation, as well as in the chemical and dynamical evolution of cosmic
structures of all sizes. X-ray observations have been crucial for developing an under-
standing of the important aspects of these phenomena. The first evidence of the falling
of matter into collapsed objects such as neutron stars or black holes was obtained using
X-ray observations. X-ray radiation from the hot plasma of galaxy clusters has shown
that the high-temperature component of the Universe is more than two times higher
than the content of the “visible” (baryonic) matter. Moreover, due to the appearance
of new-improved experimental techniques, such as dispersionless spectroscopy, and/or
X-ray telescopes with high resolution, we are able to focus more and more energy from
a larger field of view. As a result, it opens for us opportunities for new astronomical
discoveries [140].
The first X-ray source detected outside the solar system was Scorpius X-1. During
1966, astrophysicists from USA and England identified more than 30 X-ray sources using
rockets and balloons. The first X-ray satellite was launched by NASA in 1970 and was
called X-ray Explorer, but later was renamed Uhuru [45]. Uhuru operated on orbit for
two and a half years, and sent a lot of significant scientific information. Uhuru detected
339 X-ray sources including the famous source in the constellation Cygnus which later
became the first contender in the history of astronomy for the role of the black hole
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(Cyg-1). It should be noted that Uhuru was not an X-ray telescope, it was an X-ray
satellite. Uhuru did not have an optical system that could collect and focus the radiation
passing through the aperture. The collection of X-ray photons were performed using
discharge detectors (similar to a Geiger counter) and a collimator. Uhuru was useful to
detect point sources only and not suitable in the case of extended objects.
In 1960 Giacconi and Rossi published a paper containing a schematic diagram
of the first X-ray telescope with a focusing mirror system [138]. In the case of optical
telescopes, the optical photons might be collected at any angle (the angle between per-
pendicular to the surface of telescope). This not work with X-ray photons since they
have higher energy. To resolve this issue, astrophysicists used grazing incidence optics.
This is optics where X-ray mirrors have very low angle from the plane of reflection.
Such mirrors give the possibility to detect X-ray photons when high-energy particles
come almost parallel to the reflecting surface. Later calculations have shown that the
X-ray telescope mirrors should be in the form of a tapered tube (see Fig. 2.2). In 1952,
Hans Wolter, a German physicist, noted that proper focus of X-ray photons can be
achieved using two reflective surfaces. Giacconi and Rossi understood that increasing
the sensitivity of the telescope can be achieved with multiple nested mirrors with a sin-
gle central axis. Wolter found that by using two different types of mirrors it is possible
to increase the field of view of an X-ray telescope. It was also found that hyperbolic
and parabolic types of surfaces are ideal for such instruments. The parabolic surface
suffers from strong coma, but such a surface may still focus, and parabolic surfaces
have been used as “light buckets” [141]. There are three types of X-ray telescopes for
grazing incidence, which are the Wolter telescopes of type I, II and III. The first two
use a combination of paraboloidal and hyperboloidal mirrors, while type III consists of
hyperboloidal and ellipsoidal surfaces. The main difference between them is the ratio of
focal length to the total system length [141]. The XMM-Newton, Chandra, Suzaku and
Swift X-ray observatories used type I systems.
The first X-ray telescope was launched in November 1978 and was called High
Energy Astronomy Observatory-2 (later renamed as Einstein) [66, 142, 143]. Einstein
operated in the 0.2-20.0 keV energy band with about 5 arcsec resolution. Einstein
made high-quality spectroscopy of supernova remnants, and discovered a lot of very
weak extragalactic X-ray sources. During years 1980-1990, many of X-ray satellites and
telescopes were launched, e.g, ROSAT, SAX, ASCA [144], etc. At the end of the 20th
century, the new generation of X-ray telescopes were built and lunched to the orbit of
Earth. At this time, the third generation of X-ray space telescopes are monitoring the
sky. In my thesis, I use all available X-ray data obtained from XMM-Newton, Chandra,
Suzaku and Swift. Below I describe all these instruments and steps of data reduction
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Figure 2.2: The diagram of X-ray telescope with one set of mirrors. The image is
taken from http://imagine.gsfc.nasa.gov/science/toolbox/xray telescopes1.html.
and analysis related to this instruments. The following sections on data extractions of
main scientific products are written in a more tutorial style for students.
2.2 XMM-Newton X-ray Observatory
The X-ray Multi-Mirror Mission (XMM-Newton) was launched by the European
Space Agency in December 1999 [145, 146]. XMM-Newton is named in honor of Sir
Issac Newton. To date, it is one of the most popular and successful X-ray astronomy
missions. The main aims of the XMM-Newton Observatory are accurate observations of
faint point and extended sources, and conducting deep surveys of the sky in X-rays, with
the possibility to obtain images and spectra of X-ray sources simultaneously [147]. The
main characteristics of XMM-Newton are reviewed in Tab. 2.1 and shown in Fig. 2.3.
XMM-Newton includes both X-ray and optical/UV telescopes. There are three
types of instrument on board XMM-Newton:
• The European Photon Imaging Camera (EPIC), for X-ray imaging, X-ray spec-
troscopy and photometry.
• The Reflection Grating Spectrometer (RGS), for high-resolution X-ray spectroscopy
and spectro-photometry.
• The Optical Monitor (OM), for optical/UV imaging and spectroscopy.
The main advantage of these instruments is that they are able to operate simultaneously.
There are three EPIC cameras, the two RGC spectrometers, and one optical monitor.
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Table 2.1: The overview of XMM-Newton characteristics (the information is taken
from the XMM-Newton Users’ Handbook [148]).
Instrument EPIC MOS EPIC pn RGS OM
Energy band 0.15-12.0 keV 0.15-12.0 keV 0.35-2.5 keV 180-600 nm
Orbital target 5-135 ks 5-135 ks 5-135 ks 5-145 ks
Sensitivity ∼10−14 ∼10−14 ∼8 × 10−5 20.7 mag
FOV 30’ 30’ ∼ 5’ 17’
PSF 5”/14” 6”/15” N/A 1.4”-2.0”
Pixe; size 40 µm (1.1”) 150 µm (4.1”) 81 µm (9×10−3A˚) 0.476513”
Timing resolution 1.75 ms 0.03 ms 0.6 s 0.5 s
Spectral resolution ∼70 eV ∼80 eV 0.04/0.025 A˚ 180
Figure 2.3: The XMM-Newton X-ray Observatory (ESA, 2007).
EPIC cameras consists of three X-ray CCD instruments. Two of them have
MOS CCD arrays which are installed behind the telescopes [149]. These instruments
are able to perform high quality observations over 30 arcmin FOV (field of view) and
in the 0.15-12.0 keV energy band. Fig. 2.4 demonstrates the mirror effective areas
according to the response of the different instruments on-board of XMM-Newton. The
maximum is peaked at about 1.5 keV. One can see that the effective area of the MOS
instruments is lower than in the pn camera. The MOS/pn effective area is defined as
the part of the surface’s effective area, the filter transmission, and the detector quantum
efficiency. Since the two MOS cameras include the RGA (Reflection Grating Assemblies)
transmission factors, they receive only about half of the incoming radiation, i.e., the
incoming radiation is diffracted by RGAs to the direction where RGS is situated [150].
As I mentioned above, approximately half of the X-ray radiation is utilized by
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Figure 2.4: The effective area of XMM-Newton X-ray Observatory (XMM-Newton-
manual, 2006).
the RGS. Each RGS consists of an array of reflection gratings [151, 152]. This array
diffracts the X-ray photons to an array of dedicated charge coupled devices detectors,
i.e., CCD. The resolution of RGS instruments is from 5 to 35A˚ (0.33 to 2.5 keV). Fig. 2.4
demonstrates that the maximum effective area of RGS is close to 15A˚ (0.83 keV). The
RGS includes 182 similar gratings. All these gratings were configured in classical places,
where incident and diffracted X-rays lie perpendicularly to the grating grooves [148]. A
2000A˚ gold coating was used to cover the gratings.
The Optical/UV Monitor Instrument (OM) is a telescope mounted alongside the
X-ray mirror modules on the mirror support platform of XMM-Newton [153]. The OM
covers 170 – 650 nm of the central 17 arcmin square region of X-ray FOV giving possibil-
ities to perform X-ray and optical/ultraviolet observations simultaneously. The Optical
Module includes a Telescope Module (TM) and Digital Electronic Module (DEM). The
TM includes the telescope detectors and optics while the DEM performs the Instrument
Control Unit (ICU) within the spacecraft, commanding of the telescope, and DEM [153].
The FOV of OM is 17×17 arcmin giving to the observer the possibility to define a number
of collection windows around the target.
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2.2.1 Analysis of XMM-Newton X-ray Data
XMM-Newton scientific data are grouped in ODF-files (Observation Data Files)
and they have .fits format. These XMM-Newton observations are freely available after
the “proprietary period” which is approximately equal to one year after the observation.
Thereafter, the data are publicly available on the official XMM-Newton web-page, i.e.,
http://nxsa.esac.esa.int/nxsa-web/#search/ (or through HEASARC1 website also). To
download data, we should specify the name of the source in which we are interested in
the search form and we also need to choose the name of the desired instrument (i.e.,
XMM-Newton). After processing the request, we must go to the xmmmaster tab that
contains information about the “raw” observations. Understanding whether or not the
observation is “empty” is possible by downloading prepared images (we need to mark
the flag on “XMM Quicklook Images”), or, alternatively, the easiest way is to just look
at the raw exposure time of the observation. An observation with exposure time less
than a thousand seconds usually contains bad/poor data. To download the preliminary
data from this monitoring it is necessary to put the flag only near “XMM ODF Basic
Data” field, as well as the flag near the observational number of interest. After that, we
must go on the tab “Data products retrieval”, and click on “Create download script”.
As a result, we will able to see the link clicking on which we download directories with
previously marked observations. The downloaded folders contain the ODF directory
which includes the results of observation. As we can see, the ODF folder includes a
large number of files with “unknown” destination. In fact, there are files recorded in the
“useful” satellite format. The first task will be to obtain the so-called “list of events”.
As a result, we are able to get the following information about the event:
1. Detector number where “event” occurred (i.e., the “coordinates”).
2. The energy of the event ( in “instrument units”, or PI).
3. Event time.
4. Supporting technical information.
The event files are the basis from which to obtain scientific products, such as light curves
(if we leave only a temporary variable), images (coordinates) and spectra (energy). Now,
I try to describe how to get the event files and scientific data using [148]. First of all, the
data in the ODF folders must be unpacked (it can be done using gunzip *gz command
in Linux).
1http://heasarc.nasa.gov/
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In this thesis, the XMM-Newton data reduction was performed using the Scientific
Analysis Software package, namely SAS v.14.0.0 and the latest calibration files. This
package contains scripts, tasks, commands and libraries to analyze XMM-Newton data.
The MOS and pn event files can be obtained after the following steps. The first one is to
build the so-called list of calibration files. The XMM-Newton telescope is a complicated
technological device and requires a lot of additional useful information such as ambient
temperature, position of satellite relative to the Earth and Sun, the list of bad detectors,
etc. The list of calibration files contains this information. The cifbuild task records
this information into the list (located in ccf.cif file). Then, the odfingest task should
be used to create the basic summary file with calibration files, etc. Now we are ready to
produce the event files. To produce event files for the MOS and pn detectors the tasks
emproc and epproc can be used. Thus, in the directory with the observation you will find
event files with long names. The first four digits of these names show the number of the
satellite turnover (orbits) around the Earth (since satellite’s launch). Another important
parameter specified in the file name is the type of (mode) file (Imaging or Timing). Files
of various modes have quite different structure, therefore they will be processed using two
different methods. Here, I use data made in Imaging mode, therefore, below I describe
data reduction performed in the case of Imaging mode only. It should be noted, that
this mode is the most common. In this mode, the two-dimensional spatial information is
recorded on the event coordinates including subtraction of background events. Usually,
each observation has three event files performed in Imaging mode (one for each camera),
but sometimes for MOS only or pn due to the constraints on the telemetry rate [148, 153].
The next step is building an unfiltered image. This step (and not only this one)
was performed using the multi-functional evselect task, where one of the main aim of
this task is filtering event files. evselect consists of a number of parameters described
below (note that parameters below are the group of parameters needed to build images
only, in general the evselect has a bigger number of parameters):
• table - name of the event file to be used for imaging. This file should contain
column EVENTS (See below);
• withimageset - parameter, indicating the desire to build an image (if yes);
• imageset - the name of the generated image file (output file);
• xcolumn and ycolumn - the names of the columns that contain information about
the two-dimensional coordinates. The most commonly used coordinates are “phys-
ical” associated with the satellite, they are the same for all three cameras; or
(DETX, DETY) coordinates of the detector associated with each of the cameras,
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suitable for “cutting” of the field of view of the satellite, as well as automatic pro-
cessing of the same spatial region by combining different observation; or (RAWX,
RAWY) coordinates, it is coordinates on a separate CCD;
• imagebinning specifies the method of partitioning the picture into pixels. Param-
eter imageSize helps with choosing a fixed-size figure, while the angular size of a
pixel in the picture is selected depending on the original angular size of picture
and its final size in pixels, and set the parameters ximagesize and yimagesize.
This image can be viewed with specialized software ds92, an universal viewer of FITS
image files. In the window ds9 program, you can open all three (MOS+pn) images.
Here, it is very useful to use log option, that displays the “brightness” of images (the
number of events per pixel) on a logarithmic scale and zoom, that fits the scale of images
automatically.
The next step is filtering of event files. There are a few known components of
EPIC background [148]. There are backgrounds from (1) photons, i.e., the background
from thermal emission at lower energies (<1 keV) and a power law emission at higher
energies, solar wind, etc.; (2) particles, i.e., soft proton pollution (flares), cosmic-ray
induced, etc.; and (3) electronic noise, i.e., bright pixels, columns, etc. The XMM-
Newton data filtering can be done with the evselect task. In the case of the pn
camera, the filtering is performed as
evselect table=pn.fits:EVENTS withfilteredset=yes \
expression=’(PATTERN <= 4)&&(FLAG == 0)&&(PI in [150:15000])’ \
filteredset=pn-filt.fits filtertype=expression keepfilteroutput=yes
Here, both options withfilteredset = yes and keepfilteroutput = yes allow us to obtain
the result of filtering in the form of the event file, similar to the original file events.
These output events files contain events with the following condition: ’(PATTERN <=
12) && (FLAG == 0) && (PI in [200:12000])’ for the MOS cameras, and ’(PATTERN
<= 4) && (FLAG == 0) && (PI in [150:15000])’ for the pn camera. The PATTERN
parameter specifies the number of “multiple” events. This is when a single photon
corresponds to more than one event. For example, the electron cloud is produced by
one photon and can be in several neighboring detectors, which formally leads to the
simultaneous recording of multiple events. Because these events were produced by a
2http://ds9.si.edu/site/Download.html
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single photon, they should be interpreted as one “fold” (double, triple, quadruple, etc.)
event. In order to distinguish “multiple” events from the unit we need to introduce the
parameter ‘‘PATTERN’’. In particular, single events correspond to ‘‘PATTERN == 0’’,
the double events to ‘‘PATTERN in [1:4]’’. ‘‘PATTERN <= 12’’ condition allocates
single, double, triple and quadruple events. The difference between the conditions of
selection for MOS(12) and pn(4) cameras is associated with the different calibration
of MOS and pn instruments. The FLAG parameter corresponds to the “quality” of the
event. Events with “FLAG > 0” (for example, the events near the “hot” pixels or outside
the field of view of the instrument) are less suitable for the analysis, in particular for
quantitative analysis it is customary to leave only the events with “FLAG == 0”. PI
parameter is an instrumental energy. This value is determined by the amplitude of the
signal entering through the processor of the corresponding camera. This parameter is
normalized in such a way as to correspond approximately to the photon energy. This
leads to the fact that the high energy photons gives some input on events with low PI.
This effect is called the redistribution of energy and, as a result, the transition matrix
between the PI and the energy of the photon (redistribution matrix function, RMF) must
be defined. As a result of numerous calibrations, the “standard” data is getting the
events with too small and too large values of PI. For MOS cameras the “recommended
interval” of PI is 200-12000 eV, while for pn camera - 150-15000 eV. The next step is
building a filtered image. To do this step, I use the evselect task again as shown above.
The fv program is an universal viewer of FITS files and can be used to construct the
light curves.
The evselect task is used to build the light curve. For this approach, the
following number of parameters are required:
• withrateset=yes - “yes” if you need to build a light curve;
• rateset - a name for the light curve (output name);
• maketimecolumn - whether in the column of the light curve the time of arrival of
photons;
• makeratecolumn - whether in the light curve the account of the speed;
• timebinsize - the size of a bin in the light curve (in seconds).
Another significant moment of the data reduction is the selection of the region
of interest on the filtered image. It was found by the XMM-Newton team3 that 90%
of the energy from a point source is contained in a circle with a radius of 30-45 arcsec.
3http://www.cosmos.esa.int/web/xmm-newton/documentation
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They showed that for the quantitative analysis of the light curve and spectrum of point
sources, the optimal range of radius should be about 40-50 arcsec, or 800-1000 in physical
units. I select a region of radius 1000 units for the XMM-Newton data analysis of binary
systems. To build the spectra, we need to use the evselect task again but with following
parameters:
• withspectrumset=yes - whether to create a range of file
• spectrumset - the name of the created spectrum (output name)
• energycolumn - energy column name (in our case is PI)
• withspecranges - indicate whether the channel borders (yes)
• specchannelmin - the minimum value of PI
• specchannelmax - the maximum value of PI (for MOS camera is 11999, for pn -
20479). It is not recommended to change this value
• spectralbinsize - the size of a bin in the PI units (for MOS cameras is 15, for
pn - 5). It is not recommended to change this value
• updateexposure - update exposure information (necessary for correct calculation
of the count rate)
For a quantitative analysis of the spectrum it is necessary to subtract the background
events. To do this, we need to select a region without any point sources and nearby the
source region (best of all, in the same-CCD). It is necessary that the chosen background
region is bigger than the source region. The background spectrum will be normalized to
the ratio of scaling factors and the background source. This will (to first approximation,
it does not work in the case of extended sources) allow us to subtract the background
for the point sources. The output spectrum contains the number of photons PI per bin.
Using the exposure time, it is possible to calculate the count rate in each bin.
However, the obtained value is strongly dependent upon the instrument. Namely, the
charge redistribution in the surface of the CCD leads to the production of an off-diagonal
matrix, in this case, the “physical” energy depends upon the channel number (redistri-
bution matrix function, RMF). Such effects as the partial reflection of photons from the
mirror, the quantum efficiency of the CCD, the PSF correction, and the presence of
out-of-time events, are recorded in a so-called ancillary response function (ARF) which
contains an effective area as a function of energy. RMF and ARF files are modeled nu-
merically using the rmfgen and arfgen tasks, respectively. The rmfgen task has the
following parameters:
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• format = ’var’ - by default
• rmfset - the name of the generated RMF file (output name)
• spectrumset - the name of used spectrum
• threshold - the elements of the matrix with a value less than that set in threshold
are considered to be zero
The arfgen task requires the following parameters:
• arfset - the name of the created ARF (output name)
• extendedsource = no - set to simulate a point source
• modelee = yes - “yes” if you need to simulate the PSF to describe the external
regions. This is an important parameter since to calculate the correct value of the
flux we must model the PSF in the central part
• psfenergy - the energy at which the PSF is calculated (5 keV by default)
• withrmfset = yes - whether to use a previously created RMF (recommended)
• rmfset - the name of a previously created RMF file
• spectrumset - the name of the spectrum
• withbadpixcorr - “yes” if you need to make the exception of bad pixels
• badpixlocation - the name of the file that specifies the position of the bad pixels.
It is possible to take the filtered event file
• modelootcorr - whether to correct the out-of-time events
After the production of the source and background spectra, as well as the RMF and ARF,
all these files should be grouped for further analysis. The grppha groups these files
into one. Thus, the grouped spectra are ready for scientific analysis, i.e., modeling. In
my thesis, the analysis of spectra was performed in the Xspec environment (details see
below).
2.3 Chandra X-ray Observatory
The Chandra X-ray observatory was launched by shuttle on 23 July 1999 (the
orbit is elliptical with a perigee of 10 000 km and an apogee of 140 000 km, the orbital
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Figure 2.5: The Chandra X-ray Observatory (NASA, 2007).
period is about 64 hours). Chandra has the highest resolution (0.492 arcsec) of all past
and current X-ray telescopes. The Chandra telescope has 4 mirrors of Wolter’s type,
and includes two instruments on-board: the High Resolution Camera and CCD X-ray
spectrometer (Advanced CCD imaging spectrometer, ACIS) [154]. In addition, Chandra
has two types of arrays for recording high- and low- energy photons (High- and Low-
energy transmission grating) [155]. A schematic view of the main parts and units of
the observatory is shown in Fig. 2.5. The observatory covers the 0.3 – 10.0 keV energy
range, corresponding to soft X-rays. The spatial resolution of ACIS is limited by the size
of the pixels. Such a limitation works in both cases for ACIS-S and ACIS-I detectors.
It was estimated that about 90% of the encircled energy concentrates within 2 arcsec
at 1.49 keV and within 2.5 arcsec at 6.4 keV. No evidence for any differences between
the databases obtained by ACIS-S and ACIS-I was found. Chandra has better spatial
resolution (< 1”) than previous X-ray missions and the highest spectral resolution.
Thanks to the design, 50% of the energy is concentrated in the area of 0.4 arcsec in the
line of sight to the source, and 90% in the area of 0.9 arcsec. The FWHM (full-width-
half-maximum) of the on-axis point spread function is 0.5”. However, in the case when
the point moves more than a few arcmin off-axis the PSF increases rapidly [154, 156].
In my thesis, I used data from the ACIS instrument only. Here, I review the main
characteristics of the ACIS instrument. The mirrors of Chandra are comprised of 4 pairs
of parabolic and hyperbolic mirrors nested into each other. The largest diameter mirror
is 1.2 meters across. The focal distance of the telescope is 10 meters. The effective
surface area is largest for energies below 2 keV (see Fig. 2.6).
The Integrated Science Instrument Module (ISIM) consists of the Advanced CCD
Imaging Spectrometer (ACIS) and High Resolution Camera (HRC). The ACIS spectrom-
eter consists of 10 CCD pixel size 1024×1024. These 10 matrices form 2 arrays with
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Figure 2.6: The effective area of the ACIS instrument in Chandra X-ray Observatory
(NASA, 2007).
Figure 2.7: A schematic view of the Chandra ACIS focal plane layout. The “x” at the
I3 chip and the “+” at the S3 chip represents the default aiming points for observations
with ACIS-I and ACIS-S respectively (NASA, 2007).
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different fields of view, and size. ACIS-I (I0-I3) has a grid of 2×2 with a field of 16 x
16 arcmin and is used mainly for spectroscopy images, while ACIS-S (S0-S5) has 1×6
grid with a field of 8 x 50 arcmin and is used not only for image spectroscopy, but also
for conventional spectroscopy. Pixel size is approximately 24 µm (∼ 0.492 arcsec). The
ACIS spectrometer contains two types of CCD matrices with front and back lighting.
In the case of front illumination, the X-rays photons fall into the top of the device; in
the case of back illumination the streams of photons come from below. Fig. 2.7 shows a
schematic view of the ACIS instrument.
2.3.1 Analysis of Chandra X-ray Data
In this thesis, the Chandra data reduction was performed using the Chandra
Interactive Analysis of Observations, called CIAO. I have used the CIAO version 4.6 and
calibration database version 4.6.3. A full description of the CIAO software package,
as well as a guide to data analysis, is available at the main CIAO web-page4. Also, I
used [157] to analyze the ACIS data. CIAO includes the Sherpa fitting environment
[158], the analogue of Xspec. The Chandra scientific products were analyzed in the
same manner as XMM-Newton data, i.e. spectral modeling was performed in Xspec,
and the visualization of images was done using ds9. All data are available through
the official Chandra web-page, i.e., http://cxc.harvard.edu/cda/ (in addition through
HEASARC web-page) after the proprietary period (usually one year). All data can be
downloaded as .fits files and in the same manner as XMM-Newton data (see above).
The downloaded data have “primary” and “secondary” files, according to folders that
you will see in the observational folder. The standard screening and reprocessing data
files can be done with the chandra repro task. This task checks the “level 1” data files
for the presence of cosmic background events, etc. As a result, this task creates a new
folder (the default name is “repro”) with “level 2” data files that can immediately be
used for data analysis. After defining the region on the CCD, the specextract task is
able to generate all required files, including the ARF and RMF. Using this task, it is also
possible to subtract the background events. The data were grouped using the grppha
task. The spectral modeling was performed in the Xspec environment.
2.4 Suzaku X-ray Observatory
Suzaku is a Japanese X-ray Space Observatory launched on 10 July 2005. The
orbit is elliptical with an apogee of 568 km, an orbital period is about 96 min that gives
4http://cxc.harvard.edu/ciao/manuals.html
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Figure 2.8: The image of the Suzaku X-ray Observatory.
Figure 2.9: The total effective area of XIS (left) and HXD (right) Suzaku instruments.
The images are taken from official Suzaku web-page.
∼ 43% of observing efficiency [159]. An image of the Suzaku observatory is presented
in Fig. 2.8. Suzaku consists of 4 main instruments: the XRT (X-ray telescope) [160],
XIS (X-ray Imaging Spectrometer) [161], HXD (Hard X-ray Detector) [162, 163] and
WAM (Wide-band All-sky Monitor). The main capabilities of Suzaku’s instruments are
reviewed in Tab. 2.2. The XIS instrument is analogue to ACIS on Chandra, and EPIC
on XMM-Newton. The HXD instrument consists of two detectors, i.e., PIN and GSO.
The total effective area as a function of energy for XIS and HXD is shown in Fig. 2.9.
The Suzaku XIS instrument consists of 4 sets of mirrors. These sets are located in the
focal plane of the XRT. Each of them has a CCD with 1024×1024 array. Such a CCD
is 25×25 mm in size and covers a 17’.8×17’.8 area of sky.
Note that XIS2 has not operated since 9 November 2006 due to fatal damage [165].
The XIS0 and XIS3 use a front-illuminated CCD, in contrast with XIS1 which uses a
back-illuminated CCD. The HXD is a non-imaging instrument including 16 detectors
and 20 scintillators. The WAM instrument is a part of the HXD which is mainly used
to observe solar flares, gamma-ray bursts, bright X-ray transients, etc.
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Table 2.2: The log of Suzaku characteristics (the information is taken from [164]).
XRT XIS HXD WAM
FOV 17’ at 1.5 keV 17’.8×17’.8 4.◦5×4.◦5 (& 100 keV) 2π (non-pointing)
34’×34’ (. 100 keV)
Eff.area 440 cm2 at 1.5 keV 330(FI) cm2 at 1.5 keV 160 cm2 at 20 keV 800 cm2 at 100 keV
370(BI) cm2 at 1.5 keV 260 cm2 at 100 keV 400 cm2 at 1 MeV
Bandpass 0.2 - 12.0 keV 0.2 - 12.0 keV 10.0 - 600.0 keV 50.0 keV - 5.0 MeV
- PIN 10-70 keV
- GSO 40-600 keV
Angular resolution 2’ (HPD)
Time resolution 8 s (normal mode) 61 µs 31.25 ms for GRB
7.8 ms (P-sum mode) 1 s for All-sky-Monitor
Energy resolution ∼130 eV at 6 keV ∼3 keV for PIN
7.6/
√
EMeV% for GSO
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2.4.1 Analysis of Suzaku X-ray Data
Suzaku data can be downloaded through HEASARC in the same way as for XMM-
Newton and Chandra (or through the http://darts.isas.jaxa.jp/astro/astroquery/, i.e.,
the official Suzaku website). For data reduction and scientific analysis, the HEASoft
software package v.6.19 as well as the latest calibration files were used. The aepipeline
tool was used to perform recalibration and rescreening of the XIS and HXD data. I
excluded data obtained during passages through the South Atlantic Anomaly5. For XIS
analysis, I used “cleaned event files”. I have re-processed them with standard screening
criteria as recommended by the Suzaku team6. The source region was selected with a
radius of 100 arcsec. The xselect task performs the data analysis to extract the main
scientific products like images, lightcurves and spectra. The response matrices (RMF) and
ancillary response functions (ARF) were generated using xisrmfgen and xissimarfgen,
respectively. The spectra and lightcurves for the three XIS instruments were grouped
using addascaspec task. The HXD/PIN spectra were extracted using the hxdpinxbpi
tool. Before extracting PIN spectra the PIN non-X-ray background files compiled by
the XIS team were downloaded. Two different non-X-ray background models for the
HXD/PIN are available, the tuned background7 and the quick background8. In this
thesis, I use tuned files as recommended by Suzaku team [164]. The hxdpinxbpi tool
performs the dead time correction of data as well as taking into account the PIN back-
grounds (non-X-ray background (NXB) and cosmic X-ray background (CXB)). The
CXB flux is approximately 5% of the total background for HXD/PIN and 0.1% for
HXD/GSO instruments. The estimation of CXB assumes uniform emission from a area
of 2×2 degree. Source spectra were binned using the grppha task, and analyzed using
the Xspec environment.
2.5 Swift X-ray Observatory
The main task of the Swift [166] observatory is to observe gamma-ray bursts
(GRBs) and their afterflares. The observations of afterflares by the Swift observatory
are as follows. Monitoring of gamma-ray bursts, called BAT (Burst Alert Telescope)
[167], works in the energy range 15-150 keV, and has a wide field of view (about 1.4
sr). As a result, the telescope observes about 100 GRBs per year. When the BAT
detects an increase of flux in a certain direction, the telescope commands the satellite to
5The Suzaku launched in low-Earth orbit, as a result, the high particle flux makes Suzaku instruments
unusable [164].
6http://heasarc.gsfc.nasa.gov/docs/suzaku/analysis/abc/node9.html
7ftp://legacy.gsfc.nasa.gov/suzaku/data/background/pinnxb ver2.0 tuned/
8ftp://legacy.gsfc.nasa.gov/suzaku/data/background/pinnxb ver2.0 quick/
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Figure 2.10: Schematic view of Swift Observatory. Image credit: NASA (public
domain).
slew the XRT (X-ray Telescope) [168], and the UV/Optical Telescope (UVOT), towards
gamma-ray burst (in fact, the observatory is named “Swift” in honor of the very quick
bird, catching insects on the fly). Such repositioning from one direction to another
takes about 90 seconds, which allows us to observe the afterflare of gamma-ray bursts in
the X-ray and ultraviolet-optical bands simultaneously. The requirement that Swift be
able to reposition so quickly, and with such flexibility, restricts the physical size of the
observatory to being quite small, and, as a result, greatly limits the effective area of the
telescope (compared to the current telescope observatories, for example, XMM-Newton,
Chandra and Suzaku). It is not very important for the analysis of afterflares, because
they are quite bright events. On the other hand, the X-ray telescope spends most of its
time “resting”, since gamma-ray bursts are rare events. Therefore, the auxiliary task
of XRT is monitoring the state of quite bright X-ray objects. The XRT uses different
operating modes to observe the sources. Depending on the brightness of the source,
the X-ray observation can be performed using Imaging mode (IM), Photo-diode mode
(PD), Windowed Timing mode (WT), or Photon Counting mode (PC). An image of
Swift X-ray Observatory is shown in Fig. 2.10.
2.5.1 Analysis of Swift X-ray Data
The data are available on the official Swift web-page9 and HEASARC. The data
can be downloaded in the same manner as for XMM-Newton, Chandra or Suzaku. The
9http://www.swift.ac.uk/swift portal/
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only peculiarity is that we need to select the Swift Master Catalog (and not the Swift
XRT Instrument Log). From the data products, it is enough to download “aux” and
“xrt” data only. In this thesis, I used the HEASoft software package, version 6.19 to
reduce and process Swift data. The data were reduced with standard procedures using
the FTOOLS10 task xrtpipeline. I subtracted the background events in the same
manner as for the other missions. I have chosen the background areas as circular regions
with the same radius as the source areas. The Swift data are usually characterized by a
low count rate (about 0.4 counts/sec). With such a low count rate pile-up correction is
not necessary [169]. The ARF files of Swift spectra were generated using xrtmkarf, while
RMF files were downloaded separately for each observation11 and according to different
modes of Swift data as well.
2.6 Fermi Gamma-ray Observatory
The Fermi Space Telescope (see Fig. 2.11) was launched on 11 June 2008. Firstly,
this telescope was originally called GLAST , but later was renamed to Fermi. The two
main instruments on board of Fermi are LAT (Large Area Telescope) [100, 170] and
GBM (GLAST Burst Monitor). The LAT is used for ordinary observations of sources,
while GBM is used mainly to observe the gamma-ray bursts. In my thesis I used LAT
observations, thus, here I describe how to process the data of LAT only (often written
as Fermi/LAT). LAT works like a particle detector rather than a usual telescope. LAT
consists of 880,000 silicon strips to detect high energy gamma-rays. All these strips are
concentrated in a 1.8 meter cube. Fermi orbits around Earth detecting gamma rays from
cosmic sources. These gamma rays interact firstly with tungsten’s highly charged and
massive atomic nuclei (electrons and positrons) creating electron-positron pairs. Such
pairs can be easily detected by silicon strips. Then, such signals can be transformed to
the arrival time of the original gamma-ray photon and its direction as well. Then, these
particles transfer through a cesium iodide imaging collimator generating light flashes.
The brightness of these light flashes is proportional to the energy of particles [171, 172].
LAT observes the sky in the energy range from 30 MeV to about 1 TeV, however, the
common or “normal” energy band of this instrument is 100 MeV – 300 GeV. The analysis
of LAT observations performed with energies below 100 MeV is extremely complicated,
because such data are characterized by an increasing background. Moreover, problems
are also known with the calibration for data analysis of observations made above 300
GeV. Fermi was launched specifically to constantly scan the full sky. Fermi makes a
full rotation around its axis every ∼ 1.6 hours, and views the full sky every two turns,
10http://heasarc.gsfc.nasa.gov/docs/software
11http://www.swift.ac.uk/analysis/xrt/rmfarf.php
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Figure 2.11: Schematic view of Fermi/LAT Gamma-Ray Observatory (NASA credit).
Figure 2.12: The point spread function of Fermi/LAT as a function of energy (NASA
credit).
i.e., 3.2 hours [173]. Sometimes Fermi can be stopped to observe only one object, but
this happens only in extraordinary cases (e.g., observation of the “standard candle” -
the pulsar in the Crab Nebula, in September of 2010) [174–176].
The PSF of Fermi l is highly dependent on energy as θPSF = 2 * (E/1 GeV)
−0.8
degrees (for 95% confidence interval). As a result, the PSF at 100 MeV is equal to
10 degrees, but at 100 GeV is to equal 0.2 degrees only12. This should be considered
when analyzing the data obtained from Fermi l. The PSF of Fermi/LAT as a function
of energy is presented in Fig. 2.12.
12https://www.slac.stanford.edu/exp/glast/wb/test/
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2.6.1 Analysis of Fermi X-ray Data
The Fermi data can be downloaded using the official Fermi web-page13. For
the analysis we need to download a file with the registered events (photon file) and a
file containing the position and orientation of the satellite in space (spacecraft file). It
should be noted, that if the content of the event file depends on the part of the sky that
you selected, the satellite file depends on time only. As a result, if you need to analyze
the observation of two objects during the same time period, then the satellite file can be
downloaded only once. On the web-page introduced above we need to indicate the name
of the source of interest, search radius, observation dates and the energy range. At the
bottom of the page we need to indicate that we also want to download the spacecraft
data. Then, click on “Start search”. On the next page, the server will inform us that the
our request has been successfully received. In addition, the server will show a summary
of our request and a link where we can download the data. Note, that your summary is
useful to keep, at least to remind us what files were downloaded.
In my thesis, the analysis was processed using the Fermi Science Tools 09-27-01
software package14. The Fermi server calls the downloaded files by names, e.g.,
L100924055816E0D2F37E91_PH00.fits
L100924055816E0D2F37E91_SC00.fits.
I strongly recommend to rename them with short names, e.g. “ph.fits” and “sc.fits”. By
the way, if you downloaded a lot of data, the Fermi server breaks them into smaller files
(after I usually rename these files as ph0.fits, ph1.fits, ph2.fits, ph3.fits and so on). I
recommend to combine them together into one file, e.g. “ph.fits”. Now the data should
be filtered. Why is this necessary? It must be performed because not all registered
events are the photons from the interested source, there are also cosmic rays and events
from other sources. Fermi is able to define the events which correspond to the target
source. General recommendations for event filters can be found on the official Fermi
web-page15. I used the gtselect task to filter the event files. Now we need to consider
that the satellite could not work all the time. Disruptions are possible during normal
operation. This issue can be solved by choosing the GTI (Good Time Interval). To
record the GTI to our data we need to use the gtmktime task. To build the image, I
used the gtbin task indicating the name of the filtered event file, name of the spacecraft
file, size of the output image with output name, coordinates of the source, and the
image scale. To build the lightcurve and spectrum, the gtbin task was used also. We
13http://fermi.gsfc.nasa.gov/cgi-bin/ssc/LAT/LATDataQuery.cgi
14http://fermi.gsfc.nasa.gov/ssc/data/analysis/software/
15http://fermi.gsfc.nasa.gov/
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can choose whether to create a lightcurve or spectrum, or image, etc in the “Type of
output file” field of gtbin task. The visualization of images can be done with ds9, while
lightcurve can be viewed using the fv tool. To perform the spectral analysis I used the
P7SOURCE and P7SOURCE V6 instrument response functions. The zenith angle cut was
applied as < 100◦. It is necessary to reject atmospheric gamma particles associated
with Earth’s limb. To obtain the spectrum of the source, it is also necessary to provide
three files, the catalog of Fermi sources where the model for each source observed by
Fermi is indicated, the model that describes the galactic diffuse emission, and the model
that describes the isotropic diffuse component. The latest version of these files are
available on the official Fermi web-page mentioned above. In my thesis, I used the 2
year catalog [177, 178], the gal 2yearp7v6 v0.fitsmodel for the galactic emission, and
the iso p7v6source.txt model for the isotropic component [172]. For Fermi spectral
analysis of binaries I also choose the 0.1-300.0 GeV energy band. According to this
energy and PSF, I have extracted the scientific products from circular region of radius
20◦.
2.7 X-ray spectral analysis
The user receives data from the X-ray telescope, which contains information about
events (EVENTS), such as coordinates of the position of each event (DETX, DETY),
the time of the event (TIME), energy channel events (known as PHA or PI, amplitude
analyzer pulses) and the probability of this event. Among other data, the predicted
state of the sky in detector coordinates (X,Y), impulse invariant, PHA-adjusted change
of events, PI power channel and ENERGY channel, which evaluates energy events and
information on chips (ACIS spectrometer) are received also as well as the status of events
on separate chips. A display of a specific PI channel in units of energy can be obtained
using the response matrix file (RMF). For the specific energy of an input photon, there
are a number of possible channels of PI which can be activated. The RMF file gives
the probability that the photon energy is in a certain energy range for a given number
of events with a specific PI or PHA values. If the actual spectrum of sources can be
provided as a function of energy, f(E), we can get the number of DPI in each channel
of the detector PI as
DPI =
∫ ∞
E=0
f(E)RMF(PI,E)dE. (2.1)
The obvious way to check whether the source spectrum is consistent with the
model spectrum is the inverse convolution of the RMF. Unfortunately, this convolution is
not unique, because it is unstable to small changes of DPI . In addition, ARF files must
be generated. The ARF files take into account additional effects, such as the effective
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area of the telescope depending on energy. The modeled spectrum is the convolution
of RMF and ARF files [156]. Comparison and verification of theoretical and observation
models can be done using a χ2-test. The value of χ2 during simulation looks like
χ2 =
N∑
j−1
[h(xj −NP (xj))]2
σj(h)2
, (2.2)
where xj is the value obtained from spectral binning, h(xj) is photon frequency, N is
overall number of iterations, P (xj) is probability of obtained value (predicted by model),
and σj(h) is standard deviation depending from observed frequency h(xj). With enough
events per bin, we can rewrite the previous equation as
χ2 =
max∑
PI=min
[DPI −MPI ]2
DPI
, (2.3)
here DPI is the number of observed PI, MPI provides the number of modeled PI. The
variations of the model parameters to reduce χ2 can improve the model. The param-
eters that give the lowest χ2 are the best-fit parameters that can be used to describe
observational data. If the model describes the observational data so χ2 corresponds to
the χ2/ν value, where ν is a number of degrees of freedom for spectral modeling (the
difference between the number of all spectral channels (i.e. max − min + 1) and the
number of free parameters of the model).
The physical parameters of spectra such as flux, parameters of the models, etc,
can be obtained using the application Xspec16 [179]. Xspec is a tool included in the
software package HEASOFT. To determine the physical parameters of the source it is
necessary to model the spectra of the source. Xspec performs modeling using a number
of additive, multiplicative models and their combinations. Selecting a model is often
a combination of science and art. Below I list a few points that I found useful when
selecting a model:
• First of all, at low energies, the absorption of the spectrum of the source is modified,
mainly by the interstellar medium. There are several models of absorption. Here,
I used the models phabs and wabs depending on the task. These models include
one parameter, the column density of hydrogen atoms [180, 181]. This value can
be obtained in two ways. Galactic surveys are suitable for extragalactic sources.
For galactic sources, this value is usually an upper limit. Thus, the column density
should be determined from the modeling.
16http://heasarc.nasa.gov/xanadu/xspec/XspecManual.pdf
53
• Secondly, it is needed to check the thermal component in the spectrum. Such a
component can be easily defined using the emission lines in the spectrum of the
object. A non-thermal component is also visible, so the radiation can generally be
described as the sum of the thermal and non-thermal components.
• Thirdly, we should start with these simplest models, updating them if it is nec-
essary. For example, the simplest non-thermal model is powerlaw, describing a
power spectrum (with a fixed spectral index). The simplest thermal model is
bbody, this model describes the black body radiation. Emission lines phenomeno-
logically might be described, for example, by a gaussian model.
• Fourth, there are models that are commonly used for particular class objects.
The XMM-Newton, Chandra, Suzaku and Swift spectra were analyzed in Xspec
version 12.8.2 with an absorbed power law model. In the Xspec environment, the sim-
plest power law model is called power and is defined as
A(E) = KE−α, (2.4)
where α is the photon index of power law model.
2.7.1 χ2− and C− statistics
A maximum likelihood is the standard statistic that is usually used in parameter
calculations [182]. The definition of errors of modeled parameters is performed in Xspec
using two types of statistics, Gaussian and Poisson. Poisson statistics are usually used
with statistically poor data, in contrast with Gaussian statistics which can work only
with statistically rich data (i.e. data with low and high count rate). Below I describe
the mathematical equations of these statistics (see [182–185] for more details). The
likelihood for Gaussian data (χ2 - statistic) is performed in Xspec as
L =
N∏
j=1
1
σj
√
2π
exp
[
−(xj −mj)2
2σ2j
]
. (2.5)
The sense of xj in the Eq. 2.5 correspond to the indicator of the observed data values,
while the σj correspond to the errors of these observed values. The sense of mj corre-
spond to the theoretically predicted data values. The double negative natural logarithm
of Eq. 2.5 provides nearby statistic
χ2 =
N∑
j=1
(xj −mj)2
σ2j
, (2.6)
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and referred as the statistic chi command in Xspec environment.
The likelihood for Poisson data (C - statistic) is performed in Xspec as
L =
N∏
j=1
(
(tmj)
Sje−tmj/Sj !
)
. (2.7)
The sense of Sj in the Eq. 2.7 correspond to the observed data values. The values
of mj and t correspond to the theoretically predicted data values and exposure times,
respectively. The maximum likelihood of the Poisson values can be presented as
C = 2
N∑
j=1
((tmj)− Sj ln (tmj) + ln (Sj !)) . (2.8)
The Eq. 2.8 was firstly presented by [183] and modified to give
C = 2
N∑
j=1
((tmj)− Sj + Sj(ln (Sj)− ln (tmj))) . (2.9)
As a result, such statistic is proportional to S2 if we have to deal with a limit of indicator
of data values. The Eq. 2.9 is referred in Xspec as the statistic cstat command. In
my thesis I used both statistics depending on the task.
2.7.2 Parameter measurements
To estimate the pair parameters of source spectra modeled by power law model,
I used Monte Carlo simulations and Xspec. The main reasons to do such an approach
are (1) statistically poor data and (2) correlation between parameters of model (in my
case, NH (hydrogen column density) and Γ (photon index)) and obtained flux. The
data with poor statistics have large and non-symmetric error bars in spectral bins. As a
result, the uncertainties in the derived flux become also non-symmetric (non-Gaussian)
- a fact which is important to take into account in the subsequent analysis. A more
significant problem, however, lies in correlations between the model parameters, which
complicates an accurate estimation of the uncertainties on the derived values of the
flux. To resolve these problems I performed the Monte Carlo simulations to estimate
directly the scatter and correlations between the parameters of the spectral model and
to compute statistically precise uncertainties on the estimated flux values [186, 187].
As a first step of simulations I sample the NH - Γ parameter of each observation
with Xspec to obtain the C-statistic likelihood profile of the fit to the data. The values
of likelihood in this profile can be used to determine how probable is a given combination
(NH , Γ) with respect to the best fit values. This probability can be estimated from the
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Figure 2.13: (left:) The C-statistic likelihood profile on the grid of column density,
NH , and photon index, Γ. (right:) The distribution of the selected test-points in each
annulus.
Wilks theorem, determining the -2 log(likelihood) values to be distributed around the
minimum as χ2 with 2 degrees of freedom - as there are two model parameters of interest
(NH and Γ). As an example, the corresponding confidence ranges with 10% step are
shown in Fig. 2.13 for one of the analyzed observations.
Next I randomly choose 1000 points in the derived NH - Γ parameter space
according to the probability profile derived at the previous stage (see right image in
Fig. 2.13). For each of these pairs, I then compute the corresponding source flux. In this
way I obtain the probability distribution of source flux in a given observation, which
naturally accounts for the correlations between the latter, NH and Γ.
To estimate confidence intervals for values of flux, I built an averaged histogram
of all obtained fluxes, as shown on the left panel of Fig. 2.14. Using this histogram, I
calculated the errors for the values of the flux in such a way, that the interval [F-dF-;
F] contains 68 % of all simulated flux values below F and [F; F+dF+] contains 68 % of
values above it (see right panel in Fig. 2.14). To do this approach, I used the cumulative
distribution function (CDF). The definition of CDF, in the case of random variable X
is
F (x) =
∫ x
−∞
f(t)dt, for−
∫
< x <
∫
. (2.10)
In probability theory and statistics, CDF, evaluated at x is the probability that the
defined randomly variable X will take a value less than or equal to x. In other words,
CDF (x) = P (X <= x), where P denotes probability. In the case of a continuous
distribution, it gives the area under the probability density function from minus infinity
to x. In addition, CDF might be used to determine the propagation of variables. The
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Figure 2.14: (left:) The histogram of averaged values of flux. The dotted line cor-
responds the best-flux value, while two dashed lines correspond the 68 % confidence
range of errors. (right:) The cumulative distribution function of flux.
confidence intervals dΓ+ and dΓ- as well as dNH+ and dNH - were computed from this
distribution in the same way as flux. The error-bars of column density and slope were
calculated for 1σ confidence level as well.
The X-ray flux, F , that I was interested here, depends on the number of other
parameters, such as the source spectral index (Γ), normalization (A) and the assumed
hydrogen column density (NH). The proper estimation of the uncertainties on the flux
thus requires the sampling of the Γ−A−NH parameter space, which is conventionally
performed with the help of Monte Carlo simulations (e.g., the Monte Carlo Markov
Chain method).
Such simulations typically start from the raw data and propagate the corre-
sponding measurement uncertainties to the value of interest - such as the flux in my
case. Development of such simulation can be a complicated enterprise as it requires, in
particular, the proper account for the instrument response functions (IRFs). To sim-
plify the analysis and minimize the sources of potential errors, I’ve built my simulations
around Xspec, which includes the correct treatment of IRFs. Xspec is not capable of
doing the MC simulation I needed, but instead can properly sample the fit likelihood in
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the Γ−A−NH parameter space. Thus, my method above used this sampled likelihood
in a smaller MC simulation, which computed the exact confidence ranges for the X-ray
flux values I have obtained at earlier steps.
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Chapter 3
High-energy processes in
gamma-ray binaries
In this chapter, I review the main high-energy emission mechanisms relevant to
gamma-ray binaries. For this, I describe the main theoretical aspects of “leptonic pro-
cesses”, namely: Compton scattering, inverse-Compton scattering, bremsstrahlung, and
synchrotron radiation. The initial energy of particles can be changed by cooling, so I de-
scribe the equations of cooling for particles and define analytical solutions in some cases.
I also discuss possible additional mechanisms of high-energy processes in binary sys-
tems, namely: “hadronic processes” (proton-proton collision, photomeson production).
For PSR B1259−63, I calculate the energy losses of electrons during inverse-Compton
scattering, synchrotron radiation and ionization.
3.1 Compton scattering
Compton scattering is the scattering of a photon by an electron [188–191]. Comp-
ton scattering determines the opacity of material to both X-rays and gamma-rays (high-
energy). It plays an important role in the atmospheres of neutron stars, in X-ray sources,
and in the interior of stars. A special case of Compton scattering in the limit of low-
frequency photons and low-energy electrons is Thomson scattering. In the scattering
of a photon by an electron at rest, due to the laws of conservation of energy and mo-
mentum, the photon loses energy and transfers it to an electron. This phenomenon
was experimentally discovered in 1922 by American physicist A. Compton who investi-
gated the scattering of X-rays photons in graphite, and is known as the Compton effect.
Due to the scattering of low-frequency photons by ultra-relativistic electrons, the en-
ergy of photons increases (many times). This effect is called the inverse-Compton effect.
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The inverse-Compton effect is one of the most important mechanisms in the X-ray and
gamma-ray spectral range of astronomical objects.
The cross section of Compton scattering (i.e., Klein-Nishina) depends on the
parameter x = (2hν/mec
2) · γ(1 − µv/c) [189], where ν is the frequency of the photon
before scattering, µ is cos of the angle Θ between the directions of propagation of
the electron and photon before scattering, v is the velocity of the electron before the
scattering, γ = [1 − (v/c)2]−1/2 is the Lorentz factor of the electron. In the case of
a stationary electron scattering, x = 2hν/mec
2. For the non-relativistic case (x ≪ 1)
the cross section σ is slowly reduced, and σ = σT (1 − x). For the ultra-relativistic
case (x ≫ 1) the cross section decreases rapidly with increasing x as σ = (3/4)σT ·
x−1(ln x+ 1/2). Thus, for low-frequency photon scattering the cross section is equal to
the section of the Thomson scattering of σT = (8π/3)(e
2/mec
2) = 6.65 · 10−25cm2. As
with Thomson scattering, Compton scattering can lead to noticeable polarization effects.
During Compton scattering, the frequency of the photon and the electron energy charge
[188, 189, 191]. The frequency of the photon after scattering is
ν ′ = ν
1− µvc
1− µ′ vc + hνγmec2 (1− cosα)
, (3.1)
where µ′ is cos of the angle Θ′ between the directions of propagation of the photon after
scattering and electron before the scattering, and α is the scattering angle (the angle
between the directions of propagation of the photon before and after scattering (see
Fig. 3.1). In the case of scattering off an electron at rest
ν ′ = ν
1
1 + hν
mec2
(1− cosα) , (3.2)
or
λ′ = λ+
h
mec
(1− cosα), (3.3)
thus, the scattering of the photon at wavelength λ is increased, this increase (propor-
tional to h, and, therefore, having a quantum nature) depends only on the scattering
angle [189, 191]. The value of λC = h/mec = 0.024 A˚ is called Compton wavelength.
From the equations above it is clear that the change in wavelength of the photon in
the scattering on a stationary electron is less than λ and, thus, is substantial only for
sufficiently short-wave radiation.
During Compton scattering the photon γ1 with energy of electron hν1 has a
low probability for the production of a low-frequency photon γ2 with energy hν2 < hν1:
γ1+e→ e+γ1+γ2. This process is called the double Compton effect. The production of
low frequency photons due to the double Compton effect can compete with the inhibitory
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Figure 3.1: The Compton scattering geometry. The solid arrows correspond to the
direction of movement of the electron before and after scattering, while the wavy arrows
correspond to the same for the photon. The image is taken from [189].
process e+ p → e+ p + γt (see Bremsstrahlung radiation below) only in the extremely
tenuous and hot plasma of the early stages of expansion of the Universe, in X-ray and
gamma-ray sources. The Compton effect limits the propagation of high-energy photons
through matter [189]. As a result of multiple scatterings, the high-energy photon’s
energy is reduced (the energy being transfered to the electrons), and so it enters the
other wavelengths (cooling) and is absorbed due to the photoionization of atoms. The
Compton effect determines the length of the path of the high-energy X-ray photons (10
keV < hν < 3 MeV) in diffuse astrophysical plasma. Scattering of high-energy photons
with hν > 3 keV by the electron in a hydrogen atom occurs with the same cross section
as for a free electron. This is due to the fact that the energy imparted to the electron
due to the recoil effect is greater than the binding energy of an electron in a hydrogen
atom. In the scattering of low-frequency photons by ultra-relativistic electrons (case of
inverse-Compton effect) the maximum probability of scattering of photons occurs when
µ′ ∼ 1 [188, 190–192]. If hν/γmec2 ≪ 1, then the change in frequency of the photon is
described by formula
ν ′ = ν
1− µvc
1− µ′ vc
. (3.4)
Thus, the scattering of photons by ultra-relativistic electrons, the change of frequency
occurs only due to the Doppler effect [191] (the same as in the reflection from the
moving wall), and the scattering cross section is Thomson. It is easy to understand,
since in this case in the rest frame of the electron classical Thomson scattering occurs.
Therefore, the inverse-Compton effect, in contrast to the direct Compton effect, is a
purely classical effect (the change of frequency is independent from h). From Eq. 3.4
it follows that the scattering of the electrons motion in the direction corresponding to
µ′ ∼ 1 significantly increases the frequency of the photon ν ∼ γ2ν. The frequency
of photons in scattering by relativistic isotropically distributed electrons should rise in
(4/3)γ2 times. The same average increase takes place, if the photons of an isotropic
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radiation field are scattered by a field of ultra-relativistic electrons. If the electrons
have a power law distribution of energy dNe = Kε
−β
e dεe (dNe is the concentration of
relativistic electrons in the energy range from εe to εe + dεe), then the spectrum of the
high-energy radiation, which is formed as a result of the inverse-Compton effect of low-
frequency photons, is also a power law. Its intensity is equal to Iν = Bν
−s (K and B are
constants), where the spectrum index is s = (β − 1)/2. At very-high-energies, when the
parameter x becomes large, the cross section is decreasing, and the increase of the energy
of the photons during scattering becomes less than ∼ γ2ν. This leads to a deviation of
the high-energy spectrum from the power law. Asymptotically the intensity is equal to
Iν ∼ ν−β ln(hνkTr/m2ec4), where Tr is the temperature of low-frequency photons [189].
The inverse-Compton effect is often considered the primary mechanism in the
formation of the hard power law emission spectra in quasars and active nuclei of galaxies
[192]. This process is the main reason for the loss of energy by relativistic electrons in an
isotropic field of low-frequency radiation (e.g. in the field of the microwave background
radiation in the Universe), or radiation field of compact objects (e.g. binaries) [189].
The characteristic time of energy loss in such a field emission is t ≈ (3/4)mec/σT εrγ
[188], i.e., higher the energy of the electron (∼ γ), and the radiation energy density
εr. When εr > H
2/8π, where H is intensity of magnetic field, the energy loss due
to the inverse-Compton effect exceeds the losses to synchrotron radiation, as will be
shown in the sections below where I compare the losses of electrons for synchrotron and
inverse-Compton scattering.
3.2 Synchrotron emission
Synchrotron radiation is the radiation of electromagnetic waves of charged par-
ticles (mostly electrons in space), moving at relativistic velocities in the magnetic field
H. Synchrotron radiation from electrons was first observed in accelerators, i.e., syn-
chrotrons [76, 188, 189, 193]. Magnetic fields bend the trajectory of the motion of the
electrons (as a result of the Lorentz force), as a result, the acceleration produces the
electromagnetic radiation. This mechanism of radiation is often used to explain the ra-
dio, optical and X-ray radiation in a variety of cosmic sources. A similar non-relativistic
particle radiation is happening on a regular gyromagnetic frequency νC = qH/(2πmc)
and its first harmonics (q and m are the charge and mass of the particle at rest). The
emission of charged relativistic particles, i.e., particles moving at speeds close to the
speed of light, has a number of significant differences from the emission of slow particles.
Due to the Doppler effect, the frequency of light emitted by the fast-moving particle
in the direction of its movement is greatly increased, and the intensity of the emission
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Figure 3.2: The schematic view of synchrotron radiation. The image is taken from
http://www.astronomyclub.xyz/main-sequence/supernova-remnants.html.
increases at higher harmonics. In relativistic particles with energies E ≫ mc2, the radi-
ation at high harmonics has a practically continuous spectrum and is focused into the
direction of the instantaneous velocity in a narrow cone with an angle of the solution
ψ ∼ mc2/E. Moving in the magnetic field, the relativistic electron describes a circle (if
it has no velocity component along the field). Rotational speed in its magnetic field H is
νH =
eH
4πmc ·mc
2
E =
ecH
2πE . Hereafter H will mean the field component that is perpendicular
to the velocity vector of the particle (i.e., H⊥). The narrow cone, within which lies the
electron radiation, is rotated together with the rotation of the vector of instantaneous
velocity of the electron (Fig. 3.2). This means that the observer in the plane of the elec-
tron orbit sees bursts of radiation at those times when the electron velocity is directed
at him. Flares are happening with intervals of 2πE/ecH, the duration of each flare is
∼ (2mc/eH) · (mc2/E)2 [189].
Since the frequency of flares is high enough, the observer observes almost con-
tinuous radiation. The total power of synchrotron radiation for one electron per unit
frequency, near the frequency νm and per unit of solid angle is equal
Pν =
1.6e3H
4πmc2
= 1.7 · 1023H
( erg
s · sterrad · Hz
)
, (3.5)
where H is expressed in erg [189]. At lower frequencies, the radiation is reduced as ν1/3,
and at large frequencies, the radiation decreases exponentially ∼ ν1/2 exp(−0.29ν/νm).
For an observer located exactly in the plane of the orbit of the electron, the radiation
is linearly polarized with the electrical vector lying in the orbital plane. On a certain
angular distance from this plane, the polarization is elliptical with opposite signs on
either side of the plane. In addition, the intensity of elliptically polarized radiation is
negligible. The system of relativistic electrons in a homogeneous magnetic field gives
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linearly polarized synchrotron radiation with electrical vector which is perpendicular to
the magnetic field [189].
If all electrons had about the same energy, the emission spectrum of this system
would have the maximum at frequency νm =
eH
4πmc ·
(
E
mc2
)2
= 1.4·106H ( E
mc2
)2
(Hz). The
relativistic electrons have different energies in different cosmic conditions. Usually, the
electron energy distribution is approximated by a power law model [76, 188, 189, 193],
i.e., the number of electrons, N , in the unit of volume in energy range from E to E+∆E
as
N(E)∆E =
K
Eγ
· (mc2)γ−1 ·∆E, (3.6)
where K and γ are constants. The synchrotron radiation per unit of volume per unit of
solid angle and per unit of frequency range (so-called coefficient of radiation) is given by
Jν = a(γ)
e3H
mc2
(
3eH
4πm3c5
· 1
ν
)(γ−1)/2
·K
( erg
s · cm2 · sterrad ·Hz
)
, (3.7)
where a(γ) is a numerical coefficient that depends on γ and varies from 0.1-0.2 within
1.5 < γ < 5. The degree of linear polarization of the radiation is equal to (γ+1)(γ+7/3).
The value of (γ − 1)/2 = α is called the spectral index of synchrotron radiation. If
the concentration of relativistic electrons is not too large, the radiation intensity is
determined by the formula Iν = jν l, where l is the size of the radiation area. At
high concentrations of electrons, the self-absorption of synchrotron radiation must be
considered. The ratio between jν and coefficient of absorption κ(ν)
J
κν
= b(γ)
(
4πm3c
3eH
ν5
)1/2
, (3.8)
where the numerical coefficient B(γ) varies from 0.7 to 0.1 at 1.5 < γ < 5. The above
relations are valid, if the radiating electrons are in a vacuum. In a sufficiently dense
plasma the radiation’s character is changing, i.e., the direction of radiation and its in-
tensity decrease sharply. This leads to a cut-off of the spectrum at frequencies of less
than 7ecne/H, where ne is the concentration of electrons in the plasma. But there is
a possibility to see synchrotron maser radiation. Synchrotron radiation at radio wave-
lengths is often called non-thermal because its spectrum differs from the spectrum of
thermal radiation [189]. The spectrum of synchrotron radiation can not be characterized
by one value of the temperature, as in the case of thermal radiation. If the concentra-
tion of relativistic electrons is so high that the self-absorption of synchrotron radiation
becomes significant, the spectrum of synchrotron radiation can be characterized by a
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frequency-dependent effective temperature, Te which equals
kTe(ν) ≈ mc2
(
4πmc
eH
ν5
)1/2
. (3.9)
The synchrotron radiation mechanism is used for the interpretation of objects like our
Galaxy and other galaxies, radio, optical and X-ray radiations of the Crab Nebula and
other nebulae, supernova remnants, certain kinds of solar radiation, pulsars, quasars,
and γ-ray binaries as well [194–197].
3.3 Bremsstrahlung emission
According to the laws of electrodynamics, a charge radiates electromagnetic waves
when accelerating or decelerating [189]. In space, the deceleration (or acceleration) of
charges can be caused by either attraction or repulsion at the convergence of the elec-
trons and ions, or their centrifugal acceleration during their driving in the external
magnetic fields. Bremsstrahlung emission (in an astrophysical sense of the word) usu-
ally occurs in ionized gas due to the thermal collisions of electrons and ions. Most of the
bremsstrahlung emission can also be called the radiation of free-free transitions, because
it can be associated with transitions of electrons from one orbit to another, and it is not
accompanied by the capture of an electron by ion. The whole spectrum of electromag-
netic waves are radiated at these transitions, including X-rays and radio. The spectrum
of bremsstrahlung emission is continuous and terminates at the maximum possible en-
ergy which is equal to the initial energy of the electron. The energy of bremsstrahlung
emission in units of the plasma volume within a solid angle per unit of frequency in
range of time (another word coefficient of radiation) is equal to
Jν(T ) =
16
3
(π
6
)1/2 NνZ2e6
m2ec
3
(me
kT
)1/2
· g · e−hν/kTneni = 5.44 · 10−39NνZ
2g√
T
e−hν/kTneni
(3.10)
in units of ergs/(cm3 s sterrad Hz) [189]. nν is the refraction index, Z is the ion
charge, ne and ni are the concentration of electrons and ions, and g is the so-called
Gaunt factor (in optical range g ≈ 1, and in radio g ≈ 6-7). Due to the large mass
of the ions, their bremsstrahlung emission is negligible compared with bremsstrahlung
emission of electrons. The rate of plasma energy loss by bremsstrahlung is equal toW =
1.43·10−27T 1/2neniZ2 (erg/cm3/s). Bremsstrahlung emission is responsible for the radio
emission of the solar corona as well as the star’ coronas in general, HII regions, planetary
nebulae, gas in clusters of galaxies, etc. Bremsstrahlung emission also contributes a
significant part of the IR and optical radiations of stars. This mechanism also explains
the radiation of certain X-ray sources [188, 189].
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3.4 Calculation of losses
In the sections above, I have presented the main high-energy cooling processes
of relativistic electrons (positrons) and protons usually considered in high-energy astro-
physics. I found that inverse-Compton scattering and synchrotron radiation are the most
relevant high-energy leptonic processes in the typical environment of compact binaries.
Bremsstrahlung could be relevant in denser environments than those found in binaries.
Triplet pair production is unimportant in the cooling except if the system accelerates
electrons to PeV energies. Hadronic processes are not favored as the energy budget in
protons required to account for the full gamma-ray luminosity should be very high, i.e.,
3 or 4 orders of magnitude higher than the power injected in leptons [198]. High-energy
gamma rays can be highly absorbed through pair production due to the massive com-
panion star [79, 199]. For the modeling of the high-energy radiation in PSR B1259−63,
I will consider inverse-Compton scattering and synchrotron radiation. The result of my
modeling is presented in Chapter 5, namely in Section 5.3.
In this section, I estimate the energy losses of electrons during inverse-Compton
scattering, synchrotron radiation and ionization. I use the physical parameters of
PSR B1259−63 during the calculations below. Here, I try to understand the high-
energy processes that might be happening in this binary system. These calculations will
be used in Chapter 5 to model the double-peaked light curve of PSR B1259−63.
3.4.1 Electron losses during inverse-Compton scattering
The effect of inverse-Compton scattering of high-energy electrons through a field
of photons has been studied in detail by a number of authors. In the description below
I mostly follow [188], [200] and [201].
As was discussed above, when the energy of a photon is much smaller than the
rest mass energy of an electron, and the electron is scattered without loss of energy, i.e.,
the outcoming energy of the electron is ε1 ≈ ε0, it is known as the Thomson regime. For
example, when γe = 10
4 and ε0 = 1 eV, a γ-ray photon with energy ε1 = 100 MeV can
be produced. In the case when ε0 ≫ mec2, the electron loses almost all its energy so
the energy of the scattered photon equal ε1 ∼ γemec2. It is known as the Klein-Nishina
regime.
The integrated inverse-Compton energy losses of an electron is shown in Fig. 3.3
for the Thomson and Klein-Nishina regimes. The total power lost per electron is given
by
dE
dt
= −
∫
ε1
(ε1 − ε0)nph dN
dtdε1
dε1, (3.11)
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Figure 3.3: The numerically integrated inverse-Compton energy losses (Eq. 3.11, blue
solid line) of an electron of energy Ee = γmec
2 bathed in an isotropic gas of photons
with a black body energy distribution of effective temperature T = 34000 K (−dEe/dt
is calculated in erg/s units). The analytical formula in the Thomson (green solid line)
and Klein-Nishina (red solid line) regimes are overplotted for comparison (the analytical
equations were obtained from Eq. 3.12 and taken from [188]). The parameters used here
are compatible with PSR B1259−63: T = 34 000 K, R∗ = 6.2×1011 cm and d = 1013
cm at periastron.
where nph is the density of photons. It is known that Be-type stars emit eV photons.
The energy density of photons emitted from a Be-type star as a function of distance to
the star is shown in Fig. 3.4. Here, I used the parameters of the Be-type star similar to
the companion of the PSR B1259−63. The emission of the star is described by black-
body emission. The total flux from the star, namely the total radiation in all directions,
is constant. As a result, the flux decreases with distance from the star as 1/R2. For
more details about the density of Be-type star see Section 5.3 in Chapter 5.
The cooling timescale of inverse-Compton scattering as a function of the electron
energy is shown in Fig. 3.5. The resultant cooled spectra of electrons is shown in Fig. 3.6
for 1, 10 and 100 ks after the particle injection.
If the energy of a scattered photon in units of the initial energy of electron is
expressed ε0 = γemec
2ε1, the total spectrum of the scattered photons (the density of
γ-rays scattered per electron, per unit of energy, per unit of time) is given in [188]
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Figure 3.4: The distribution of flux density of SS 2883 as a function of distance to
star, the T = 34000 K and R∗ = 6.2×1011 cm.
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Figure 3.5: The cooling timescale of inverse-Compton scattering (solid lines, green in
the Thomson limit and red in the Klein-Nishina regime) as a function of the electron
energy. The analytical equations for the Thomson and Klein-Nishina regimes were
obtained from Eq. 3.12 and taken from [188]. The parameters used here are compatible
with PSR B1259−63: T = 34 000 K, R∗ = 10 M⊙ and d = 1013 cm at periastron.
68
105 106 107 108 109 1010
Energy, eV
1048
1049
1050
1051
1052
1053
1054
1055
1056
E*
dN
/d
t, 
er
g/
s
Initial spectrum of electrons
Cooled spectrum of electrons (103 s)
Cooled spectrum of electrons (104 s)
Cooled spectrum of electrons (105 s)
Figure 3.6: The cooled spectra of electrons during inverse-Compton scattering at 1,
10 and 100 ks after the particle injection.
(including the Klein-Nishina regime)
dNγ,ǫ
dtdε1
=
2πr20mc
3
γ
n(ε0)dε0
ε0
×
[
2q ln q + (1 + 2q)(1 − q) + 1
2
(Γε0q)
2
1 + Γε0q
(1− q)
]
, (3.12)
here Γε0 = 4ε0γ/mec
2, and q = ε1/Γε0(1 − ε1). The dimensionless parameter Γε0 ,
determines the domain of the scattering, where Thomson corresponds to Γε0 ≪ 1. In
the Thomson limit also, ε1 ≪ 1 and the last term in the brackets in Eq. 3.12 is negligible.
3.4.2 Electron losses during synchrotron radiation
Synchrotron emission was studied intensively in [200]. According to this paper,
the energy distribution of synchrotron radiation can be expressed as
dNγ
dtdEγ
=
√
3
2π
e3B
mec2~Eγ
F
(
Eγ
Ec
)
. (3.13)
In Eq. 3.13, the parameter F (x) = x
∫∞
x K5/3(τ)dτ , while the parameter Ec =
3e~Bγ2
2mec
.
In the case when B⊥ = B sinΘ, where Θ is the angle between B and υ, the previous
equation can be written as
G(x) =
∫
sin θF
( x
sin θ
) dΩ
4π
=
1
2
∫ π
0
F
( x
sin θ
)
sin2 θdθ (3.14)
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Figure 3.7: The function of emissivity for the synchrotron radiation F (x) and G(x).
The dashed line corresponds the ratio G(x)/F (x). The graph is taken from [200].
The equation mentioned above can be defined as a single integral. For this, [200] changed
the order of integration
G(x) = x
∫ ∞
x
K5/3(ξ)
√
1− x
2
ξ2
dξ, (3.15)
and using Bessel functions this can be modified as
G(x) =
x
20
[(8 + 3x2)(k1/3)
2 + xk2/3(2k1/3 − 3xk2/3)], (3.16)
here, the coefficient k1/3 is equal to K1/3(x/2), while coefficient k2/3 is equal K2/3(x/2).
The distribution of F (x) and G(x) as well as the function of G(x)/F (x) are presented
in Fig. 3.7. This distribution was obtained by [200]. They concluded that their approx-
imation, for F (x) ≈ 2.15x1/3(1+3.06x)1/6× 1+0.884x2/3+0.471x4/3
1+1.64x2/3+0.974x4/3
e−x, provides very good
accuracy, even better than 0.2% over the entire range of variable parameter x.
The total power lost per electron for synchrotron radiation was calculated in the same
way as for inverse-Compton scattering, i.e., using Eq. 3.11, and shown in Fig. 3.8.
The cooling timescale of synchrotron radiation as a function of the electron energy and
magnetic field is shown in Fig. 3.9.
The resultant cooled spectra of electrons are shown in Fig. 3.10 at 1, 100 and
10000 ks after the particle injection.
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Figure 3.8: The numerically integrated function of synchrotron energy losses (see
Eq. 3.11) of an electron of energy Ee = γmec
2 versus magnetic field (−dEe/dt is cal-
culated in erg/s units). The energy distribution of synchrotron emission was described
using equations 3.13. The parameters used here are compatible with PSR B1259−63:
T = 34 000 K, R∗ = 6.2×1011 cm and d = 1013 cm at periastron.
3.4.3 Energy losses of electrons during ionization
In addition, I estimated the energy losses of electrons during ionization. I used the
method suggested by [202], where the authors determined the energy losses of cosmic-
rays in the interstellar medium. According to their approximation, the spectrum of
the cosmic-ray component k is proportional to the inverse of the energy loss function,
determined as
Lk(E) = − 1
n(H2)
(
dE
dl
)
, (3.17)
where, l is the path length, while n(H2) is the density where we study the electrons
propagation (in my case it is the density of equatorial disc around Be-type star). [202]
considered the energy losses with H2 only (i.e., clouds of molecular hydrogen). The
column density of hydrogen N(H2) is
N(H2) =
∫
n(H2)dl, (3.18)
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Figure 3.9: The cooling timescale of synchrotron radiation as a function of energy
and magnetic field. The parameters used here are compatible with PSR B1259−63:
T = 34 000 K, R∗ = 6.2×1011 cm and d = 1013 cm at periastron.
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Figure 3.10: The cooled, synchrotron spectra for electrons at 1, 100 and 10000 ks
after particle injection.
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as a result, it is possible to re-write the function of energy losses (Eq. 3.17) in the
following form
Lk(E) = − dE
dN(H2)
. (3.19)
Then, from Eqs. 3.17, 3.18 and 3.19 the energy losses can be defined as
N(H2) = −
∫ E
E0
dE/Lk(E) = n(H2)[Rk(E0)−Rk(E)], (3.20)
here, Rk(E) is a range, which can be expressed as
Rk(E) =
∫ 0
E
dl =
∫ E
0
dE
−dE/dl =
1
n(H2)
∫ E
0
dE
Lk(E)
. (3.21)
Conservation of the number of particles, in our case electrons, can be defined from
the equation
jk(E,N)dE = j(E0, 0)dE0, (3.22)
where dE0 is a variation of the particle’s initial energy, which corresponds to variation
dE of its energy at depth N(H2) and is presented as
dE
Lk(E)
=
dE0
Lk(E, 0)
, (3.23)
As a result, the relationship between an initial spectrum jk(E0, 0) and cooled
spectrum jk(E,N) at depth N(H2) can be found from
jk(E,N) = jk(E0, 0)
dE
dE0
= jk(E0, 0)
Lk(E, 0)
Lk(E)
. (3.24)
The Eq. 3.24 and energy loss function for electrons colliding with H2 (taken from
Fig. 3.11) were used.
3.4.4 Results of calculations
The relationship between cooling time and energy of electrons during inverse-
Compton scattering, synchrotron radiation and ionization is shown in Fig. 3.12. The
energy loss rate of electrons was evaluated in the range of medium column densities,
typically suggested in hydrodynamic simulations of the disks around the Be-type stars
[203]. In the case of the 1.0 – 10.0 keV lightcurve, as shown in Fig. 3.12, the energy losses
of electrons produced by ionization below a density of 1010 cm−3 can be neglected. On
the other hand, for higher densities this energy loss should be considered. For densities
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Figure 3.11: The image is taken from [202] and describes the energy loss functions
Le(E) and Lp(E) for electrons and protons. The dashed lines correspond to Coulomb
losses. The dash-dotted line corresponds to the energy loss by pion production.
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Figure 3.12: The relationships between cooling time and energy of electrons for
inverse-Compton scattering, synchrotron and ionization energy losses. The calculations
were only performed to get the 1.0 - 10.0 keV flux of PSR B1259−63.
higher than 1012 cm−3 energy losses produced by inverse-Compton scattering can be
neglected.
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Chapter 4
X-ray and Gamma-ray
observations of PSR B1259−63
In this chapter, I report on the X-ray (XMM-Newton, Suzaku, Chandra and Swift)
and Gamma-ray (Fermi/LAT) observations of PSR B1259−63. I use historical data
of PSR B1259−63 that were downloaded from the HEASARC archive. Here, I use the
XMM-Newton data that cover observations during four periastron passages, the Chandra
observations as well Suzaku that were achieved for the last two periastron passages, and
the Swift observations of PSR B1259−63 performed during the last three periastron
passages. It is significant to note that some results described below and in the following
Chapter 5 were obtained during my participation in the project work: “Gamma-ray
emitting binaries”, sponsored by International Space Science Institute (Switzerland).
An interpretation of the results of this data analysis is given in the following Chapter 5.
4.1 The XMM-Newton observations
PSR B1259−63 was observed by XMM-Newton 16 times during last four peri-
astron passages. These data were already presented by others in [99, 204]. Here, I
reanalyzed them [205, 206] using the latest version of SAS software (v.14.0.0). The
observational log of the XMM-Newton data is presented in Tab. 4.1. The table consists
of the reference name, date of observation in MJD (Modified Julian Day), time relative
to periastron passage, orbital phase, and exposure time for each observation. The neg-
ative/positive value of τ in Tab. 4.1 corresponds the number of days before/after the
date of periastron. XMM-Newton performed the PSR B1259−63 X1 – X5 observations
in 2000 (2000 October 17), the X6 – X10 observations in 2004 (2004 March 7), the X11
– X13 in 2007 (2007 July 27), and the X14 – X16 in 2010-2011 (2010 December 14).
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Table 4.1: The log of XMM-Newton observations of PSR B1259−63 performed during
last four periastron passages.
Ref Date MJD τ, φ, Exp. time,
days deg ks
X1 2001-01-12 51921.73 87.2 320.8 11.3
X2 2001-07-11 52101.31 266.7 342.9 11.6
X3 2002-07-11 52467.24 −604.1 0.5 41.0
X4 2003-01-29 52668.27 −403.1 9.31 11.0
X5 2003-07-17 52837.53 −233.9 19.5 11.0
X6 2004-01-24 53028.79 −42.6 57.4 9.7
X7 2004-02-10 53045.43 −25.0 73.4 5.2
X8 2004-02-16 53051.39 −20.0 83.1 7.7
X9 2004-02-18 53052.02 −18.4 86.5 5.2
X10 2004-02-20 53055.82 −15.6 93.2 6.9
X11 2007-07-08 54289.32 −19.2 86.14 9.34
X12 2007-07-16 54297.47 −11.6 112.26 36.54
X13 2007-08-17 54329.48 21.1 278.57 6.35
X14 2011-01-06 55567.71 22.0 86.14 13.49
X15 2011-02-02 55594.82 49.6 112.26 13.58
X16 2011-03-04 55624.21 79.3 278.57 8.10
All 16 XMM-Newton observations were performed using the European Photon
Imaging Cameras (EPIC) MOS1, MOS2 [207] and pn [208] detectors. The X1-X5 data
were observed in the full frame mode, the X6 – X16 data in the small-window mode
including a medium filter. The X6 – X16 data were observed using all three cameras,
MOS1,2 + pn, in the case of X1 – X5 observations only MOS data available.
In the case of MOS observations, a circular area with a 25 arcsec radius was
selected to extract the event lists for spectral analysis, while for the pn data, the cir-
cular region with a 45 arcsec radius was chosen. For more details related to the data
reduction and analysis see Sec. 2.2. The standard cleaning and filtering of event lists
were performed as recommended by the XMM-Newton team. According to this recom-
mendation, the lightcurve of each observation was built above 10 keV. Then, all these
lightcurves were checked for the presence of extremely high time intervals. All time
intervals with count rate higher than 1 counts per second for pn data, and 0.35 counts
per second for MOS data were deleted. In X12 – X13 observations, the soft proton flares
were detected. Thus, the first 1000 s of X12 data as well as the last 2000 s of X13 data
were removed. To perform a background subtraction, the circular regions with the same
radii as chosen for the source events and located nearby source regions were built. To
increase statistics of spectra, the MOS1,2 + pn were fitted simultaneously.
The PSR B1259−63 spectral analysis was done with the Xspec software package.
A simple power law with a photoelectric absorption was used to model the obtained spec-
tra. This model describes the data well. No line features were found. The energy range
at which the spectral analysis was performed was chosen as 0.5 – 10.0 keV. The best-fit
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Table 4.2: The best-fit results of the spectral analysis of PSR B1259−63 XMM-
Newton data.
Ref F (1-10 keV), Γ NH , χ
2/(d.o.f.)
10−11 erg cm−2 s−1 1022 cm−2
X1 0.85+0.03−0.03 1.51 ± 0.03 0.45 ± 0.02 0.97/(341)
X2 0.28+0.02−0.02 1.36 ± 0.07 0.39 ± 0.04 1.02/(122)
X3 0.10+0.05−0.05 1.69 ± 0.04 0.29 ± 0.02 0.88/(207)
X4 0.18+0.01−0.01 1.82 ± 0.07 0.36 ± 0.03 1.01/(109)
X5 0.10+0.01−0.01 1.80 ± 0.08 0.32 ± 0.04 0.80/(62)
X6 0.25+0.02−0.02 1.41 ± 0.06 0.35 ± 0.03 0.96/(151)
X7 0.40+0.02−0.02 1.20 ± 0.04 0.28 ± 0.03 0.95/(154)
X8 1.26+0.03−0.03 1.31 ± 0.02 0.47 ± 0.01 1.12/(614)
X9 2.43+0.04−0.04 1.39 ± 0.02 0.43 ± 0.01 1.07/(737)
X10 1.68+0.04−0.04 1.47 ± 0.02 0.45 ± 0.01 0.88/(772)
X11 2.76+0.04−0.04 1.59 ± 0.01 0.48 ± 0.01 0.94/(1575)
X12 2.54+0.02−0.02 1.53 ± 0.01 0.48 ± 0.01 1.10/(2543)
X13 3.40+0.04−0.04 1.65 ± 0.01 0.48 ± 0.01 1.03/(1595)
X14 3.25+0.01−0.02 1.71 ± 0.01 0.48 ± 0.04 1.09/(2029)
X15 1.61+0.02−0.01 1.45 ± 0.01 0.44 ± 0.01 0.97/(1453)
X16 1.13+0.02−0.01 1.37 ± 0.02 0.42 ± 0.01 1.00/(851)
parameters of the spectral analysis of the XMM-Newton data are shown in Tab. 4.2.
The error bars are given at the 1σ confidence level. The systematic uncertainties are
not included into presented errors.
A first look at the obtained results shows a strong correlation between the
variation of column density values and the period when pulsar enters/leaves the disk of
Be-type star. Too small values of column density at X2 - X5 correspond to observations
when the pulsar is located outside the disk, and/or, in some cases, close to apastron.
The value of NH during these observations is less by a factor of about 1.5 than in the
observations X8 - X16 and X1 as well (see Fig. 4.1). As a result, the hydrogen column
density began to grow starting from ∼ 25 days before the moment when the pulsar
crosses the periastron and continues about 90 days after.
It is also seen that slope of the spectrum in the power law model is lower
(i.e. spectra are harder) at the moment of periastron passage. It is significant to note
that photon index anti-correlates with X-ray flux. Neither model, i.e. synchrotron or
inverse-Compton radiations of shock-accelerated electrons, can describe this feature well.
4.2 The Chandra observations
PSR B1259−63 was observed by Chandra 14 times during monitoring campaigns
in 2007, 2010 and 2014, see Tab. 4.3. The archived data are only available for 9 obser-
vations. These data were already presented in a series of recent papers [204, 209, 210].
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Figure 4.1: The behavior of column density, NH , (left image) and photon index, Γ,
(right image) as a function of time, τ .
Table 4.3: The log of PSR B1259−63 Chandra observations.
Ref Data MJD τ , φ, Exp. time,
days deg ks
Ch1 2007-07-28 54309 1 187.61 4.68
Ch2 2007-08-06 54318 10 248.87 4.67
Ch3 2007-08-24 54337 29 289.56 3.15
Ch4 2007-09-18 54362 54 308.83 7.12
Ch5 2009-05-14 54965 667 182.43 28.28
Ch6 2011-12-17 55912 370 169.82 62.04
Ch7 2013-05-19 56431 886 192.28 62.10
Ch8 2014-02-08 56695 1150 211.22 32.06
Ch9 2014-02-09 56696 1151 221.01 28.54
I reanalyzed these data with the latest version of software, CIAO v.4.6.
The FAINT mode and HETG grating were used to perform all Chandra obser-
vations. The data reduction and analysis were performed as described in Subsec. 2.3.1.
The wavdetect task was applied to detect and remove all point sources in the field
of view of PSR B1259−63. The pile-up cleaning was performed according to the data
analysis manual (see http://cxc.harvard.edu/toolkit/pimms.jsp). A circular area with
a 3 arcsec radius was selected to extract the event lists for spectral analysis. A region
with the same size and nearby source was chosen to contribute background. I used the
specextract task to extract the spectra of PSR B1259−63 and RMF and ARF files as
well. The event lists were filtered at 0.5 – 10.0 keV energy band.
An absorbed power law model was used to fit spectra of PSR B1259−63 binary
system. The best-fitting parameters are shown in Tab. 4.4. The 0.5 – 10.0 keV spectra
were analyzed with Xspec. The uncertainties of parameters are given at the 1σ con-
fidence level. The Ch1 and Ch2 spectra have very poor statistics, thus the values of
hydrogen column density for both cases were fixed at 0.48 × 1022cm−2 that is consis-
tent with the averaged value defined with the XMM-Newton observations. The orbital
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Table 4.4: The results of modeling of the PSR B1259−63 Chandra spectra.
Ref F (1-10 keV), Γ NH , χ
2/(d.o.f.)
10−11 erg cm−2 s−1 1022 cm−2
Ch1 1.24±0.07 1.65±0.07 0.48±0.01 16/(30)
Ch2 0.93±0.11 1.46±0.09 0.48±0.01 23/(22)
Ch3 3.59±0.07 1.47±0.03 0.48±0.02 187/(196)
Ch4 1.43±0.03 1.48±0.04 0.48±0.02 193/(200)
Ch5 0.14±0.01 1.51±0.10 0.15±0.01 20/(30)
Ch6 0.25±0.04 1.39±0.05 0.29±0.03 76/(87)
Ch7 0.14±0.05 1.68±0.06 0.31±0.03 146/(169)
Ch8 0.15±0.04 1.50±0.04 0.42±0.03 140/(104)
Ch9 0.15±0.04 1.51±0.05 0.43±0.04 102/(100)
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Figure 4.2: The behavior of column density, NH , (left image) and photon index, Γ,
(right image) as a function of time, τ .
evolution of the column density and photon index is shown in Fig. 4.2.
4.3 The Suzaku observations
The PSR B1259−63 binary system was observed by Suzaku 11 times during 2007
and 2010 periastron passages. These data were already presented by [165]. Here, I
reanalyzed all available data with latest version of software and calibration libraries
[205, 206]. The total exposure time of 11 observations equal about ≃ 300 ks. The list
of the Suzaku observations is given in Tab. 4.5. The Suzaku PSR B1259−63 observations
were performed with both X-ray Imaging Spectrometer (XIS) at 0.3 – 12.0 keV [161]
and Hard X-ray Detector (HXD) at 13.0 – 600.0 keV [163].
The normal full frame mode of XIS was operated to observe the emission of
PSR B1259−63. The frame time of this mode is 8 s. The XIS includes four CCDs
including XIS2 that do not operate at this moment. These CCDs are front- and back-
illuminated. In my thesis, I use front-illuminated CCDs only since they are characterized
79
Table 4.5: The log of Suzaku PSR B1259−63 observations.
Ref Date MJD τ, φ, Exp. time,
days deg ks
Sz1 2007-07-07 54288.6 -19.3 84.6 21.9
Sz2 2007-07-09 54290.7 -17.2 88.1 19.5
Sz3 2007-07-11 54292.6 -15.3 95.8 22.7
Sz4 2007-07-13 54294.7 -13.2 102.2 22.9
Sz5 2007-07-23 54304.3 -3.6 149.6 19.7
Sz6 2007-08-03 54315.3 7.4 230.0 24.0
Sz7 2007-08-18 54330.1 22.2 279.6 20.5
Sz8 2007-09-05 54348.2 40.3 300.4 18.3
Sz9 2011-01-05 55566.8 22 99.6 90.0
Sz10 2011-01-24 55585.6 41 121.0 40.3
Sz11 2011-02-02 55594.2 49 126.5 21.5
Figure 4.3: The Suzaku PSR B1259−63 XIS image with a grid of coordinates.
bigger effective areas at energies higher 15 keV. I used the addascaspec task to combine
the XIS0 and XIS3 spectra. The HXD observations were performed in the normal mode
also.
At 10 arcmin away from the PSR B1259−63, the FOV of the XIS instru-
ment contains another X-ray source. This source was separately observed by Suzaku.
Previously, this source was identified as an accretion-powered pulsar and got name as
2RXP J130159.6−635806 (hereafter 2RXP J1301) [211]. This pulsar is characterized by
a high spin period of ∼ 700 s. The emission of this object should be assumed during
spectral analysis of PSR B1259−63 that was done in the following analysis.
The source event lists were centered on the PSR B1259−63 and extracted from
circular areas with 3 arcmin radius. The background event lists were extracted from
the circular areas with the same size. The data were filtered at 0.5 – 10.0 keV energy
band for XIS, and at 15.0 – 50.0 keV for HXD/PIN. The spectra were binned with 100
counts for the XIS spectra, and 1000 counts for the PIN spectra. The power law model
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Table 4.6: The results of PSR B1259−63 Suzaku XIS spectral fitting.
Ref NH , Γ F (1-10 keV), χ
2/(d.o.f.)
1022 cm−2 10−11 erg cm−2 s−1
Sz1 0.50 ± 0.02 1.64 ± 0.02 25.8 ± 0.03 1.06/(354)
Sz2 0.51 ± 0.03 1.58 ± 0.03 26.7 ± 0.03 1.04/(309)
Sz3 0.51 ± 0.03 1.35 ± 0.03 21.6 ± 0.03 1.19/(272)
Sz4 0.52 ± 0.03 1.44 ± 0.03 23.1 ± 0.03 1.30/(298)
Sz5 0.50 ± 0.03 1.83 ± 0.03 19.0 ± 0.02 0.85/(249)
Sz6 0.52 ± 0.03 1.73 ± 0.03 12.9 ± 0.02 0.92/(205)
Sz7 0.50 ± 0.02 1.69 ± 0.02 34.4 ± 0.04 1.01/(402)
Sz8 0.46 ± 0.03 1.57 ± 0.03 22.7 ± 0.03 1.12/(253)
Sz9 0.54 ± 0.01 1.78 ± 0.01 2.84 ± 0.01 1.06/(1568)
Sz10 0.49 ± 0.01 1.54 ± 0.01 1.68 ± 0.02 0.97/(546)
Sz11 0.46 ± 0.02 1.46 ± 0.02 1.47 ± 0.02 1.04/(84)
−20 −10 0 10 20 30 40 50
Time,days
0.40
0.45
0.50
0.55
0.60
N
H
 1
02
2
 c
m
−2
Suzaku data
Periastron
−20 −10 0 10 20 30 40 50
Time,days
1.0
1.2
1.4
1.6
1.8
2.0
Γ
Suzaku data
Periastron
Figure 4.4: The distribution of the hydrogen column density, NH , (left image) and
photon index, Γ, (right image) as a function of time, τ .
with an absorption model was used to fit the XIS spectra. The results of the fitting of
PSR B1259−63 Suzaku spectra are shown in Tab. 4.6. The Sz9 – Sz11 Suzaku X-ray
spectra are shown in Fig. 4.5.
The hydrogen column density (NH) values are found in a narrow band (0.46 -
0.54) × 1022 cm−2, while the slopes in a wide band 1.35 – 1.83. No evidence was found
for any emission lines. The absorbed power law model shows an acceptable fit to the
Suzaku spectra except Sz3 and Sz4. The χ2 values of these modeled spectra are 1.3 for
298 d.o.f. and 1.29 for 272 d.o.f. respectively. [165] has argued this feature, hard power
law, might be explained by the spectral steepening. Below I describe this feature in
detail using the HXD/PIN data according to [165] arguing.
In Fig. 4.4, the best-fit values of Γ and NH are shown as a function of time, τ .
The roughly constant values of NH are consistent with the values obtained by XMM-
Newton and Chandra data during the disk passages. On the contrary, the power law
index demonstrates changes over the periastron passage. The significant declination of
the photon index was observed at the moment when pulsar enters through equatorial
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Table 4.7: The log of 2RXP J1301 observations performed by XMM-Newton and
Suzaku telescopes.
ObsID(Ref) Date τ, Exp. time,
days ks
0653640401(rSz9) 06-01-2011 22 19.91
905007020(rSz10) 25-01-2011 40 10.13
0653640501(rSz11) 02-02-2011 49 26.28
disk firstly. Such declination was observed with XMM-Newton data in 2004 at phase
-20 days.
4.3.1 Broadband spectra of PSR B1259−63 Suzaku observations
The broadband X-ray spectrum of PSR B1259−63 was created by combining the
XIS and HXD/PIN spectra. The HXD/PIN spectra were created using the standard
steps as described in Subsec. 2.4.1. The HXD/PIN instrument is non-imaging, so we
are not able to subtract hard X-ray emission from 2RXP J1301 directly from the image.
However, we are able to take into account the 2RXP J1301 emission assuming the known
shape of hard X-ray spectrum of 2RXP J1301 from recent observations performed other
X-ray telescopes (see details below). Note that CXB (cosmic X-ray background) and
NXB (non-X-ray background) backgrounds were subtracted. However, the NXB as well
as CXB does not have strong effect on the full emission. Thus, the main contribution
to the systematic uncertainties of the HXD/PIN PSR B1259−63 spectrum is the hard
X-ray HXD/PIN flux of 2RXP J1301.
The amount of 2RXP J1301 spectrum in hard spectrum of PSR B1259−63 was
found using following steps. Firstly, I used three 2RXP J1301 observations performed
by XMM-Newton and Suzaku that were obtained at the same period with Sz9 - Sz11.
The list of these three observations of 2RXP J1301 is shown in Tab. 4.7. The source
spectra were extracted with circular regions within radius of 3 arcmin. The background
spectra were made from the regions with the same radius and without any source inside.
Extracting spectra were made in the same way as for PSR B1259−63 and as described
in Subsec. 2.4.1.
[165] suggested the model below to fit the spectra of 2RXP J1301. The form of
this model has been usually used to describe the spectrum of accretion-powered pulsars
[212]
F (ǫ) =
{
Kǫ−s ǫ ≤ ǫc
Kǫ−s exp (−(ǫ− ǫc)/ǫf) ǫ > ǫc,
(4.1)
here K is the normalization parameter, ǫc is the cut-off energy in keV, and ǫf is the fold-
ing energy in keV. In the Xspec environment, the model described above is called a high
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Table 4.8: The best-fit parameters of an absorbed power law model of 2RXP J1301
Suzaku spectra.
Ref NH , Γ F (1-10 keV), χ
2/(d.o.f.)
1022 cm−2 10−11 erg cm−2 s−1
rSz1 2.78±0.27 1.20±0.10 3.20±0.11 1.09/(192)
rSz2 2.77±0.25 1.18±0.09 3.24±0.11 0.91/(250)
rSz3 2.69±0.22 1.19±0.08 3.64±0.10 0.95/(315)
rSz4 2.91±0.23 1.20±0.08 3.84±0.11 1.10/(334)
rSz5 2.77±0.23 1.18±0.09 3.27±0.10 1.02/(267)
rSz6 2.88±0.26 1.28±0.09 2.64±0.09 1.03/(267)
rSz7 2.71±0.25 1.17±0.09 3.14±0.10 1.05/(270)
rSz8 3.03±0.30 1.26±0.10 3.07±0.12 1.00/(225)
rSz9 2.27±0.11 0.89±0.05 2.40±0.02 1.29/(84)
rSz10 2.30±0.05 1.10±0.02 2.09±0.02 1.50/(107)
rSz11 2.45±0.12 0.90±0.05 2.63±0.01 1.13/(124)
energy cut-off model, and marked as highecut. These three observations were combined
and fitted by constant*wabs*highecut*powerlaw model in Xspec environment. I got
the following best-fit parameters: NH = 2.30±0.08 × 1022 cm−2, ǫc = 4.50±0.26 keV, ǫf
= 17.58±1.29 keV, and Γ = 0.94±0.04. This fit is statistically unacceptable with a re-
duced χ2 = 1.37 for 327 d.o.f. However, the obtained parameters are in good agreement
with theory of non-cyclotron pulsars, according to this theory, the accretion-powered
pulsars characterized by the following measurements, ǫc = 4 - 15 keV, and the ǫf = 10
- 30 keV [41].
In previous results obtained by [165], they got the following parameters: ǫc =
4.4±0.3 keV, and the ǫf = 14.1±1.2 keV for the Sz3 and Sz4 observations only, that
are consistent with my results. The flux of 2RXP J1301 was found in 1.0 - 10.0 keV
band as 2.31 × 10−11 erg cm−2 s−1. In addition, I fitted the 2RXP J1301 spectra of 11
observations by an absorbed power law model. The rSz1 – rSz8, rSz10 data were taken
from the field of view Suzaku observations of PSR B1259−63, while rSz9 and rSz11 were
taken from separate XMM-Newton observations of 2RXP J1301. This model gave a
statistically acceptable fit for rSz1 – rSz8 data (see Tab. 4.8).
The combined spectra of 2RXP J1301 and PSR B1259−63 obtained by different
instruments were fitted by the two component model. The XIS spectra of PSR B1259−63
and 2RXP J1301 were taken at 0.5 – 10.0 keV energy band, while PIN spectra at
15.0 – 50.0 keV. The first component of the used model is a power law, and describes
the PSR B1259−63 spectra, while the second model is Eq.(4.1) model was used to fit
2RXP J1301 data. Firstly, such a fitting model was applied for three Suzaku observa-
tions, Sz9 – Sz11. I applied this approach only to Sz9 – Sz11. In Fig. 4.5 the spectra
of PSR B1259−63 and 2RXP J1301 (Sz9 - Sz11, and rSz9 - rSz11), and the HXD/PIN
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Table 4.9: The result of the best-fitting XIS+PIN spectra of PSR B1259−63 and
2RXP J1301.
Ref NH , Γ χ
2/(d.o.f.)
1022 cm−2
Sz9 0.55±0.006 1.78±0.006 1.11/(1668)
Sz10 0.50±0.01 1.56±0.01 1.13/(663)
Sz11 0.44±0.025 1.45±0.02 1.21/(212)
Table 4.10: The result of modeling of the Suzaku XIS+PIN spectrum of
PSR B1259−63 and 2RXP J1301 at 0.5 – 50.0 keV energy band. The best-fitting
parameters of NuStar spectrum was used to model the shape of 2RXP J1301.
Ref NH , Γ χ
2/(d.o.f.)
1022 cm−2
Sz1 0.54±0.01 1.68±0.014 1.21/(554)
Sz2 0.54±0.02 1.60±0.015 1.17/(514)
Sz3 0.56±0.02 1.40±0.015 1.42/(518)
Sz4 0.56±0.02 1.48±0.015 1.51/(573)
Sz5 0.53±0.02 1.85±0.02 1.27/(461)
Sz6 0.53±0.02 1.73±0.02 1.22/(407)
Sz7 0.51±0.01 1.71±0.01 1.18/(659)
Sz8 0.45±0.02 1.55±0.017 1.28/(439)
Sz9 0.54±0.01 1.77±0.005 1.13/(1667)
Sz10 0.48±0.01 1.53±0.01 1.01/(662)
Sz11 0.41±0.02 1.42±0.02 1.65/(211)
spectra as the sum of both sources are shown together with the best-fit model. The pre-
viously obtained best-fit parameters of the soft X-ray spectra of 2RXP J1301 were frozen
during finding of X-ray flux of 2RXP J1301 in PIN spectra. Thus, the two-component
model with fixed spectral shape shows an acceptable fit to each observation. The best-fit
parameters for PSR B1259−63 using the power law model are shown in Tab. 4.9.
The NuStar 2RXP J1301 spectrum performed at 2.0 – 80.0 keV energies was used
to check my previous results with XMM-Newton data. This spectrum was taken from
[213]. The model Eq.(4.1) was used to fit to 2RXP J1301 spectrum by these authors
as well. They got the following best-fitting parameters: NH = 2.55 × 1022 cm−2 (was
frozen), ǫc = 6.64±0.51 keV, ǫf = 15.54±1.18 keV, and Γ = 1.24±0.10 with reduced χ2
= 1.03 for 780 d.o.f. My results are consistent with their’s. Then, I fitted the broadband
spectra of PSR B1259−63 and 2RXP J1301 by an absorbed power law model. The
best-fit parameters of PSR B1259−63 for Sz1 - Sz11 are shown in Tab. 4.10.
I have found the photon index to be in a wide range 1.42 – 1.85 for Sz1 - Sz11
data. On the contrary, the hydrogen column density varies from epoch to epoch as (0.41
- 0.56) × 1022 cm−2. Acceptable fits were achieved in the case of three epochs, Sz2, Sz7
and Sz10. The subtraction of the 2RXP J1301 emission at hard energies is difficult to
account the deficit of X-ray flux of PSR B1259−63.
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Figure 4.5: The Suzaku XIS (blue crosses) and HXD/PIN spectra (green crosses) for
Sz9 (top), Sz10 (middle) and Sz11 (bottom) observations. The HXD/PIN spectrum is
split into the two components through joint fitting: PSR B1259−63 with power law
model (blue line), and 2RXP J1301 with cut-off power law model (red line). Green line
corresponds the sum of both models. 2RXP J1301 was in the field of view only during
Sz10 observation (red crosses). For the reconstruction of PSR B1259−63 PIN spectrum
for Sz9 and Sz11 observations the simultaneous XMM-Newton spectra (red crosses on
the top and bottom pictures) were used.
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In addition, [165] fitted the 2RXP J1301 combined Sz3+Sz4 spectrum only. They
used an absorbed broken power law model to get better accuracy of fitting. They found
the following best-fit parameters: Γ1 = 1.25
+0.02
−0.04 and Γ2 = 1.66
+0.05
−0.04, εbr = 4.5
+0.5
−0.2 keV.
Note, that these authors applied the broken power law model also to rest the combined
spectra, Sz1+Sz2, Sz5+Sz6 and Sz7+Sz8 but they did not find any evidence of a spectral
break. I checked this model against the Sz9 - Sz11 spectra, and did not find any spectral
break either.
4.4 The Swift observations
The PSR B1259−63 gamma-ray binary system was observed by Swift 45 times
during the last four periastron passages. All observations were performed in photon
mode with a 500 × 500 pixel window size (see details in Tab. 4.11). These data were
already presented in recent papers [99, 204]. The Swift observatory [166] gives a great
opportunity to monitor the PSR B1259−63 X-ray emission on very different timescales.
All Swift PSR B1259−63 observations were performed in Photon Counting (PC)
and Windowed Timing (WT) modes. The source event lists were extracted from a
circular areas with a radius from 5 – 30 pixels in PC mode and 25 pixels in WT mode
(note the size of pixel is 2.6 arcsec). The wide range of radius in PC mode depends
on the count rate [214]. The background event lists were extracted from an annulus
within 60 – 110 pixels in both modes. The pile-up cleaning was not necessary since all
observations have low count rate. The RMF files were downloaded from the official Swift
web-page. I used the following spectral redistribution matrix
swxpc0to12s0_20010101v010.rmf
swxpc0to12s6_20010101v010.rmf
swxpc0to12s6_20070901v011.rmf
swxpc0to12s6_20010101v013.rmf
for the Sw1 – Sw3 observations, Sw4, Sw5, Sw10 – Sw12 observations, and Sw6 – Sw9,
and Sw13 – Sw41, respectively.
The spectra were extracted in the same manner as described in Subsec. 2.5.1.
The spectra were grouped with 1 count per bin using the latest version of FTOOLS and
grppha. The spectral analysis was performed at 1.0 – 10.0 keV energy band to resolve
issues with the calibration uncertainties at low energies1.
The poor quality of the Swift spectra does not allow us to get both best-fitting
1http://www.swift.ac.uk/analysis/xrt/digest cal.php
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Table 4.11: The log of Swift PSR B1259−63 observations.
XRT
Ref ObsID Date MJD t− tp, Exp. time, count rate, XRT
days s cts s−1 mode
Sw1 00030966001 2007-07-07 54288.6 -20.003 84.1 2.72 PC
Sw2 00030966002 2007-07-09 54290.6 -18.563 88.3 5.13 PC
Sw3 00030966003 2007-07-11 54292.3 -16.524 92.6 4.56 PC
Sw4 00030966004 2007-07-13 54294.7 -14.783 99.5 4.34 PC
Sw5 00030966005 2010-08-06 55414.3 -131.04 210.6 2.98 PC
Sw6 00030966011 2010-11-20 55520.2 -25.874 255.2 3.87 PC
Sw7 00030966012 2010-11-25 55525.6 -19.095 264.5 4.18 PC
Sw8 00030966013 2010-11-30 55530.5 -14.629 276.5 3.36 PC
Sw9 00030966014 2010-12-14 55544.6 -1.886 355.6 4.30 PC
Sw10 00030966015 2011-01-19 55580.7 35.775 117.0 3.98 PC
Sw11 00030966016 2011-01-20 55581.0 36.099 117.2 4.17 PC
Sw12 00030966017 2011-01-22 55583.7 38.741 119.5 4.13 PC
Sw13 00030966018 2014-04-20 56767.2 -14.561 1171.2 0.36 PC
Sw14 00080099001 2014-04-20 56767.9 -14.249 1740.6 0.44 PC
Sw15 00030966019 2014-04-27 56774.9 -6.779 4015.7 0.29 PC
Sw16 00030966020 2014-05-04 56781.9 0.224 4075.6 0.22 PC
Sw17 00030966021 2014-05-06 56783.9 2.158 1470.9 0.20 PC
Sw18 00030966022 2014-05-07 56784.1 2.352 2404.9 0.19 PC
Sw19 00030966023 2014-05-09 56786.1 4.419 1475.9 0.16 PC
Sw20 00030966024 2014-05-17 56794.6 12.863 179.8 0.44 PC
Sw21 00030966025 2014-05-19 56796.8 15.109 1987.8 0.61 PC
Sw22 00030966026 2014-05-22 56799.4 17.699 2877.3 1.00 WT
Sw23 00030966027 2014-05-25 56802.5 20.761 2925.1 0.74 WT
Sw24 00030966028 2014-05-28 56805.7 23.958 2991.7 0.65 WT
Sw25 00030966029 2014-06-02 56810.9 29.189 1504.4 0.51 WT
Sw26 00030966030 2014-06-03 56811.1 29.327 970.0 0.12 WT
Sw27 00030966032 2014-06-07 56815.1 33.360 2696.4 0.44 WT
Sw28 00030966033 2014-06-11 56819.3 37.558 3983.2 0.54 WT
Sw29 00030966035 2014-06-12 56820.5 38.726 999.6 0.54 WT
Sw30 00030966036 2014-06-13 56821.8 40.114 2036.3 0.51 WT
Sw31 00030966037 2014-06-14 56822.8 41.114 1834.4 0.49 WT
Sw32 00030966038 2014-06-15 56823.3 41.551 767.3 0.44 WT
Sw33 00030966039 2014-06-16 56824.6 42.848 2026.2 0.48 WT
Sw34 00030966041 2014-06-18 56826.2 44.524 981.5 0.50 WT
Sw35 00030966043 2014-06-25 56833.3 51.605 3284.0 0.28 PC
Sw36 00030966044 2014-06-26 56834.5 52.776 1513.4 0.27 PC
Sw37 00030966047 2014-06-27 56835.4 53.678 2559.7 0.25 PC
Sw38 00030966048 2014-07-02 56840.4 58.711 2964.3 0.26 PC
Sw39 00030966049 2014-07-06 56844.7 63.023 3264.0 0.20 PC
Sw40 00030966050 2014-07-07 56845.2 63.519 3785.9 0.17 PC
Sw41 00030966051 2014-07-08 56846.6 64.853 3965.7 0.18 PC
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Figure 4.6: The distribution of unabsorbed flux measured at 2.0 – 10.0 keV (top
panel), column density (middle panel) and photon index (bottom panel) in the Swift
data. The unabsorbed flux of the PSR B1259−63 is given in units of 10−11 cm−2 s−1,
while the column density, NH , is given in units of 10
22 cm−2.
parameters. Thus, I performed the Monte Carlo method and used Xspec to get statis-
tically significant results. The full description of the MC method was given in Sec. 2.7.
The Xspec requires C-statistics in the case of poor spectra. The corrected spectral pa-
rameters including X-ray flux at 1.0 – 10.0 keV (absorbed and unabsorbed) and their
corrected errors for 1σ confidence level are summarized in Tab. 4.12 and Appendix A.
Appendix A includes the averaged histograms as well as cumulative distribution of errors
for each Swift observation. The distribution of an unabsorbed flux as well as the column
density and photon index for the Sw13 – Sw41 observations (2014 periastron passage
only) is shown in Fig. 4.6.
It is clearly seen that the power law index starts to be soft, 1.8, corresponding to
a few months before the periastron. Then, the photon index starts to be harder a month
before periastron, 1.5, and X-ray flux increases. When flux is going to its maximum,
the spectrum starts to be harder than 1.5. The spectrum began softer, lower than 1.7,
when pulsar leaves periastron and enters the equatorial disk for the second time.
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Table 4.12: The best-fit parameters of Swift PSR B1259−63 spectra.
Ref t− tp, Fun(1-10 keV), NH , Fabs(1-10 keV),
days 10−11 1022 cm−2 Γ 10−11 C-stat
erg cm−2 s−1 erg cm−2 s−1
Sw1 -20.003 2.58+0.31−0.32 0.53 ± 0.06 1.65 ± 0.10 1.15+0.19−0.28 332.5
Sw2 -18.563 2.49+0.21−0.22 0.52 ± 0.05 1.56 ± 0.07 1.31+0.29−0.11 163.8
Sw3 -16.524 2.39+0.31−0.32 0.49 ± 0.05 1.35 ± 0.08 1.22+0.21−0.14 411.0
Sw4 -14.783 2.41+0.21−0.32 0.56 ± 0.07 1.57 ± 0.08 1.31+0.16−0.38 421.0
Sw5 -131.04 0.17+0.01−0.02 0.45 ± 0.03 1.8± 0.09 1.13+0.09−0.08 128.3
Sw6 -25.874 0.69+0.08−0.16 0.51 ± 0.03 0.99 ± 0.23 1.25+0.08−0.11 312.6
Sw7 -19.095 1.53+0.12−0.11 0.53 ± 0.05 1.33 ± 0.08 1.30+0.39−0.38 215.48
Sw8 -14.629 2.60+0.12−0.16 0.51 ± 0.07 1.37 ± 0.06 1.10+0.29−0.16 612.73
Sw9 -1.886 1.72+0.11−0.08 0.58 ± 0.09 1.56 ± 0.05 1.09+0.33−0.10 247.9
Sw10 35.775 2.31+0.08−0.11 0.54 ± 0.08 1.51 ± 0.06 1.14+0.19−0.09 236.1
Sw11 36.099 2.19+0.09−0.10 0.65 ± 0.10 1.48 ± 0.06 1.18+0.65−0.18 424.7
Sw12 38.741 2.02+0.12−0.05 0.75 ± 0.16 1.44 ± 0.06 1.20+0.21−0.21 323.2
Sw13 -14.561 2.83+0.12−0.13 0.61±0.20 1.64±0.20 2.42+0.13−0.28 189.95
Sw14 -14.249 3.14+0.14−0.13 0.97±0.20 2.52±0.20 2.38+0.09−0.18 260.99
Sw15 -6.779 2.14+0.06−0.06 0.59±0.11 1.71±0.12 1.84+0.06−0.11 376.91
Sw16 0.224 1.70+0.07−0.06 0.75±0.13 2.04±0.14 1.32+0.05−0.09 295.15
Sw17 2.158 1.79+0.12−0.12 0.57±0.23 2.00±0.24 1.46+0.09−0.22 147.61
Sw18 2.352 1.80+0.12−0.11 0.97±0.20 2.12±0.21 1.30+0.08−0.15 213.93
Sw19 4.419 1.37+0.10−0.10 0.20±0.24 1.60±0.26 1.28+0.05−0.26 120.14
Sw20 12.863 4.14+1.04−0.73 0.61±0.76 1.50±0.70 2.38+0.13−1.21 47.14
Sw21 15.109 5.26+0.27−0.29 1.10±0.18 2.16±0.18 3.67+0.20−0.41 237.50
Sw22 17.699 5.33+0.12−0.12 0.69±0.10 1.86±0.10 4.38+0.12−0.21 457.72
Sw23 20.761 4.01+0.10−0.11 0.63±0.10 1.86±0.10 3.33+0.10−0.19 403.67
Sw24 23.958 3.57+0.09−0.09 0.51±0.12 1.56±0.12 3.15+0.13−0.20 413.16
Sw25 29.189 2.23+0.12−0.11 0.39±0.20 1.52±0.20 2.03+0.09−0.24 214.99
Sw26 29.327 2.02+0.14−0.15 0.80±0.21 1.49±0.23 1.96+0.07−0.37 220.49
Sw27 33.360 2.71+0.09−0.09 0.69±0.14 1.72±0.14 2.27+0.10−0.20 338.63
Sw28 37.558 2.64+0.07−0.06 0.49±0.10 1.52±0.10 2.36+0.06−0.13 355.16
Sw29 38.726 2.42+0.15−0.14 0.55±0.24 1.72±0.24 2.08+0.15−0.38 191.01
Sw30 40.114 2.25+0.11−0.11 0.68±0.21 1.75±0.21 1.87+0.14−0.27 237.73
Sw31 41.114 1.84+0.12−0.11 0.43±0.24 1.62±0.26 1.64+0.10−0.27 201.54
Sw32 41.551 2.35+0.17−0.18 0.15±0.28 1.10±0.25 2.28+0.22−0.49 127.01
Sw33 42.848 2.24+0.09−0.10 0.49±0.18 1.67±0.17 1.95+0.13−0.15 281.04
Sw34 44.524 2.18+0.14−0.15 0.25±0.22 1.41±0.23 2.04+0.09−0.36 180.19
Sw35 51.605 2.32+0.06−0.07 0.49±0.12 1.23±0.12 2.12+0.07−0.14 371.76
Sw36 52.776 2.10+0.10−0.10 0.73±0.20 1.64±0.20 1.76+0.08−0.24 210.88
Sw37 53.678 1.96+0.07−0.07 0.61±0.16 1.41±0.15 1.72+0.09−0.16 267.29
Sw38 58.711 1.96+0.07−0.06 0.83±0.16 1.72±0.15 1.59+0.06−0.14 327.19
Sw39 63.023 1.56+0.06−0.05 0.75±0.18 1.61±0.15 1.30+0.04−0.13 262.48
Sw40 63.519 1.41+0.05−0.05 0.39±0.16 1.26±0.15 1.30+0.05−0.12 256.06
Sw41 64.853 1.39+0.05−0.04 0.71±0.18 1.52±0.15 1.19+0.07−0.09 271.68
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4.5 The Fermi/LAT observations
In my thesis, I used the gamma-ray observations of Fermi/LAT for two tasks,
namely to obtain the long-term GeV spectrum and light curve of PSR B1259−63, and
also to get the spectrum of PSR B1259−63 during the period of the GeV-flare which
was discovered by Fermi/LAT during 2010-11 periastron monitoring campaign.
For the first task, I analyzed data that covers the 2008 August 4 and 2015 March
19. This period covers the time during which the pulsar locates near apastron until
the passage when the pulsar enters through the dense equatorial disk of the Be-type
star. For the second task, I analyzed data that covers a period of one month from 30
December 2010, exactly when the GeV-flare was found.
To analyze the data, a catalog was used to describe all spectra of each point source
detected on the sky. The data analysis was performed according to [215]. The slope
of the PSR B1259−63 spectrum was fixed at 2.86. The Galactic diffuse background,
normalizations of PSR B1259−63 as well as the variable sources found in 2FGL catalog
were free during modeling. From the Fermi/LAT data, the spectra and light curves of
PSR B1259−63 were extracted.
The spectrum of the GeV-flare is shown in Fig. 4.7. This flare occurred after
the periastron passage and also after the post-periastron transit of the equatorial disk
of the Be-type star by the pulsar. The GeV spectrum of PSR B1259−63 as well the
flare part of spectrum were used for interpretation of full PSR B1259−63 spectrum (see
Fig. 5.7) and described in following Chapter 5. The orbital Fermi lightcurve is shown
in Fig. 5.1.
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Figure 4.7: The spectrum of PSR B1259−63 during GeV flare observed by
Fermi/LAT Gamma-Ray Observatory with exponential cut-off model (the Ecut−off
on figure is given in GeV unit).
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Chapter 5
Interpretation of results of
PSR B1259−63
In this chapter, I present the results of data analysis of PSR B1259−63 using
analyzed data made in previous Chapter 4. Here, I give the grouped results of multi-
wavelength observations, the physical interpretation of the orbital lightcurves and the
main results obtained from multiwavelength monitoring of PSR B1259−63. Using Swift
data from the 2014 periastron passage I try to investigate the nature of emission in
PSR B1259−63, namely I try to model the double-peaked lightcurve in X-ray using
inverse-Compton scattering and synchrotron radiation. To define the emission mech-
anism in PSR B1259−63, I search the short variability of lightcurves. In addition, I
present a possible explanation of the nature of the GeV-flare.
5.1 The orbital lightcurves
The orbital lightcurve of PSR B1259−63 is shown in Fig. 5.1. The figure includes
all available multiwavelength observations. The X-ray flux in the middle panel was
obtained at 1.0 – 10.0 keV energy band. The Swift results in 2014 are measurements
obtained in this thesis and published in [206], the newest NuStar data were analyzed
in 2014 and published in [205] as well. All XMM-Newton, Suzaku and Chandra data
points were taken from [99, 204] and [205, 206]. The radio, optical, and high-energy
lightcurves of PSR B1259−63 are shown in Fig. 5.1 for comparison. The TeV lightcurves
of the H.E.S.S. observations were obtained for three periastron passages for the energies
1 TeV and higher. The TeV data were taken from [216–218], and the TeV flux is given
in 10−12 cm−2 s−1. The ATCA radio observations of PSR B1259−63 were taken from
[219–221]. The optical data for last two periastron passages are taken from [222]. The
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Figure 5.1: The multiwavelength orbital lightcurves of PSR B1259−63 around perias-
tron for several passages. The image is taken from [206]. See text for full explanation.
dashed line in the middle corresponds to the moment of the periastron, while the other
two lines show the moments of starting/ending of the pulsed emission.
Panel (b) demonstrates the Fermi/LAT flux measurements in the E > 100 MeV
energy range for the 2010 and 2014 periastron passages. The GeV flux is given in
10−6 cm−2 s−1 units. The data points of Fermi/LAT lightcurve were created with a
significance higher than 2σ. The time binning was selected to be 7 days for the period
of the GeV-flare and 14 days otherwise. The upper limits on the figure correspond to
the 95 % confidence limit. The results of these GeV observations performed by Fermi
are published in [206], [215].
Panel (c) in Fig. 5.1 demonstrates the X-ray lightcurve of the system obtained
from the analysis of X-ray data in previous results and which were reanalyzed in this
thesis as described in Chapter 4. The data points correspond to the X-ray fluxes from
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2004, 2007, 2010 and 2014 periastron passages. The flux is given in 10−11 erg cm−2 s−1.
It is significant to note that the typical errors of the X-ray data points are smaller than
the size of the symbols. It is seen that all X-ray data obtained for different periastron
passages demonstrate a good intercalibration.
The PSR B1259−63 binary system was observed in radio wavelength (2.4 GHz)
by the ATCA observatory in 1997, 2004 and 2010 periastron passages. The radio flux
densities are measured in mJy and shown on panel (d) in Fig. 5.1. The optical lines of
Hα (filled circles) and He I λ6678 (open circles) of PSR B1259−63 were observed also.
The evolution of the equivalent width of these lines is shown on the panel (e) in Fig. 5.1.
Since X-ray observations performed at different periastron passages show nearly
the same results in measurements of the X-ray flux, it can be concluded that the X-ray
lightcurve of PSR B1259−63 is stable. Using this stability, we are able to use all data
simultaneously to model the properties of X-ray flux over orbital motion. The analysis
of the X-ray lightcurve show the sharp rise of X-ray flux by a factor 4 during 9 days
when the pulsar crosses the Be-type star disk firstly. After these 9 days, the flux is
going down during the period when the pulsar goes close to periastron. Then, the X-ray
flux increases by a factor 5 during 3 days, or in 1.5 times higher than the X-ray flux
when pulsar crosses disk firstly. At this moment, the pulsar crosses the equatorial disk
of Be-type star in second time. Then, the X-ray flux decreases smoothly.
5.2 Fast variability in the lightcurve
It is known that PSR B1259−63 is a variable source. Additionally to orbital
variability, there is a daily variability during periastron passage. [95] explained the fast
variability due to the presence of the dense clumps inside the stellar wind. Such an idea
was used in my thesis also. The daily timescale variability of PSR B1259−63 was also
suggested by [223]. Recently, [99] studied the short variability of PSR B1259−63 using
the X-ray lightcurves. An hour-scale variability was found but only during the period
when the pulsar enters through the disk. According to recent researches, the lightcurves
of PSR B1259−63 can be fitted by a constant function. The flux variations of this fit
might indicate the variability of the source. These variations indicate the characteristics
of the disk also. The scale of variability is proportional to the size of emitting regions.
These regions should be smaller in the disk. However, big density bubbles can also be
inside the equatorial disk of Be-type star.
Unfortunately, the Suzaku, XMM-Newton and Chandra data are not suitable to
study the variability of PSR B1259−63 on daily timescales due to the too short exposure
time. On the contrary, the Swift data performed in 2014 cover 3 months observations.
These data were used to investigate the short timescale variability. In 2014, the Swift
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Figure 5.2: (left:) The probability of the variability in the PSR B1259−63 lightcurve.
The horizontal lines correspond the 1, 3 and 5σ confidence levels from the top. (right:)
The 1.0 – 10.0 keV lightcurve of PSR B1259−63 and its averaged lightcurve (the units
of flux is erg/cm2/s).
observations have 10 – 30 ks of averaged exposure time and made approximately each
day.
In oder to study the variability of PSR B1259−63 on short timescale, the method
previously suggested and used by [224–226] was applied. To find the variability of
PSR B1259−63 on the timescale τ , I first created an averaged light curve, using τ as the
averaging scale. This averaged light curve contains nav = (Tmax − Tmin)/τ time bins.
Then I computed the difference of the original and the averaged light curves, which then
can be quantified in terms of the χ2 with norig−nav degrees of freedom. These χ2 values
I converted to a probability. A zero value of χ2 means that the averaged lightcurve is
close to the original one. In contrast, the huge χ2 will indicate the significant variability.
This procedure was repeated for τ within 0.5 – 10.0 days band. The resulting scan is
presented in Fig. 5.2.
It is seen that the variability of the PSR B1259−63 starts to be significant
above τ ≈ 4 days. This time was chosen as a moment when false alarm probability
curve passes the 3σ confidence limit. False alarm probability represents the odds for the
null-hypothesis to be the real reflection of the data. The null-hypothesis in this case is
the absence of variability, so the false alarm value of p shows the chances of getting a
given value of χ2 if the source flux is actually constant. It is also seen the crossing of
3σ line near 1 day (τ). Since the probability at this point increased back so quickly,
it is difficult to conclude that the lightcurve of PSR B1259−63 has variability on the
timescale of one day, I conclude that it might be just fluctuation. Moreover, evidence
of the variability of the source on a timescale of several days was also reported in some
ROSAT [227] and Suzaku [165] observations.
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5.3 The modeling of the X-ray double-peaked lightcurve
As a result of the interaction between the wind of Be-type star and the pulsar
wind, strong shock waves will be formed. The electrons of the pulsar wind will be ac-
celerated at the front of strong shocks. Additionally, the magnetic field of the pulsar
wind will be compressed by the shock. In such an environment, the accelerated electrons
radiate the inverse-Compton and synchrotron emissions due to the motion of these rela-
tivistic electrons in the photon field of the Be-type star and in the magnetic field of the
pulsar. Such motion produces multi-wavelength radiation. In my model, the broadband
emission of the PSR B1259−63 binary system is produced by the electrons.
In my model, I tried to model the inverse-Compton emission of relativistic elec-
trons in the PSR B1259−63. For this, I used two components of the PSR B1259−63
system, namely the pulsar and the Be-type star. It is known that the pulsar emits
high-energy electrons, while the star emits mainly eV photons. In Fig. 5.3 the energy
density of photons emitted from the Be-type star as a function of distance to the star
is shown. Here, I have used the parameters of a star similar to the companion of the
PSR B1259−63. The emission of the star is described by black-body emission. The flux
decreases with distance from the star as 1/R2. Since the radiation of the Be-type star
largely dominates over the emission of its equatorial disk, I did not take disk radiation
into account.
Additionally, the behavior of the energy density of the Be-type star in PSR B1259−63
as a function of temperature and radius of the star is shown in Fig. 5.4.
To describe the initial spectrum of electrons, a power law model with an expo-
nential cut-off was used
dNe
dEe
= E−Γe exp
(
− Ee
Ecut−off
)
, (5.1)
where Γ = 2, Ecut = 10
11 eV, and Ee was taken in the 10
6-109 eV energy band.
To calculate the scattered inverse-Compton and synchrotron emissions, I used
Eq. 3.12 and 3.13. To make the model closer resemble the data, I assumed that the
accelaration of the relativistic particles, emitted by the pulsar, happens more efficiently
during the moments of its passage through the Be-type star disk. So, I modeled two
injections of electrons during periods when the pulsar crosses the virtual disk of the
Be-type star, namely 18 days before and after periastron. These electrons lose energy
with a rate given by Eq. 3.11. As a result, each time when the pulsar enters into the
disk, one can see an X-ray flare. To test the model, I used Swift data obtained during
2014 periastron passage. Fig. 5.5 presents the modeled lightcurve of the X-ray flux (1.0
- 10.0 keV energy band) together with the Swift 2014 observations as a function of days
relative to the periastron passage.
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Figure 5.3: The distribution of flux density from SS 2883 as a function of distance to
star, the T = 34000 K and R∗ = 6.2×1011 cm.
The high-energy emission from the system is produced by the energetic electrons,
accelerated by the pulsar. In the presence of the intense background photon field from
the neighboring main-sequence stellar companion these electrons will efficiently lose their
energy via the inverse-Compton scattering of these low-energy photons. Naturally, one
can expect that the process of acceleration is enhanced during the passages of the pulsar
through the companion’s equatorial disk, accompanied in the jump-like growth in the
amount of the electrons available for acceleration.
In this vein, my model attempts to reproduce the overall emission from the
system via the sum of three components - persistent emission from the pulsar (Main
component in Fig. 5.5) and two temporary components, associated with the injection
of the additional electron populations during the disk crossings, ± 18 days before and
after periastron (Flare components 1 and 2 in Fig. 5.5). The persistent component
evolves with time as the pulsar gets closer/further away from the star and is subject
to denser/rarefied background photon field. The two injected electron populations are
short-lived, quickly cooling down due to the proximity of the pulsar and companion
star.
In the model above, I have assumed that the Lorentz factor of the relativistic
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Figure 5.4: (top:) The flux density of SS 2883 as a function of different star tem-
perature, the d = 1×1013 cm and R∗ = 6.2×1011 cm. (bottom:) The flux density of
SS 2883 as a function of different star radius for d = 1×1013 cm and T = 34000 K.
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Figure 5.5: The modeled double-peaked lightcurve of PSR B1259−63 with the real
Swift data points in the case of inverse-Compton scattering. The flux is given in 10−11
erg/cm2/s units.
electrons producing the observed X-ray emission is rather mild, γ ∼ 10-100. In this
case, inverse-Compton losses dominate over synchrotron radiation (see Fig. 5.6). Note
that the synchrotron emission from electrons with Lorentz factor of about 105 will also
produce X-ray emission in the 1.0 – 10.0 keV energy range.
The detailed shape of the lightcurve is not fully described by the model, however,
it still gives a reasonable description of the data. This suggests that the observed X-ray
emission can be indeed explained by the inverse-Compton radiation of the relativistic
electrons. The observed excess of the X-ray emission above the model happens during
the time of the GeV-flare and can be explained by the additional component resulting
from the synchrotron cooling of the injected electrons with Lorentz factor γ & 105 (see
Sec. 5.4 for details).
5.4 Explanation of the GeV flare in PSR B1259−63
In 2010, an unpredictable and puzzling GeV flare was discovered by Fermi/LAT
[215]. Fermi observations of PSR B1259−63 were performed in the 0.1 – 10.0 GeV energy
band and detected a flaring activity in 2010 and 2014 passages. This flare activity was
unexpected since these flares were detected after the pulsar’s periastron passage and
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Figure 5.6: The cooling time of PSR B1259−63 in the case of inverse-Compton
scattering and synchrotron radiation as a function of temperature, magnetic field and
energy of electrons.
outside the equatorial disk. The spectrum of the GeV flare discovered in 2010 is shown
in Fig. 4.7. The flare is surprising since the output binary power in the 0.1 – 10.0 GeV
energy range was close to the maximum of the spin-down luminosity of the pulsar, 8×1035
erg s−1. This maximum was derived theoretically, taking isotropic emission into account
(see [215]). Firstly, the GeV flaring activity of PSR B1259−63 was not coincident with
any other energies of electromagnetic spectrum. However, the optical observations of
PSR B1259−63 during the periastron passage and the pre-/post- periastron periods
indicate that the equivalent width of the Hα line decreases during the GeV flare [206].
The disruption of the equatorial disk during the moment when the pulsar goes through
the disk is a common interpretation of such decrease [228].
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5.4.1 Evolution of the Be-type star disk mass and size based on the
optical observations
It is easy to determine the evolution of the size and mass of the equatorial disk
through the periastron passage period using the WHα observations at multiple wave-
lengths. A simple model to calculate the ratio between the projected radius of equatorial
disk (e.g., effective radius at which half of the Hα emission derives) and the radius of Be-
type star companion, Rdisk/R∗, as well as the density of the stellar disk was described by
[228]. Such measurements can be derived using the effective temperature of the massive
companion, Teff , angle of disk inclination, idisk, and WHα as entering parameters.
Due to the disruption and due to the gravitational influence, the equatorial disk
of the Be-type star in PSR B1259−63 should be greatly truncated at the moment of pe-
riastron passage. The gravitational influence of the pulsars on the disk was observed by
[229] for a sample of Be binary systems using optical data. The disruption of the disk was
intensively studied by [230, 231] using hydrodynamical simulations. They argued that
such disruption in PSR B1259−63 might be the result of the pulsar wind ram pressure.
The truncation length increases quickly after periastron. Therefore, [205, 206] used the
orbital solution of [232], a mass of Be-type star in PSR B1259−63 of 31 M⊙ obtained
by [233], and the typical mass of neutron star of 1.4 M⊙ to derive the binary separa-
tion distance, r, as a function of time. Our collaboration derived the separation length
in a wide range, 24.8R∗ < r <203.3 R∗ (other parameters are well described in [205]
and references). To estimate the total mass of the disk, [205] used an axisymmetric,
isothermal density profile as
ρ(r, z) = ρ0
(
R∗
r
)n
exp
[
−1/2
(
z
H(r)
)2]
. (5.2)
According to [229], a typical radial density exponent of Be-type star disks is n = 3. The
typical height of the Be-type star disk is
H(r) = H0
(
r
R∗
)β
, (5.3)
where
H0 =
a
Vcrit
R∗; a =
√
kT
µmH
, (5.4)
here, the parameter β is equal to 1.5 in the case of an isothermal disk [234, 235]. The
total disk mass can be measured using the integration of the density profile out to the
truncated radius starting from the equatorial surface of stellar companion [205].
Of course, such measurements of disk features are not realistic since they were
derived taking isothermal and axisymmetric disk properties into account, which is not
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correct. The real disk shape as well as the real thermal profile produce uncertainties
in the estimated mass. [222] discussed these and other possible effects in their work.
The assumed truncation radius in the model above is an additional source of error. The
assumed distance within which the pulsar becomes eclipsed by the disk is 42.2 stellar
radius that is higher than distance from star to the pulsar at periastron. This distance
was derived taking 90◦ inclination between the pulsar orbit and the disk. As a result of
an overestimated radius, the disk mass within periastron passage period is also higher.
The radius of the equatorial disk can be instead at the effective Roche lobe radius of
star, as a result, a lower disk mass can be obtained. Both over- and under- estimated
masses are consistent with the model suggested in [205, 206].
According to this model, the PSR B1259−63 optical data indicates the growing
of the disk during the period when the pulsar crosses the periastron passage. The disk
disruption by the pulsar might be the reason of the growing of disk mass. According to
[236], the energy dissipation rate extends a maximum value within periastron passage
period. Such an effect is observed over the stellar surface and in binary systems with
a very eccentric orbits. Thus, an increasing of stellar activity at such orbital phase is
promoted. Moreover, recent observations of Be-type stars have been indicated about
the possibility to expose disk outbursts near moment of periastron passage [237, 238].
Thus, the applied idea about the growing the equatorial disk around stellar companion
of PSR B1259−63 is not so extraordinary.
The optical lightcurves of PSR B1259−63 binary system in Fig. 5.1 indicate
that the equivalent width of the Hα line remains permanent during the periastron
passage until the moment of the GeV flare. Then, it falls quickly at the time of GeV
flare pointing to the fact that the stellar disk mass declined by a factor 5 (from 2 ×
10−8M⊙ to 4 × 10−9M⊙) within 5 days after the flare [206]. Recent results made by
[210, 239] using Chandra observations favor the idea of [206] about disk disruption.
These observations display the variable extended emission of PSR B1259−63. This
variability can be explained as an emission that came from the clump of the disk that
moves away from the system.
5.4.2 High-energy consequences of the Be-type star disk disruption
The broadband spectrum of PSR B1259−63 is shown in Fig. 5.7. The spectrum is
extracted for the flare and pre-flare periods. The H.E.S.S. spectrum during flare period
was already published in [215]. The pre-flare and GeV-flare spectra of PSR B1259−63
were made by Fermi/LAT as described in Sec. 4.5. This broadband spectra was used
in [206] to explain the nature of the GeV-flare using the synchrotron model argued
in [205]. According to this model, the tough perturbation of the equatorial disk in
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Figure 5.7: The broadband spectrum of the PSR B1259−63 during both flare (black
crosses) and pre-flare states (blue crosses) modeled by two spectra taken from [206],
[215] and obtained for the synchrotron (solid lines) and inverse-Compton (dashed and
dotted lines) emissions during the GeV flare (grey) and during the pre-flare states of
the periastron passages (light blue).
Be-type star eliminates the normal contact surface between the pulsar wind and the Be-
type star outflow. Thus, these perturbations lead to the production of clumps from the
dense disk. As a result, the contact surface obtains an irregular geometry. The pulsar
wind transferred all its power inside the binary system. Thus, the source luminosity
increases up to ∼ 70% and 50% of the spin-down power of the pulsar during 2010 and
2014 periastron passages [206], [215]. [215] argued that the GeV flare in PSR B1259−63
produced by 100 TeV electrons
Ee,flare ≃ 102
[
Bpw
1 G
]−1/2 [ ν
1 GHz
]1/2
TeV (5.5)
taking that magnetic field in the pulsar wind is Bpw ∼ 1 G at distances 1013 cm into
account.
The low-energy tail of the electron distribution dN/dE ∼ E−2 is formed by the
synchrotron cooling of the particles with 100 TeV energy. As a result, we find that the
synchrotron spectrum has a slope dNγ/dE ∼ E−1.5. This slope is consistent with the
photon index of the X-ray spectrum after the flare state (see Fig. 4.6). Such a photon
index indicates that the X-ray power is lower than the GeV power by a factor 3. Taking
into account that the TeV luminosity of inverse-Compton emission is comparable to the
X-ray luminosity, it is argued that no TeV range of the GeV flare is expected to be
detectable. The flat shape of the X-ray-to-GeV spectrum of the persistent component of
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PSR B1259−63 can be explained by both synchrotron and inverse-Compton emissions
depending on the Lorentz factors associated with the accelerated electrons of the Be-
type star wind (see, e.g., [206], [215]). The inverse-Compton model, however, has an
advantage as it can better explain the X-ray orbital lightcurve, see Section 5.3.
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Chapter 6
X-ray observations of
LS I +61◦ 303
In this chapter, I use all publicly-available X-ray observations made by Suzaku,
XMM-Newton, Chandra and Swift to perform a spectral and timing analysis of LS I +61◦
303. I use the results of the X-ray analysis to study the distribution of several physical
parameters of LS I +61◦ 303 over orbital and superorbital timescales. A graphical rep-
resentation of the orbital position of Suzaku, Chandra and XMM-Newton observations
is given in Fig. 6.1. The main analysis was performed with Swift data that cover obser-
vations during 4.5 years. An interpretation of the results of this data analysis is given
in the following Chapter 7.
6.1 The Suzaku observations
The spectral and timing analysis of the X-ray emission of LS I +61◦ 303 along the
orbit gives significant information about radiation processes in this gamma-ray source.
In this section, I present non-published observational data of LS I +61◦ 303 made by
Suzaku in 2009. There are three long ∼ 40, 60, 70 ks observations (see for details
Tab. 6.1), which provides one observation of LS I +61◦ 303 in periastron and two more
in apastron.
For the XIS data, I performed full XIS reprocessing and screening data as discussed
in Subsec. 2.4.1. The source photons were extracted from the circle area with a radius
of 3 arcmin. The background photons were taken from the circle with the same radius
and in the same field of view near the source region.
For the HXD/PIN data, I used standard event reprocessing and screening criteria
according to Sec.7.5.1 of Suzaku ABC Guide analysis, the HXD background is distributed
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Figure 6.1: Orbital geometry of LS I +61◦ 303 adapted from [94], along with the
positions of Suzaku (S1-3), Chandra (C1-3) and XMM-Newton (X1-13) observations.
Table 6.1: The list of Suzaku observations. φ and Φ are orbital and superorbital
phases correspondingly.
Ods. date ObsID Ref MJD Exp. time φ Φ
ks
22-01-2009 403015010 S1 54853.951 40.5 0.562 0.8912
25-01-2009 403016010 S2 54856.696 61.0 0.666 0.8928
10-02-2009 403017010 S3 54872.184 68.6 0.251 0.9021
in the form of simulated event files tailored to each observation. The tuned background
files were chosen to determine the HXD/PIN non-X-ray Background (NXB). To extract
source spectra of LS I +61◦ 303, I used the hxdpinxbpi tool.
6.1.1 Timing analysis
The background-subtracted lightcurves obtained from a combination of the XIS
detectors are shown in Fig. 6.2 for all three Suzaku observations with their hardness ratio
(HR). The lightcurves correspond to two parts of the orbit (S1 and S2 observations
correspond to the apastron, while the S3 observation corresponds to the periastron).
106
The orbital and superorbital phases are calculated with periods of 26.496 and 1667
days [92], respectively, and shown in Tab. 6.1. The reference epoch T0 (JD2443366.775-
JD2400000.5 = JD43366.275) was taken from [92, 240].
S1 and S2 lightcurves show flux modulation, ranging from a maximum rate of
about 2.5 counts s−1 down to 0.3 counts s−1 in a few hours. The hardness ratio maps
are smoothly modulated in the case of S2, while the HR of S1 is strongly modulated,
displaying a wave-like shape, with three minima (around 20, 40 and 60 ks) and four
maxima (around 5, 30, 50 and 80 ks). The lightcurve of periastron (S3) do not show
any modulation, ranging from a maximum rate about 0.7 counts s−1 down to 0.3 counts
s−1. In order to find the most accurate period possible that represents all of the data in
the observation, I used a technique called a power spectrum analysis. A power spectrum
analysis determines what period or periods best fit the entire data set. The power
spectrum plots the likelihood that a frequency is present in the data (represented by
“power” on the vertical axis) as a function of frequency (on the horizontal axis) [241, 242].
The two power spectra that correspond to apastron and periastron are shown on the
right panel of Fig. 6.3.
Plotting HR versus source intensity (see top image in Fig. 6.3), I have found
a significant feature, namely the S1 case indicates that the source is harder when it is
brighter that is in agreement with the result obtained by [243].
6.1.2 Spectral analysis
For spectral fitting, I used a single-power law model with photoelectric absorption.
This model provides a good fit for all three XIS Suzaku observations, see Tab. 6.2 and
Fig. 6.4. In contrast, I found that for the PIN spectra of S1 and S2 observations,
the standard calibration factor of 1.15 is too small (2.7 for S1 and 3.3 for S2). I have
investigated the too large normalization of HXD/PIN compared with XIS. The too large
normalization is probably due to the underestimation of the non-X-ray background (not
due to the celestial behavior unfortunately). According to the Suzaku team, this is
because the S1 and S2 observations in the corresponding week were performed during
the unfortunate situations1, namely: (1) too many noise events in the lower energy part
by the high temperature of HXD; (2) telemetry saturation by (1) and the dead-time
reached close to 50% (typically the dead-time is < 10%); (3) almost no earth occultation
data. To generate the HXD/PIN non-X-ray background data, clean earth-occultation
data are needed. Usually, only ∼ 1 week is not a big problem, since the background is
generated using the 1-month data. Also, with (1), I can normally analyze the data by
excluding the lower energy part (e.g., < 20 keV). However, the week including S1 and S2
1See calibration documentation on the http://www.astro.isas.jaxa.jp/suzaku/caldb/doc/
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Figure 6.2: The Suzaku lightcurves of LS I +61◦ 303 in two energy bands (soft =
0.3-2.0 keV, hard = 2.0-10.0 keV) together with their hardness ratio (HR = hard/soft)
for all three observations (from top to bottom, S1, S2, S3). Bin time is 200 s for soft
and hard ranges and 2 ks for HR.
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Figure 6.3: (top:) HRs versus intensity plot for the all three Suzaku observations
with a bin time 1 ks for S1 and S2, and 2 ks for S3. Count rates are taken from full
energy range 0.3-10.0 keV, while the HRs are defined as ratio between hard and soft
energy bands. (bottom:) The S1 and S3 power spectra of LS I +61◦ 303 (the power
spectrum is given in ph2 unit, and frequency is given in Hz unit). The time bin of
power spectrum is 1 ks.
suffered from too many noisy events resulting in too much dead-time. This is very rare
(once per year, when the detector damage reached event thresholds on-board) and not
well treated in the current background generation. As a result, I only used XIS spectra.
Absorption column densities and photon indexes for S1 and S2 are consistent with
results of XMM-Newton and Chandra observations [243–245]. For the S3 case (near
periastron), I got a higher value of the column density and a lower value of the photon
index. This value of the column density is in agreement with the results obtained by
Chandra in spring 2006 [246]. The spectral shape varies from 1.63 near the periastron
to around 1.80 near the apastron, while the column density changes from 0.67 to 0.53,
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Table 6.2: The Suzaku results of spectral fitting with an absorbed power law model.
Ref NH Γ F (1-10 keV) χ
2 RMS
1022 cm−2 10−11 erg/cm2/s
S1 0.53±0.01 1.85±0.01 1.17±0.01 1.08/(379) 0.656
S1a 0.507±0.02 1.91±0.026 0.76±0.08 1.01/(456)
S1b 0.566±0.02 1.82±0.022 2.08±0.02 0.94/(533)
S2 0.53±0.01 1.80±0.02 0.91±0.01 1.01/(441) 0.570
S2a 0.56±0.02 1.82±0.02 0.74±0.01 0.96/(770)
S2b 0.52±0.02 1.82±0.03 1.83±0.02 0.94/(399)
S3 0.67±0.01 1.63±0.01 1.20±0.01 1.03/(569) 0.176
respectively. I derived the root-mean-square (RMS) variability for each lightcurve as
RMS =
√∑
(xi− < x >)2
N
, (6.1)
see Tab. 6.2.
The X-ray flux in 1.0 - 10.0 keV energy band changes only slightly, from
(1.20±0.01) × 10−11 erg cm−2 s−1 near the periastron to (0.91±0.01) × 10−11 erg cm−2
s−1 near the apastron. I plotted combined XIS spectra corresponding apastron and pe-
riastron moments on the top panel of Fig. 6.5. The difference between the distribution
of NH and Γ are shown in the bottom panel of Fig. 6.5.
To compare the spectral shape of the source in and out the “flares”, I split the S1
observation into two parts with the total count rates below (S1a) and above (S1b) 1.8
count/s, respectively. Spectral characteristics of S1a and S1b turned out quite different
indeed, see Tab. 6.2 and top panel of Fig. 6.6. The obtained spectra of S1a and S1b
are shown in Fig. 6.7. Similarly, I split below and above 1.7 count/s the S2 observation
and I don’t find notable changes of spectral index (see bottom panel of Fig. 6.6). The
variation of the column density is 1σ level only, see Tab. 6.2.
6.2 The XMM-Newton observations
LS I +61◦ 303 was observed 13 times by XMM-Newton. These data were already
presented in [99, 243, 245]. Here I reanalyzed them using the latest version of the analysis
software. Similar to the analysis of Suzaku data, source spectra were extracted from a
circular area with 3 arcmin radius, while the background spectrum was obtained from
the regions with the same radius. Spectra were rebinned at least to have 30 counts per
bin. The list of observations, reference names, exposition time, as well as the orbital
and superorbital phases of the XMM-Newton data are given in Tab. 6.3.
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Figure 6.4: The fitted Suzaku spectra of LS I +61◦ 303 in two energy bands (XIS,
PIN) for all three observations (from top to bottom, S1, S2, S3).
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Figure 6.5: (top:) The combined XIS Suzaku spectra of LS I +61◦ 303 during peri-
astron and apastron. (bottom:) The 1,2 and 3σ distributions of column density, NH ,
and photon index, Γ, for LS I +61◦ 303.
6.2.1 Timing analysis
For the timing analysis presented here, I have used the longest XMM-Newton ob-
servation, X6. The background cleaned X6 PN lightcurve in two energy bands (soft
and hard, soft = 0.3-2.0 keV, hard = 2.0-10.0 keV) are shown in Fig. 6.8 together with
hardness ratio (HR). Both lightcurves demonstrate a smooth modulation, the maximum
rate corresponds to approximately 1 counts per second while the minimum corresponds
to about 0.1 counts per second. The hardness ratio exhibits a constant value of about 1
for the first 15-18 ks, and then a sharp decrease to 0.8 in a few hundred seconds. Then,
HR shows a smooth modulation with two peaks near 25 and 38 ks and one minimum
around 32 ks.
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Figure 6.6: 1, 2 and 3σ confidence contour plots of the column density NH versus
photon spectral index Γ for a power law fit to S1a and S1b observations (top panel)
and S2a and S2b (bottom panel).
To estimate the RMS in a more-correct way, I performed the Monte Carlo sim-
ulations for all XMM-Newton lightcurves (see in Fig. 6.9). 1000 test lightcurves were
created for each XMM-Newton lightcurve and compared with original one. The simu-
lated lightcurves were generated in the range of errors of observed lightcurves. Then, the
RMS values were calculated using Eq. 6.1 and shown in Tab. 6.3. Here, I only show the
simulated lightcurve for the X6 observation (see Fig. 6.9), all other simulated lightcurves
are presented in Appendix B. These RMS values I used in Fig. 7.1 to investigate the
orbital evolution of LS I +61◦ 303.
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Figure 6.7: The spectra of S1a and S1b fitted by the power law model.
Table 6.3: The list of XMM-Newton observations.
ObsID Ref MJD φ Φ Exp.time RMS
ks
0112430101 X1 52310.072 0.552 0.3652 6.40 0.127±0.019
0112430102 X2 52315.461 0.756 0.3684 6.40 0.649±0.007
0112430103 X3 52322.179 0.009 0.3724 6.40 0.385±0.008
0112430201 X4 52326.639 0.178 0.3751 7.49 0.223±0.012
0112430401 X5 52533.099 0.970 0.4990 6.46 0.095±0.018
0207260101 X6 53397.736 0.602 0.0176 50.41 0.598±0.005
0505980801 X7 54347.075 0.432 0.5871 17.41 0.284±0.011
0505980901 X8 54349.063 0.507 0.5883 13.41 0.177±0.011
0505981001 X9 54350.092 0.546 0.5890 18.55 0.249±0.007
0505981101 X10 54351.060 0.582 0.5895 17.41 0.327±0.006
0505981201 X11 54352.060 0.620 0.5901 15.01 0.141±0.014
0505981301 X12 54353.058 0.658 0.5907 16.87 0.087±0.012
0505981401 X13 54354.060 0.703 0.5913 14.51 0.274±0.007
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Figure 6.8: (top:) The XMM-Newton lightcurves of LS I +61◦ 303 in the soft and
hard energy bands with their hardness ratio. Time bin is 1 ks. (bottom:) The distri-
bution between HR and count rate in the full energy band (0.3 - 12.0 keV) for X6 PN
observation. Time bin is 1 ks.
6.2.2 Spectral analysis
All XMM-Newton spectra of LS I +61◦ 303 binary system were fitted using a
simple power law model with a photoelectric absorption. The hydrogen column density,
NH , and power law photon index, Γ, were free parameters during modeling. The best-
fitting parameters of the modeled spectra are summarized in Tab. 6.4.
In addition to the spectral fitting of all XMM-Newton spectra, the X6 observation
was fitted separately, similar to S1 and S2. I extracted the two spectra for the X6
observation by splitting the observation into two parts. One part of X6 corresponds to
the data where the value of count rate is equal 1.2 s−1 or lower (X6a). The hardness rate
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Figure 6.9: The simulated lightcurves of the X6 observation of LS I +61◦ 303 with
observed lightcurve.
of these parts is completely different (see bottom panel in Fig. 6.8). The second part of
X6 corresponds to the data where the count rate is higher than 1.2 s−1. A power law
model with photoelectric absorption gives acceptable fits for both cases (see Fig. 6.11).
The values of the hydrogen column density for X6a and X6b are consistent. The best-
fitting parameters of these modeled spectra are shown in Tab. 6.4. It is significant
to note that the same analysis performed for other XMM-Newton data did now show
any evidence of presence of significant changes in hardness plots. The distribution of
hydrogen column density and power law photon index is presented on the top panel in
Fig. 6.10.
6.3 The Swift observations
The Swift observatory gives a great opportunity to monitor LS I +61◦ 303 on
very different timescales. In this work, I used data which cover more than 4 years
of observations of LS I +61◦ 303 between 2010 and 2014. The data reduction was
performed according to the Subsec. 2.5.1. After initial cleaning of events, I have 164
available observations. I have extracted spectra of LS I +61◦ 303 for PC and WT modes
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Table 6.4: Best-fitting parameters of the spectral analysis of XMM-Newton LS I +61◦
303 observations.
Ref NH Γ F (1-10 keV) χ
2/(d.o.f.)
1022 cm−2 10−11 erg/cm2/s
X1 0.50±0.02 1.54±0.03 1.56±0.03 1.04/(253)
X2 0.52±0.02 1.49±0.03 1.44±0.02 1.05/(223)
X3 0.61±0.04 1.83±0.07 0.75±0.03 0.97/(95)
X4 0.48±0.06 1.53±0.09 0.51±0.02 1.00/(87)
X5 0.63±0.02 1.60±0.03 1.44±0.05 0.91/(251)
X6 0.50±0.01 1.62±0.01 0.94±0.01 1.10/(1074)
X6a 0.47±0.01 1.73±0.02 0.49±0.01 1.02/(223)
X6b 0.53±0.01 1.60±0.02 1.43±0.01 1.12/(289)
X7 0.49±0.01 1.82±0.02 0.82±0.09 1.04/(357)
X8 0.47±0.01 1.60±0.02 0.85±0.01 1.07/(348)
X9 0.49±0.01 1.60±0.02 0.90±0.01 1.25/(505)
X10 0.49±0.01 1.62±0.02 0.90±0.01 0.97/(500)
X11 0.52±0.01 1.52±0.01 1.59±0.02 1.12/(634)
X12 0.51±0.01 1.54±0.02 1.29±0.01 1.05/(513)
X13 0.50±0.01 1.59±0.02 0.86±0.01 1.08/(376)
from circle regions with radii from 5 to 30 pixels (talking into account the value of count
rate) and 25 pixels, respectively. The background spectra were taken over the annuli
regions around source regions. The spectra were grouped to have at least 1 count bin−1
using grppha tool. The spectral analysis was performed using Monte Carlo method
described in Subsec. 2.7.2, the spectra were fitted in 0.5 - 10.0 keV energy band. The
errors correspond to a 1σ confidence level. In Tab. 6.5, I show a list of available data
with obtained results of spectral analysis of the Swift data.
6.4 The Chandra observations
During monitoring campaign, the LS I +61◦ 303 was observed by Chandra X-ray
Observatory only 3 times (see Tab. 6.6).
For the data analysis, I used the steps described in Subsec. 2.3.1. The source
spectra were extracted from circle area with a radius of 0.15 arcmin, while the back-
ground spectra were extracted from the region with no source and with the same radius
as source area. The fitting of spectra was performed using absorbed power law model.
The results of fitting are given in Tab. 6.7.
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Table 6.5: The results of Swift data analysis of LS I +61◦ 303.
ObsID MJD φ Φ NH Γ Fun
1−10keV
Fabs
1−10keV
Fun
2−10keV
d 1022 10−11 10−11 10−11
cm−2 erg/cm2/s erg/cm2/s erg/cm2/s
00036093001 53980.340 0.591 0.3671 0.57±0.06 1.58±0.09 2.06±0.05 1.80±0.06 1.62±0.06
00036093002 53983.903 0.726 0.3693 0.63±0.21 1.73±0.26 1.67±0.11 1.39±0.12 1.25±0.12
00036093003 53989.040 0.92 0.3723 0.64±0.10 1.46±0.13 1.03±0.03 0.91±0.04 0.85±0.05
00036093004 53991.403 0.009 0.3738 0.91±0.12 1.69±0.13 1.62±0.05 1.30±0.06 1.25±0.05
00036093005 53993.331 0.082 0.3749 0.59±0.07 1.64±0.10 1.53±0.04 1.32±0.05 1.20±0.05
00036093006 53995.273 0.155 0.3761 0.48±0.12 1.54±0.17 0.74±0.03 0.65±0.04 0.59±0.04
00036093007 53997.412 0.236 0.3774 0.68±0.16 1.79±0.21 0.99±0.05 0.82±0.06 0.74±0.06
00036093008 54060.081 0.601 0.415 0.78±0.11 1.55±0.12 1.82±0.05 1.53±0.07 1.45±0.07
00036093009 54061.145 0.641 0.4156 0.59±0.07 1.61±0.11 1.57±0.05 1.35±0.05 1.22±0.05
00036093010 54062.084 0.676 0.4162 0.60±0.09 1.56±0.10 2.31±0.06 2.01±0.07 1.82±0.07
00036093011 54063.158 0.717 0.4168 0.67±0.08 1.68±0.11 2.20±0.06 1.86±0.07 1.69±0.08
00036093012 54068.260 0.909 0.4199 0.47±0.18 1.68±0.27 0.91±0.07 0.80±0.08 0.69±0.08
00036093013 54069.263 0.947 0.4205 0.55±0.11 1.62±0.15 1.64±0.07 1.42±0.08 1.28±0.08
00036093016 54074.155 0.132 0.4234 0.30±0.13 1.50±0.24 0.79±0.06 0.73±0.07 0.63±0.08
00036093017 54076.158 0.208 0.4246 0.54±0.17 1.66±0.25 0.47±0.03 0.40±0.03 0.36±0.07
00036093018 54078.517 0.297 0.4260 0.50±0.09 1.82±0.16 1.30±0.05 1.12±0.06 0.95±0.07
00036093019 54080.036 0.354 0.4269 0.33±0.15 1.16±0.23 0.95±0.07 0.89±0.08 0.82±0.09
00036093020 54082.043 0.43 0.4281 0.44±0.18 1.43±0.24 1.17±0.09 1.05±0.10 0.94±0.09
00036093021 54083.049 0.468 0.4287 0.40±0.22 1.30±0.32 1.22±0.11 1.12±0.15 1.01±0.12
00036093022 54085.057 0.543 0.4299 0.87±0.16 1.86±0.20 2.02±0.10 1.58±0.09 1.01±0.12
00036093023 54087.261 0.627 0.4313 0.46±0.09 1.25±0.12 2.32±0.08 2.12±0.09 1.94±0.08
00036093025 54091.009 0.768 0.4335 0.68±0.24 1.57±0.29 1.80±0.12 1.52±0.15 1.42±0.14
00036093026 54093.436 0.86 0.4350 0.54±0.09 1.35±0.11 2.07±0.06 1.87±0.08 1.74±0.08
00036093027 54298.156 0.586 0.5578 0.53±0.04 1.43±0.06 1.79±0.03 1.61±0.03 1.47±0.04
00036093028 54354.589 0.716 0.5916 0.94±0.17 2.02±0.19 0.97±0.05 0.73±0.04 0.67±0.05
00036093029 54355.599 0.754 0.5922 0.71±0.16 1.45±0.17 1.17±0.05 1.00±0.07 0.94±0.07
00036093030 54356.597 0.792 0.5928 0.82±0.13 1.50±0.14 1.70±0.06 1.43±0.06 1.37±0.07
00036093031 54357.600 0.83 0.5934 0.61±0.10 1.54±0.15 1.67±0.07 1.44±0.09 1.33±0.08
00036093032 54358.134 0.85 0.5938 0.65±0.06 1.52±0.08 1.75±0.04 1.51±0.04 1.40±0.04
00036093034 54362.010 0.996 0.5961 0.40±0.13 1.38±0.19 1.23±0.07 1.13±0.09 1.01±0.08
00036093035 54363.018 0.034 0.5967 0.72±0.14 1.62±0.18 1.15±0.05 0.96±0.06 0.89±0.06
00036093036 54365.490 0.127 0.5982 0.96±0.21 1.78±0.23 1.31±0.07 1.02±0.07 0.97±0.07
00036093037 54382.506 0.77 0.6084 0.63±0.08 1.56±0.11 2.00±0.06 1.73±0.07 1.59±0.07
00036093038 54383.375 0.802 0.6089 0.65±0.11 1.56±0.14 2.22±0.08 1.90±0.10 1.79±0.11
00036093039 54384.312 0.838 0.6095 0.66±0.14 1.69±0.18 1.45±0.07 1.22±0.09 1.10±0.09
00036093041 54405.136 0.624 0.6220 0.39±0.14 1.65±0.24 0.70±0.05 0.62±0.06 0.52±0.06
00036093043 54408.264 0.742 0.6238 0.47±0.12 1.45±0.18 1.21±0.06 1.08±0.08 0.98±0.09
00036093044 54410.281 0.818 0.6250 0.53±0.15 1.25±0.19 1.20±0.07 1.09±0.08 1.02±0.09
00036093048 54723.430 0.637 0.8129 0.84±0.19 1.87±0.21 0.82±0.04 0.64±0.04 0.60±0.04
00036093052 54728.039 0.811 0.8157 1.35±0.71 1.24±0.48 0.91±0.09 0.71±0.10 0.75±0.09
00036093054 54730.859 0.917 0.8173 0.81±0.40 1.29±0.35 1.23±0.10 1.04±0.12 1.02±0.11
00036093055 54730.986 0.922 0.8174 0.65±0.10 1.45±0.12 1.39±0.05 1.21±0.06 1.12±0.05
00036093056 54734.916 0.07 0.8198 0.97±0.42 1.82±0.37 0.79±0.08 0.58±0.06 0.56±0.05
00036093057 54735.050 0.075 0.8199 0.12±0.10 0.92±0.34 0.72±0.08 0.68±0.09 0.63±0.09
00036093058 54735.921 0.108 0.8204 0.45±0.18 1.64±0.24 0.67±0.04 0.58±0.05 0.51±0.05
00036093059 54736.926 0.146 0.8210 0.31±0.24 2.15±0.50 0.46±0.06 0.37±0.06 0.28±0.06
00036093060 54737.001 0.149 0.8210 0.15±0.15 1.22±0.27 0.65±0.05 0.62±0.06 0.55±0.07
00036093061 54739.067 0.227 0.8223 0.42±0.11 1.44±0.16 0.90±0.04 0.81±0.05 0.74±0.05
00036093062 54744.561 0.434 0.8256 0.58±0.09 1.76±0.13 0.91±0.03 0.77±0.04 0.67±0.04
00036093063 54750.666 0.665 0.8292 0.16±0.11 1.21±0.21 0.58±0.05 0.56±0.06 0.52±0.06
00036093064 54754.082 0.793 0.8313 0.25±0.24 0.67±0.34 0.81±0.12 0.77±0.13 0.74±0.14
00036093065 54761.709 0.081 0.8358 0.84±0.24 1.84±0.29 1.19±0.08 0.94±0.09 0.86±0.09
00036093066 54768.001 0.319 0.8396 0.67±0.20 1.70±0.25 1.23±0.08 1.02±0.09 0.93±0.09
00036093067 54775.354 0.596 0.8440 0.53±0.10 1.56±0.16 2.13±0.09 1.87±0.11 1.70±0.12
00036093068 54781.103 0.813 0.8475 0.97±0.54 1.48±0.49 0.82±0.09 0.62±0.10 0.63±0.10
00036093070 54803.015 0.64 0.8606 1.03±0.51 2.39±0.66 0.95±0.25 0.55±0.09 0.63±0.11
00036093071 54810.106 0.908 0.8649 0.28±0.24 0.97±0.32 1.02±0.11 0.96±0.14 0.90±0.14
00036093072 54812.105 0.983 0.8661 0.31±0.30 1.06±0.39 1.20±0.11 1.12±0.19 1.04±0.19
00036093073 54817.725 0.195 0.8695 0.55±0.11 1.31±0.13 1.11±0.04 0.99±0.05 0.93±0.05
00036093074 54827.240 0.555 0.8752 0.73±0.22 2.15±0.35 0.72±0.06 0.54±0.06 0.47±0.06
00036093075 55119.061 0.568 0.0502 0.60±0.11 1.71±0.18 1.19±0.05 1.02±0.06 0.89±0.06
00036093076 55120.328 0.616 0.0510 0.69±0.13 1.92±0.18 1.11±0.05 0.89±0.05 0.78±0.05
00036093078 55122.340 0.692 0.0522 0.54±0.26 1.40±0.32 0.72±0.06 0.62±0.07 0.58±0.07
00036093080 55124.347 0.768 0.0534 0.63±0.22 1.74±0.30 0.73±0.06 0.61±0.06 0.53±0.07
00036093081 55130.303 0.993 0.0570 0.80±0.30 1.46±0.32 1.45±0.12 1.21±0.13 1.12±0.15
00036093082 55137.050 0.247 0.0610 0.91±0.41 1.74±0.40 1.40±0.13 1.06±0.10 0.95±0.12
00036093083 55144.008 0.51 0.0652 0.42±0.20 1.04±0.24 2.36±0.17 2.19±0.20 2.03±0.20
00036093084 55146.349 0.598 0.0666 0.63±0.14 1.63±0.17 1.93±0.09 1.65±0.10 1.53±0.11
00036093086 55148.304 0.672 0.0678 0.39±0.13 1.61±0.21 0.83±0.05 0.76±0.07 0.65±0.05
00036093087 55149.305 0.71 0.0684 0.32±0.14 1.24±0.22 0.67±0.05 0.62±0.06 0.55±0.06
00036093088 55150.311 0.748 0.0690 0.51±0.12 1.70±0.19 0.88±0.05 0.76±0.05 0.68±0.07
00036093090 55158.192 0.045 0.0737 0.35±0.23 1.00±0.30 1.09±0.11 1.01±0.13 0.95±0.14
00036093091 55164.089 0.268 0.0772 0.78±0.32 1.80±0.37 0.69±0.07 0.53±0.06 0.49±0.06
00036093092 55172.870 0.599 0.0825 0.22±0.15 1.16±0.24 1.07±0.10 1.02±0.10 0.93±0.11
00036093093 55179.505 0.85 0.0865 0.51±0.31 1.18±0.31 0.85±0.07 0.76±0.08 0.72±0.09
00036093095 55193.200 0.366 0.0947 0.64±0.28 1.42±0.32 1.20±0.09 1.03±0.12 0.99±0.11
00036093096 55200.826 0.654 0.0993 0.38±0.20 1.60±0.37 0.59±0.07 0.52±0.08 0.44±0.09
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00036093100 55476.344 0.053 0.2645 1.14±0.49 1.48±0.46 0.88±0.09 0.68±0.09 0.68±0.09
00036093101 55481.302 0.24 0.2675 0.73±0.23 1.40±0.24 1.54±0.08 1.32±0.10 1.29±0.10
00036093103 55483.387 0.319 0.2688 0.40±0.10 1.39±0.15 1.55±0.07 1.42±0.08 1.36±0.09
00036093104 55484.390 0.356 0.2694 0.66±0.13 1.47±0.16 2.14±0.08 1.85±0.10 1.77±0.09
00036093105 55485.273 0.39 0.2699 0.54±0.12 1.28±0.15 1.88±0.08 1.69±0.09 1.68±0.10
00036093106 55486.341 0.43 0.2705 0.85±0.12 1.80±0.15 2.15±0.08 1.72±0.08 1.74±0.08
00036093107 55491.754 0.634 0.2738 0.57±0.13 1.52±0.18 2.20±0.10 1.92±0.12 1.96±0.13
00036093109 55505.522 0.154 0.2820 0.36±0.33 1.04±0.59 0.80±0.11 0.67±0.12 0.68±0.12
00036093110 55512.412 0.414 0.2862 0.77±0.29 1.44±0.30 1.21±0.08 1.02±0.09 1.02±0.09
00036093111 55518.699 0.651 0.29 0.54±0.13 1.51±0.17 2.09±0.11 1.84±0.10 1.80±0.12
00036093112 55528.204 0.01 0.2957 0.70±0.33 0.55±0.45 0.40±0.06 0.38±0.07 0.38±0.07
00036093113 55540.198 0.463 0.3028 0.58±0.18 1.67±0.26 1.85±0.13 1.57±0.16 1.57±0.17
00036093114 55547.554 0.74 0.3073 1.01±0.25 2.06±0.28 3.68±0.29 2.61±0.19 2.61±0.21
00036093116 55561.059 0.25 0.3154 0.38±0.18 1.17±0.24 1.28±0.10 1.19±0.11 1.13±0.12
00036093117 55568.892 0.546 0.3201 0.65±0.15 1.57±0.19 2.19±0.11 1.87±0.13 1.86±0.12
00036093118 55575.177 0.783 0.3238 0.84±0.15 1.68±0.16 3.05±0.12 2.47±0.14 2.51±0.14
00036093120 55589.111 0.309 0.3322 0.84±0.34 1.77±0.38 1.18±0.10 0.91±0.11 0.90±0.11
00036093121 55835.822 0.62 0.4802 1.01±0.27 1.65±0.26 2.38±0.13 1.86±0.13 1.82±0.12
00036093122 55842.647 0.878 0.4843 0.87±0.28 1.76±0.32 1.70±0.14 1.33±0.12 1.35±0.14
00036093124 55856.576 0.403 0.4926 0.49±0.27 1.64±0.43 0.54±0.06 0.46±0.08 0.46±0.08
00036093126 55870.207 0.918 0.5008 0.76±0.24 1.53±0.26 1.58±0.10 1.31±0.12 1.26±0.12
00036093127 55877.820 0.205 0.5054 0.87±0.29 2.13±0.34 1.16±0.12 0.83±0.08 0.82±0.09
00036093128 55884.247 0.448 0.5092 0.02±0.02 1.01±0.43 0.69±0.10 0.67±0.12 0.62±0.09
00036093129 55891.257 0.712 0.5134 0.84±0.18 1.57±0.20 3.01±0.15 2.48±0.18 2.54±0.20
00036093130 55897.353 0.942 0.5171 0.67±0.15 1.70±0.20 2.01±0.10 1.68±0.12 1.72±0.13
00036093131 55907.394 0.321 0.5231 0.89±0.26 1.64±0.27 2.08±0.13 1.66±0.14 1.66±0.15
00036093135 55914.151 0.576 0.5272 0.84±0.24 1.86±0.28 0.93±0.06 0.71±0.06 0.71±0.06
00036093136 55915.150 0.614 0.5278 0.72±0.15 1.92±0.21 1.01±0.05 0.81±0.05 0.81±0.06
00036093137 55917.149 0.689 0.5290 0.77±0.13 1.67±0.17 1.53±0.06 1.27±0.08 1.25±0.08
00036093138 55918.150 0.727 0.5296 0.77±0.13 1.72±0.16 1.70±0.06 1.40±0.07 1.39±0.08
00036093139 55919.094 0.763 0.5301 0.76±0.12 1.68±0.15 2.01±0.08 1.67±0.09 1.68±0.09
00036093140 55920.156 0.803 0.5308 0.21±0.20 0.81±0.80 0.64±0.14 0.56±0.16 0.56±0.16
00036093143 55923.111 0.914 0.5326 0.74±0.17 1.76±0.22 1.00±0.05 0.81±0.06 0.81±0.06
00036093146 55926.098 0.027 0.5343 0.86±0.21 1.76±0.24 1.09±0.06 0.87±0.07 0.87±0.07
00036093148 55937.271 0.449 0.5410 0.44±0.21 1.51±0.28 0.99±0.08 0.88±0.09 0.88±0.11
00036093149 55940.133 0.557 0.5428 0.90±0.27 1.85±0.30 1.13±0.09 0.86±0.07 0.89±0.09
00036093150 55941.076 0.592 0.5433 0.92±0.21 2.08±0.26 1.01±0.07 0.74±0.05 0.76±0.06
00036093151 55942.082 0.63 0.5439 0.78±0.20 1.43±0.20 1.66±0.08 1.41±0.09 1.37±0.09
00036093153 55944.086 0.706 0.5451 0.62±0.15 1.28±0.17 1.92±0.09 1.71±0.11 1.78±0.13
00036093154 55946.087 0.782 0.5463 1.16±0.25 1.79±0.22 1.68±0.10 1.26±0.08 1.25±0.07
00036093155 55947.153 0.822 0.5470 0.50±0.33 0.92±0.32 1.49±0.13 1.36±0.16 1.36±0.16
00036093156 55954.257 0.09 0.5512 1.03±0.27 2.02±0.30 1.03±0.09 0.74±0.06 0.74±0.06
00036093157 56206.594 0.613 0.7026 0.42±0.25 2.20±0.51 0.35±0.05 0.28±0.05 0.27±0.06
00036093159 56219.105 0.086 0.7101 0.95±0.49 2.52±0.68 1.23±0.36 0.67±0.11 0.68±0.14
00036093160 56227.665 0.409 0.7152 0.33±0.23 1.73±0.60 0.87±0.13 0.69±0.15 0.66±0.13
00036093161 56234.475 0.666 0.7193 0.66±0.20 2.06±0.32 0.88±0.07 0.69±0.07 0.65±0.06
00036093163 56248.149 0.182 0.7275 1.04±0.34 1.91±0.34 1.57±0.15 1.13±0.11 1.14±0.12
00036093164 56255.424 0.456 0.7319 0.59±0.18 1.26±0.21 2.52±0.12 2.25±0.17 2.24±0.17
00036093165 56262.107 0.709 0.7359 0.21±0.20 1.08±0.41 0.71±0.10 0.66±0.12 0.63±0.11
00036093166 56269.277 0.979 0.7402 0.75±0.18 1.64±0.24 1.94±0.11 1.61±0.12 1.61±0.13
00036093168 56270.203 0.014 0.7408 0.61±0.17 1.63±0.24 1.48±0.08 1.26±0.10 1.19±0.10
00036093169 56272.202 0.09 0.7420 0.58±0.21 1.53±0.29 1.09±0.08 0.94±0.10 0.97±0.12
00036093170 56273.150 0.125 0.7425 0.69±0.25 1.63±0.31 0.83±0.06 0.69±0.07 0.63±0.06
00036093171 56275.147 0.201 0.7437 0.53±0.20 1.38±0.27 0.94±0.06 0.83±0.08 0.81±0.09
00036093172 56276.208 0.241 0.7444 0.49±0.24 1.24±0.26 1.17±0.08 1.06±0.09 1.05±0.09
00036093173 56278.143 0.314 0.7455 0.61±0.18 1.69±0.24 1.16±0.07 0.98±0.08 0.95±0.08
00036093174 56279.153 0.352 0.7461 1.00±0.25 2.17±0.29 1.03±0.09 0.71±0.06 0.70±0.05
00036093175 56283.088 0.5 0.7485 0.96±0.23 2.23±0.27 1.72±0.12 1.20±0.08 1.18±0.08
00036093176 56290.360 0.775 0.7529 0.77±0.23 1.58±0.26 1.17±0.07 0.97±0.09 1.02±0.11
00036093178 56304.130 0.295 0.7611 0.60±0.14 1.62±0.19 2.08±0.11 1.79±0.11 1.73±0.12
00036093180 56320.163 0.9 0.7707 0.63±0.14 1.64±0.18 1.86±0.09 1.58±0.11 1.62±0.12
00036093181 56584.674 0.883 0.9294 0.82±0.42 1.30±0.42 0.74±0.08 0.67±0.11 0.68±0.12
00036093183 56598.885 0.419 0.9379 0.66±0.23 1.70±0.29 1.36±0.10 1.13±0.11 1.17±0.13
00036093184 56605.621 0.673 0.9420 0.82±0.26 1.91±0.32 1.74±0.14 1.33±0.12 1.31±0.14
00036093186 56619.157 0.184 0.9501 0.38±0.19 1.34±0.29 0.64±0.06 0.58±0.07 0.58±0.08
00036093187 56620.220 0.224 0.9507 0.29±0.28 0.74±0.40 0.77±0.11 0.73±0.13 0.72±0.14
00036093188 56621.220 0.262 0.9513 0.97±0.35 1.55±0.32 1.10±0.07 0.86±0.07 0.85±0.08
00036093189 56622.225 0.3 0.9519 0.72±0.23 1.78±0.27 1.27±0.09 1.03±0.09 1.01±0.09
00036093190 56623.222 0.338 0.9525 0.61±0.18 1.42±0.22 1.45±0.09 1.28±0.12 1.27±0.11
00036093191 56624.226 0.376 0.9531 0.55±0.17 1.38±0.20 1.86±0.11 1.65±0.13 1.64±0.13
00036093192 56625.225 0.413 0.9537 0.48±0.19 1.60±0.29 0.85±0.07 0.74±0.08 0.71±0.07
00036093193 56626.228 0.451 0.9543 0.38±0.15 1.27±0.21 1.30±0.09 1.20±0.09 1.13±0.10
00036093194 56627.232 0.489 0.9549 0.62±0.16 1.58±0.20 1.52±0.08 1.31±0.09 1.25±0.09
00036093195 56633.325 0.719 0.9586 0.01±0.00 1.45±0.32 0.88±0.20 0.74±0.27 0.77±0.12
00036093197 56640.865 0.004 0.9631 0.48±0.25 1.46±0.36 0.96±0.11 0.84±0.13 0.82±0.12
00036093198 56647.924 0.27 0.9674 0.50±0.21 1.46±0.29 0.98±0.07 0.86±0.09 0.87±0.11
00036093199 56654.723 0.527 0.9714 0.86±0.26 1.60±0.26 2.44±0.16 1.97±0.17 1.95±0.18
00036093200 56661.394 0.778 0.9754 0.16±0.15 0.67±0.48 1.06±0.18 0.99±0.17 0.99±0.17
00036093201 56668.733 0.055 0.9798 0.73±0.32 1.16±0.30 1.27±0.10 1.12±0.13 1.12±0.13
00036093202 56675.328 0.304 0.9838 1.24±0.45 2.13±0.41 1.33±0.21 0.84±0.07 0.81±0.07
00036093203 56934.372 0.081 0.1392 0.41±0.38 1.11±0.43 0.93±0.10 0.83±0.14 0.83±0.12
00036093207 56950.302 0.682 0.1487 0.45±0.21 1.99±0.38 0.48±0.05 0.41±0.06 0.38±0.06
00036093210 56952.360 0.76 0.1500 0.88±0.48 2.00±0.51 0.91±0.14 0.62±0.08 0.62±0.08
00036093211 56953.291 0.795 0.1505 0.78±0.37 1.72±0.38 0.82±0.08 0.65±0.08 0.65±0.08
00036093214 56969.268 0.398 0.1601 0.47±0.18 1.24±0.21 2.19±0.14 1.99±0.16 1.94±0.18
00036093215 56975.210 0.622 0.1637 0.64±0.16 1.33±0.18 2.77±0.13 2.45±0.15 2.40±0.15
00036093216 56976.270 0.662 0.1643 0.82±0.22 1.66±0.24 2.14±0.11 1.74±0.12 1.78±0.14
00036093217 56983.251 0.926 0.1685 1.56±0.75 2.08±0.58 0.91±0.22 0.50±0.06 0.51±0.06
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Figure 6.10: (top:) The distribution of column density, NH , and photon index, Γ, of
the LS I +61◦ 303 for XMM-Newton observations (3σ contours only). (right:) The grid
of hydrogen column density and photon index of the splitted X6 observations (1,2,3
confidence contours).
Table 6.6: The log of Chandra data of LS I +61◦ 303.
Data ObsID Ref MJD Instr. Exp.time φ Φ
d ks
07-04-2006 6585 C1 53832.922 ACIS-I 49.73 0.027 0.2787
25-10-2006 8273 C2 54033.925 ACIS-I 20.03 0.613 0.3993
14-11-2008 10052 C3 54784.460 ACIS-S 95.67 0.940 0.8495
120
10-4
10-3
10-2
ke
V2
 (P
ho
to
ns
 c
m
−2
 s
−1
 k
eV
−1
)
X6a
X6b
100 101
Energy, keV
−4
−3
−2
−1
0
1
2
3
4
ch
i2
Figure 6.11: The X6a and X6b spectra of LS I +61◦ 303 fitted by absorbed power
law model.
Table 6.7: The best fit parameters of Chandra data of LS I +61◦ 303.
Ref NH Γ F (1-10 keV) χ
2/(d.o.f.)
1022 cm−2 10−11 erg/cm2/s
C1 0.59±0.03 1.16±0.03 0.58±0.02 1.21/(173)
C2 0.63±0.02 1.59±0.02 2.23±0.03 0.99/(333)
C3 0.64±0.01 1.80±0.01 0.81±0.01 1.11/(387)
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Chapter 7
Interpretation of results of
LS I +61◦ 303
In this chapter, I present results of X-ray monitoring of LS I +61◦ 303 to explore
the orbital and superorbital variability of different physical parameters of the binary
system. I show the distribution of absorbed flux, photon index and column density
over the orbital and superorbital timescales. In addition, I search the fast variability
of lightcurves of LS I +61◦ 303. The distribution of NH over orbital phase was used
to predict the physical conditions of Be-type star disk of the source. In this chapter, I
report an investigation based on the analysis of the monitoring of the LS I +61◦ 303,
mainly with Swift and other X-ray data discussed in Chapter 6.
7.1 The modulation of X-ray flare
A study of the orbital modulation of the X-ray signal was missing until intensive
monitoring of the source on many orbit (year) timescales by X-ray observatories. A
multi-year monitoring campaign was performed by Swift. As a result, the orbit-to-orbit
variations of X-ray emission from the source were established. The orbital X-ray light
curve of the source is characterized by a single flare, whose origin is not well understood.
[92] shows that the orbital phase of the periodic X-ray flare drifts on a superorbital
timescale by half an orbit from φ ≃ 0.5 to φ ≃ 1.0. Such a drift can not be explained by
simple precession, where one expects a drift during a full orbit (from 0 to 1). But such
a drift might be explained by the possibility that the equatorial disk of Be-type star in
the system can be build up and can decay on the superorbital timescale [92]. A new
insight about the nature of superorbital periodicity/variability might be given by the
investigation of the changes in the behavior of the X-ray emission during this timescale.
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Figure 7.1: (top:) The distribution of absorbed flux over orbital phase. (bottom:)
The distribution of RMS values of lightcurves obtained for separate XMM-Newton,
Suzaku, Swift and Chandra observations.
The analysis of X-ray data was performed in Chapter 6. First of all, I use Swift
data to image the distribution of absorbed flux over orbital phase. Fig. 7.1 shows the 1.0
- 10.0 keV flux from the LS I +61◦ 303 as a function of the orbital phase. It is readily
seen that the scattering of the flux is minimal at periastron and maximal at apastron.
This is probably linked to the change of the compact object environment as it moves
along the orbit. Close to periastron the compact object is embedded into the smooth
dense region of the Be star disk, while closer to the apastron the compact object moves
in the outskirts of the disk, where one can expect to find more clumpy structure, which
would lead to the higher variability of the flux. Then, I grouped the Swift observations
within 0.1 orbital phase band, and found the RMS for their grouped lightcurves (green
points with error bars in bottom panel in Fig. 7.1). Additionally, I added RMS values
which were calculated as described in previous Chapter for separate lightcurves made by
XMM-Newton and Suzaku to check inhomogeneity of the environment along the orbit.
From Fig. 7.1, it is seen that the RMS datapoints are consistent with the distributed
absorbed flux over orbital phase.
Secondly, I checked the variability of flux, photon index and absorption of LS
I +61◦ 303 over orbital and superorbital phases for grouped Swift data. I split all
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Figure 7.2: The Swift distribution of flux, photon index, Γ, and absorption, NH , of
LS I +61◦ 303 over orbital and superorbital phases. The green errorbars correspond
the errors estimated using Monte Carlo simulations as described in Subsec. 2.7.2, while
the blue errorbars correspond errors estimated from RMS function.
observations within 0.2 range of orbital/superorbital phases and found the values of
flux, photon index and column density using Monte Carlo simulations as described in
Sec. 2.7. The best-fit parameters of grouped spectra are presented in Tab. 7.1. Note
that each point in Fig. 7.2 is a combination of several closely spaced observations. Green
error bars correspond to the 1σ errors of the spectral fit. Blue error bars were calculated
taking into account the spread of spectral parameters of the individual observations,
i.e., the root-mean-square function for each light curve. To calculate it I have used the
following definition of RMS =
√∑
(fi−〈f〉)2
N , where N is the full number of time bins in
the light curve, and 〈f〉 = Σ(fiδf−2i )/Σ(δf−2i ) is the weighted mean of the flux with the
error of δfi for each time bin ti with a flux fi.
One can see that in agreement with previous findings [97, 247] the flux is
maximal during the 0.2-0.4 superorbital phase, with a peak becoming wider and moving
from orbital phase φ ∼ 0.4 at superorbital phase Φ = 0. – 0.2 to orbital phase φ ∼ 0.8 at
superorbital phase Φ = 0.4 – 0.6. During the superorbital phases Φ = 0.6 – 0.0 the peak
disappears, or become too narrow to be detected with such wide bins. On the contrary,
the values of column density and photon index are consistent with a constant value, the
same for all orbital and superorbital phases (the averaged value of column density is
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Table 7.1: The results of modeling of combined Swift spectra of LS I +61◦ 303 over
orbital, φ, and superorbital, Φ, phases.
φ Φ F (1-10 keV) NH Γ C-stat
10−11 erg/cm2/s 1022 cm2
0.9-1.1 0.8-1.0 1.10±0.05 0.57±0.07 1.34±0.09 430.59
0.7-0.9 0.8-1.0 0.76±0.11 0.53±0.16 1.03±0.17 40.85
0.5-0.7 0.8-1.0 0.96±0.05 0.56±0.06 1.61±0.09 443.49
0.3-0.5 0.8-1.0 1.02±0.04 0.58±0.05 1.60±0.07 447.50
0.1-0.3 0.8-1.0 0.86±0.04 0.49±0.06 1.32±0.08 456.51
0.9-1.1 0.6-0.8 1.21±0.10 0.65±0.11 1.64±0.14 278.36
0.7-0.9 0.6-0.8 1.38±0.05 0.60±0.04 1.53±0.06 567.83
0.5-0.7 0.6-0.8 0.72±0.06 0.59±0.10 1.92±0.14 259.80
0.3-0.5 0.6-0.8 1.17±0.07 0.62±0.10 1.57±0.13 302.90
0.1-0.3 0.6-0.8 1.08±0.06 0.59±0.09 1.50±0.11 308.01
0.9-1.1 0.4-0.6 1.05±0.04 0.64±0.05 1.63±0.07 496.82
0.7-0.9 0.4-0.6 1.47±0.04 0.69±0.03 1.54±0.04 779.84
0.5-0.7 0.4-0.6 1.48±0.03 0.60±0.03 1.50±0.04 751.13
0.3-0.5 0.4-0.6 0.97±0.05 0.45±0.07 1.37±0.11 370.88
0.1-0.3 0.4-0.6 0.81±0.04 0.57±0.06 1.73±0.10 363.72
0.9-1.1 0.2-0.4 1.07±0.03 0.67±0.06 1.53±0.07 585.57
0.7-0.9 0.2-0.4 2.18±0.10 0.83±0.11 1.78±0.13 300.87
0.5-0.7 0.2-0.4 1.83±0.09 0.57±0.05 1.55±0.07 496.80
0.3-0.5 0.2-0.4 1.54±0.06 0.62±0.05 1.50±0.07 524.51
0.1-0.3 0.2-0.4 0.87±0.04 0.55±0.07 1.48±0.10 361.02
0.9-1.1 0.0-0.2 0.89±0.10 0.61±0.16 1.28±0.18 203.16
0.7-0.9 0.0-0.2 0.68±0.04 0.46±0.07 1.49±0.11 350.51
0.5-0.7 0.0-0.2 1.22±0.02 0.55±0.04 1.55±0.06 584.85
0.3-0.5 0.0-0.2 1.51±0.13 0.61±0.14 1.36±0.17 243.86
0.1-0.3 0.0-0.2 0.79±0.07 0.79±0.23 1.71±0.28 136.53
equal to 〈NH〉 = 0.55± 0.01, RMS = 0.24; the averaged value of spectral index is equal
to 〈Γ〉 = 1.54 ± 0.02, RMS = 0.32). The evolution of the source X-ray flux with the
orbital phase shows X-ray emission along all the phases, although with a difference of a
factor 3 in the flux level between two states, with a “high” state preferentially found in
the phase range 0.4 – 1.0.
7.2 The variability of LS I +61◦ 303 lightcurve
I tried to find the fast variability of the system that was previously suggested
by [223], similar to PSR B1259−63 (see Chapter 5). I used Swift data to search the
fast variability in LS I +61◦ 303 lightcurve. These data provide the lightcurve coverage
in about 10-30 ks time bins, separated by ∼ 0.1 d time intervals. The result of this
search is shown in Fig. 7.3. This figure shows that the variability of the source starts
to be significant above τ ≈ 1.5 days, where the false alarm probability curve crosses
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Figure 7.3: (left:) The probability of the variability in the LS I +61◦ 303 lightcurve
from the Swift. The 1, 3 and 5 σ confidence levels are plotted with the dot-dashed,
dashed and solid black lines correspondingly. (right:) The lightcurve of LS I +61◦ 303
over the 4 observational years period in the 1.0 – 10.0 keV band, shown together with
its averaged version.
the 3σ significance limit. Thus, my analysis doesn’t reveal any statistically significant
variability on shorter then a day timescale.
7.3 The variability of hydrogen column density of LS I
+61◦ 303
The physical properties of the disk can play a crucial role in the understanding
of the mechanisms of keV-TeV photons production. The gradual build-up and decay of
the disk can lead to the significantly different physical conditions of LS I +61◦ 303 at
the same orbital phase.
The distribution of hydrogen column density (NH) in LS I +61
◦ 303 observed by
XMM-Newton, Chandra and Suzaku is shown in Fig. 7.4. The fit to the constant function
gives a value of NH = 0.48 × 1022cm−2 with a χ2 = 458.6 for 18 degrees of freedom,
which means that this hypothesis can be rejected at the 19.6σ level. Within the simplest
model, the observed value of column density at each orbital/superorbital phase is given
by the integration of the smooth Be-type star disk density profile along the line of sight
to the observer. The presence of clumps in the wind and/or the regions with highly
or partially ionized hydrogen can, however, significantly modify the predictions for the
observed values of column density. In order to describe the available set of the data, the
model previously used by [248] was adopted. In this model the neutral hydrogen disk
126
Figure 7.4: The points correspond to Chandra, XMM-Newton and Suzaku measure-
ments ofNH at different orbital/superorbital phases. Lines illustrate the column density
behaviour predicted by the Eq. (7.1) for different size of the disk.
has an exponential density profile characteristic of an isothermal atmosphere
nD = n0 exp(−r/rD − h/hD). (7.1)
In such a simple case one can expect to see a maximum of the column density
when the compact object of the LS I +61◦ 303 crosses the periastron if an observer looks
at the system in the direction perpendicular to the disk, or when the compact object
passes the superior conjunction, if an observer is located in the orbital plane. Fig. 7.4
shows the orbital evolution of column density of LS I +61◦ 303 for different parameters
of the disk. The contribution of the galactic NH to the total NH value was chosen to be
equal to NHgal = 0.42× 1022 cm−2. The solid lines correspond to the case of inclination
i = 60◦, and the dashed one to the case of i = 30◦. As expected the orbital position of
the maximum column density shifts toward the phase of periastron, φ = 0.275 with the
decrease of the inclination of the observer.
Despite the quite extensive observations of the source during the last few years
the available data are not sufficient to answer the question about NH orbital variability.
Indeed, only XMM-Newton and Chandra observations are able to provide us with the
good values of NH , and these observations cover only small parts of the orbit at any
given superorbital phase. The combination of the data from substantially different
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superorbital phases would be misleading, as the disk density/size can vary drastically
due to described above continuous build-up/decay processes, which can blur the NH
variability even if it is present at every superorbital phase. Unfortunately, the current
data does not allow us to distinguish between these hypotheses as well as to check if
NH is following a regular profile, expected in the case of a disk with steady (or slowly
varying on superorbital time scale) profile. The X-ray observations along one orbit are
thus crucial for the understanding of the properties of Be-type star disk and the physical
mechanisms operating in this system.
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Chapter 8
Conclusions and future prospects
In this thesis, I have reported the results of X-ray and Gamma-ray observations
of PSR B1259−63 during its 2010 and 2014 periastron passages, as well as X-ray obser-
vations of LS I +61◦ 303. In my work, I have obtained the following results:
1. Detailed analysis of X-ray observations of several PSR B1259−63 periastron pas-
sages, demonstrated the stability of the source orbital light curve over long-year
timescales. This allowed me to use old and new data simultaneously in the analysis
of the orbital light curve;
2. I used the inverse-Compton scattering and synchrotron radiation mechanisms to
model the X-ray double-peaked lightcurve of PSR B1259−63 and demonstrated
that the inverse-Compton radiation of the relativistic electrons explains the data
reasonably well before the GeV flare;
3. The GeV flare of PSR B1259−63, that was discovered in 2010 and confirmed in
2014 by Fermi/LAT, gives evidence of an additional component present during the
time of the GeV flare. The perturbation of the equatorial disk leads to a situa-
tion when the pulsar is surrounded by the clumps and releases all its power inside
the system. Synchrotron cooling of the injected electrons provides additional X-
rays, and corrects the developed model to fit the data during the GeV flare as well;
4. I obtained the daily variability of PSR B1259−63 and LS I +61◦ 303. In the case
of PSR B1259−63, the variability of the source starts to be significant above τ ≈ 4
days, corresponding to rise/decay time scales of the main flares in the light curve.
Thus, my analysis disfavours the daily variability of PSR B1259−63, suggesting
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that its light curve is rather smooth. In the case of LS I +61◦ 303, the variability
of the source starts to be significant above τ ≈ 1.5 days, and I don’t confirm vari-
ability on the seconds-timescale previously reported by, e.g., [101];
5. In my thesis, I present the previously unpublished Suzaku spectra of LS I +61◦
303. These data presents evidence of the variability of column density of LS
I +61◦ 303 over orbital/superorbital phases. It is significant to note that the
NH variability versus orbital phase of LS I +61
◦ 303 was never presented before.
Systematic analysis of all available X-ray data allow to propose that the the column
density has a two-peak structure along the orbit with peaks during periastron and
superior conjunction passages. Unfortunately, the observations of the superior
conjunction and the periastron passage have never been performed during the
same orbital/superorbital phases, so that future observations are needed to test
this hypothesis.
It is significant to note that during my PhD I analyzed in total 260 X-ray ob-
servations and 8 years GeV observations for PSR B1259−63 and LS I +61◦ 303 (see
Fig. 8.1).
In future, I plan to describe the double-peaked lightcurve of PSR B1259−63 with
a more detailed model. First of all, I plan to add the influence of the disk of SS 2883 and
to model the emission from the relativistic particles from the pulsar wind taking into
account the variability of the physical conditions along the shock wave. To research the
unpredicted post-periastron GeV flare, an additional optical and TeV observations are
required. This information will be hopefully provided with new future multi-wavelength
observations of PSR B1259−63.
For a deeper understanding of the variability of NH over orbital/superorbital
phases, we need more X-ray observations. X-ray observations along one orbit are thus
crucial for the understanding of the properties of Be-type star disk and the physical
mechanisms operating in this system. Thus, my collaborators and I have submitted
observational proposals to observe LS I +61◦ 303 with XMM-Newton and Chandra fa-
cilities.
In future it will be also interesting to compare the Hα variability of LS I +61◦ 303
in detail with the variation in X-rays and γ-rays. It would be interesting to research the
discontinuity in the periodicity of the GeV γ-rays emission at periastron, the possible
relationship of its disappearance with the variation of the emission around apastron, and
finally the possible relationship between GeV and radio emission.
I plan to research in details the multiwavelength properties of other γ-ray loud
binary systems. I will also try to find more such systems looking into the correlation
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Figure 8.1: The graph of all analyzed data in my thesis for PSR B1259−63 (top) and
LS I +61◦ 303 (bottom). The value on bars corresponds to the number of observations.
between the GeV sky and distribution of the O-/Be-type stars.
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Appendix A
Monte Carlo simulations of
PSR B1259−63 spectra
Here, I present the averaged histograms of unabsorbed flux of PSR B1259−63 and their
cumulative distributions of errors for Swift (Sw1-41) and Suzaku data (Sz1-3) according
to calculations performed in Subsec. 2.7.2.
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Appendix B
Monte Carlo simulations of
XMM-Newton lightcurves
for LS I +61◦ 303.
Here, it is shown the Monte Carlo simulated lightcurves and observed XMM-Newton
lightcurves of LS I +61◦ 303.
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